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Chapter 1
 Star Formation: An Overview
 1.1 IntroductionOne of the basic tasks of science is to understand how we and the world around us havecome into existence. The thesis presented here deals with a small part of that question:how do stars form? In the eighteenth century the French astronomer Laplace askedhimself the same question, and came up with the answer we still consider essentiallycorrect today: stars form out of large clouds of gas (and dust) in interstellar spacewhich collapse under the influence of their own gravity. However, after more than twocenturies of research many important questions regarding the star formation process,and the fundamentals of planet formation, still remain unanswered. Nonetheless, therapid progress in our knowledge of star formation in the last few decades, mainly dueto the availability of a new generation of astronomical instruments, as well as a numberof surprising discoveries, show that we are now at the brink of a fundamentally betterunderstanding of the origins of our own solar system. Therefore the subject of starformation is one of the most exciting fields of astrophysics today.
 Today, the standard picture of the process of low-mass star formation (Shu et al.1987) is divided in four distinct phases. First, a number of dense cores develop withina molecular cloud. At some point, the dense cores collapse to form embedded pro-tostars which accumulate material by accretion from the surrounding cloud. As theembedded protostars accrete mass, they also lose mass due to a strong stellar wind,which eventually leads to the dispersion of the reservoir of mass from the protostellarenvelope and the end of accretion. The former protostar, now a pre-main sequencestar, begins to contract slowly, increasing its central temperature until hydrogen igni-tion takes place and it has become a stable star on the main sequence.
 Collapse of a cloud naturally leads to disk structures as material with significantangular momentum will be unable to fall directly onto the central star, and will insteadaccumulate in a rotating disk. The star can only accrete this material if the disk canshed angular momentum; as the mass moves inwards, the angular momentum hasto move outwards and be stored in larger rotating bodies like the planets in our ownsolar system. Although the detailed physics behind this is by no means clear, thereis strong observational evidence that in all astronomical objects where accretion disks
 1
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CHAPTER 1. STAR FORMATION: AN OVERVIEW
 Fig. 1.1. Schematic picture of the environment of a young stellar object. Infall ofmatter onto the circumstellar disk, accretion onto the central star and accretion-drivenoutflow are indicated by arrows [from Wood 1997].
 are formed, energetic ejecta of material along the rotation axis of the system are alsopresent. The ejecta can also carry away part of the angular momentum of the system,allowing accretion of mass onto the central object. These jets, commonly seen in youngstellar objects (YSOs), may accelerate ambient molecular material and drive a moreor less collimated bipolar molecular outflow. A schematic picture of this view of theenvironment of a YSO is shown in Fig. 1.1.
 1.2 Pre-main sequence stellar evolutionThe first numerical simulations of stellar evolution were done by Henyey et al. (1955).They followed the evolution of pre-main sequence stars to the main sequence, showingthat a young star remains nearly constant in brightness with increasing temperature asit contracts towards the main sequence. Later, Hayashi (1961) pointed out that theseevolutionary tracks were incomplete since they assumed the star would be fully ra-diative until the onset of core hydrogen burning, whereas the star would be fully con-vective prior to the radiative phase described by Henyey et al. Subsequent pre-mainsequence evolutionary computations (Hayashi 1961; Iben 1965; Larson 1969) startedat low temperature and high luminosity and are vertical in the Hertzsprung-Russell(HR) diagram until the luminosity of the star drops below the stability criterion. Atthis point, the star becomes radiative and evolves along a nearly horizontal track tothe main sequence. The starting point in these pre-main sequence evolutionary cal-culations will be determined by the outcome of the cloud collapse phase, which was
 2
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1.2. PRE-MAIN SEQUENCE STELLAR EVOLUTION
 not incorporated in these early models, but was assumed to be at low temperature andhigh luminosity. The first one to incorporate the physics of cloud collapse into a nu-merical evolution code was Shu (1977), who showed that it would start in the cloudcenter and work from the inside-out, due to the limited sound speed in the cloud. Thetimescale for this collapse would be determined by the accretion rate, which is depen-dent on the local sound speed.
 Shortly after the Shu model gained general acceptance as the standard star forma-tion scenario, Cohen & Kuhi (1979) constructed HR diagrams for several nearby starforming regions, and showed that, even in the youngest systems, there is an upperbound on the Hayashi tracks above which stars are not found. Stahler (1983) sug-gested that pre-main sequence stars would be first seen in a narrow locus, the “birth-line”, determined by the mass-radius relationship of the protostar at the end of accre-tion, and equated the birthline with the upper limit seen by Cohen & Kuhi. Stahler(1988) later showed that deuterium burning would start during the accretion processand continue until after accretion ends. This has important consequences for proto-stellar evolution, since it will keep the central object convective: the newly accretedmatter will be brought deep into the interior of the star, providing new fuel for thedeuterium burning. The situation for high-mass stars is somewhat different: the col-lapse timescale is longer than the pre-main sequence contraction timescale so that thestar reaches the main sequence before the accretion is complete. Stars more massivethan the limit for which this will be the case will not be observable in their pre-mainsequence phase. Depending on the accretion rate (which is assumed constant and in-dependent of the stellar mass in the evolutionary model computations), the mass limitat which this would happen is now estimated to be between 7 and 15 solar masses(Palla & Stahler 1992, 1993).
 With this general picture of star formation in mind, Lada & Wilking (1984) groupedinfrared sources in the � Ophiuchus cloud into three now commonly used classes,based on their spectral energy distribution (SEDs). Class I sources have strong in-frared excesses (i.e. broader than a blackbody), peaking at far-infrared wavelengths.The optical source is heavily embedded and is generally not visible in the optical. ClassII sources are stars with strong infrared excesses, but with flat or decreasing slopes (in����� ) at wavelengths longer than 2 � m. Class II sources are usually optically visible andmany show emission lines. Class III objects have decreasing slopes in their infraredenergy distribution, consistent with a reddened stellar photosphere. These sources arealso optically visible, and many still show traces of youth in their spectra. An illustra-tion of typical SEDs of these Lada classes for YSOs is given in Fig. 1.2. In recent years,some authors have extended this classification scheme by introducing Class 0 sources(e.g. Andre et al. 1999 and references therein): sources which are only visible at sub-mm wavelengths. These are believed to be the cores of parental clouds of gas and dustwhich are heated up by gravitational contraction, and in which protostars are forming.
 Adams & Shu (1985, 1986) developed models for the spectral energy distributionof protostars and showed they are consistent with Class I spectra. Adams et al. (1987)extended this argument to strengthen the connection between the sequence of ClassI, Class II, Class III and the evolutionary stages of embedded protostar, exposed pre-
 3
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CHAPTER 1. STAR FORMATION: AN OVERVIEW
 Fig. 1.2. Classification scheme for YSO spectral energy distributions [from Lada 1987].
 main sequence star with circumstellar material, and isolated pre-main sequence star.They also showed that to fit the energy distribution of a Class II source, it is essentialto include a disk in the system. While these and other models generally compare wellwith the observed shape of the SEDs, they do not agree at a high level of precision.Existing models still make too many simplifying assumptions about the geometry ofthe emitting material to achieve a high level of accuracy (see e.g. Calvet et al. 1994).
 1.3 Molecular cloudsThe regions of enhanced density in the interstellar medium known as molecular cloudsare the birthgrounds of young stars. Historically, molecular, or dark, clouds were dis-covered through the obscuration of the light of background stars by the dust associated
 4
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1.4. T TAURI STARS
 with the cloud. However, the study of molecular clouds did not reach its full growthuntil it became possible to observe mm and submm transitions of molecular speciessuch as CO and NH � (Cheung et al. 1968; Wilson et al. 1970; Kutner et al. 1977), al-lowing more detailed studies of the kinematics and distribution of the molecular gasto be made. Today, more than 100 different molecular species have been found to existin molecular clouds.
 Molecular clouds are usually divided in two groups. Most stars in our galaxy arethought to have formed in a Giant Molecular Cloud. These are located in the spiralarms of our galaxy and have masses up to 10
 �M � . The Orion complex is the best-
 known and nearest example of such a Giant Molecular Cloud. However, stars arealso found to form in smaller molecular clouds, not necessarily confined to the spiralarms, of which the Taurus-Auriga complex is the best studied example. These smallermolecular cloud complexes can probably survive one or more rotation periods of ourgalaxy and thus exist long enough to allow the star formation process to take place(e.g. Shu et al. 1973).
 The material in a molecular cloud is not distributed in a homogeneous way. Gi-ant molecular clouds are actually cloud complexes, composed of smaller clouds withmasses 10 � –10
 �M � , in which the density is an order of magnitude higher than in the
 inter-cloud medium. Myers & Benson (1983) were the first to perform a systematicsearch for denser cores of molecular gas in star forming regions. These cores, withmasses between 1 and 100 M � are now believed to be on the verge of gravitationalcollapse and eventually will form a single star. They are often clustered and may sharea common envelope.
 Star formation occurs when a clump in a molecular cloud collapses under the in-fluence of its own gravity. However, gravitational collapse is an efficient process, sofrom a theoretical point of view no such clumps should be visible if the cloud hadno means to support itself. The fact that we still observe clumps in molecular cloudsmeans that some form of cloud support must be present. It is believed that the pro-cess known as ambipolar diffusion is the main mechanism which slows down cloudcollapse. In the presence of magnetic fields, the bulk of the material, which is neutral,will still try to collapse under its own gravity. However, it will interact with a tracefraction of ionized material, supported by the magnetic field, and the neutrals can besupported against their self gravity through the frictional drag they experience as theyslip relative to the ions. Due to ion-neutral collisions, magnetic energy is slowly lostand eventually cloud collapse will take place, although at a much slower rate than ex-pected from gravity alone. For a more detailed description of the physical conditionsin molecular clouds the reader is referred to the recent work by Evans (1999).
 1.4 T Tauri StarsWhen spectrographs became available in the last century, a class of stars was found,often located in nebulous regions and showing variations in brightness, which havelate-type absorption spectra on which strong emission lines of hydrogen, calcium and
 5
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CHAPTER 1. STAR FORMATION: AN OVERVIEW
 iron are superposed. Soon after their discovery, it was speculated that these T Tauristars, named by Joy (1945) after the brightest member of the class, could be identifiedwith young stars, still contracting towards the main sequence. However, definitiveproof of their pre-main sequence nature had to wait until Walker (1956) made the firstcolour-magnitude diagrams of star forming regions that were sufficiently accurate toprove the presence of late-type stars located above the main sequence. Walker notedthat many of these pre-main sequence stars were T Tauri stars and suggested that all TTauri stars might be low-mass pre-main sequence stars.
 Since then, the T Tauri stars have been intensely studied. Optical studies of emis-sion lines have shown that matter is not only being accreted, but that some lines alsoexhibit P Cygni profiles, characteristic of mass loss. Absorption line spectra of the cen-tral late-type star often appear superposed on a blue continuous spectrum, an effectknown as veiling. After the development of UV and infrared instrumentation in the1960’s and 1970’s, it was shown that T Tauri stars also possess both excess ultravioletand infrared emission above photospheric levels. In the classification scheme of youngstars they are Class II sources. Subsequent modelling successfully explained the to-tal energy distribution of T Tauri stars as arising in a late-type star which is accretingmatter through a circumstellar disk. The infrared excess is believed to come from con-tinuum emission from gas as well as from heated dust particles in the disk. The excessultraviolet emission is believed to arise in the boundary layer between the star and thedisk, where the gas is heated to high temperatures by frictional forces. Both accretiondisk and boundary layer will give rise to the blue continuum in the optical responsi-ble for the veiling. The amount of ultraviolet excess is correlated with the strength ofthe emission lines and so does, to a lesser extent, the near-infrared part of the infraredexcess. In T Tauri stars, emission lines like the Balmer lines are usually explained asarising in a strong wind, either from the disk or from the central star, although somelines, most noticeably the forbidden atomic transitions, probably arise in the surfacelayers of the circumstellar disk. The correlation between excesses and emission linestrength therefore suggests that in T Tauri stars outflow strength depends on accretionrate.
 The advent of X-ray astronomy showed the T Tauri stars to be strong X-ray emitters,linked to strong magnetic activity (flares) on the stellar surface. It also revealed a pop-ulation of late-type field stars in star forming regions which show very weak, if any,emission lines, no ultraviolet excess, and little or no infrared excess and yet show com-parable levels of X-ray emission to the T Tauri stars. These are now usually referred toas weak-line T Tauri stars (WTTS), whereas the T Tauri stars with strong emission linesare nowadays often referred to as classical T Tauri stars (CTTS). It should be stressed,however, that in reality there exists a continuous range of emission line strengths inT Tauri stars between the extreme cases of CTTS and the WTTS, so the distinction be-tween the two groups is somewhat artificial. The distribution of WTTS and CTTS in theHR diagram was shown to be not significantly different. The discovery of the WTTSthus showed that the low-mass pre-main sequence population of star forming regionsis not limited to stars with accretion disks, but also contains stars which are essentiallystripped of all circumstellar material.
 6
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1.5. HERBIG AE/BE STARS
 From the veiling and the optical emission lines, a large spread in accretion rates(typically 10 �
 �to 10 �
 �M � yr �
 �) was derived for classical T Tauri stars of similar ages,
 suggesting that the accretion rate is not constant in time. This suggestion is confirmedby the existence of an interesting subgroup of the T Tauri stars, the FU Orionis starsor FUORS. First identified as a class of young stars with large increases (about 4 � ) inoptical light lasting several decades (Herbig 1966, 1977), they are now recognized assystems in which the mass accretion rate through the circumstellar disk increases byorders of magnitude to � 10 �
 �M � yr �
 �during a short period of time, probably due to
 thermal instabilities in the accretion disk. For further details on T Tauri and FU Orionisstars, the reader is referred to the excellent reviews by Bertout (1989) and Hartmann &Kenyon (1996).
 1.5 Herbig Ae/Be StarsSoon after Walker’s (1956) discovery that T Tauri stars are low-mass pre-main sequencestars, Herbig (1960) identified a class of “Be and Ae stars associated with nebulosity”which he suggested to be likely high-mass counterparts to the T Tauri stars on the basisof their general similarity to the T Tauri stars and their spectral similarities with eachother. For an object to be included in this class of stars, now known as Herbig Ae/Bestars (HAeBes), Herbig proposed the following membership criteria: (1) spectral typeearlier than F0, (2) presence of emission lines, (3) located in an obscured region, and (4)illuminating a fairly bright reflection nebula.
 For a long time, the pre-main sequence nature of the HAeBes was doubted be-cause the early stellar evolution models suggested that stars heavier than 3–6 solarmasses would have collapse timescales longer than the pre-main sequence contractiontimescale and would therefore not be observable in their pre-main sequence phase.This, and the fact that the proposed membership criteria would not only select youngstars, but also some classes of post-main sequence objects (as was already pointed outby Herbig himself), made an entire generation of astronomers virtually ignore the ex-istence of Herbig Ae/Be stars. Not until the recognition of the nature of the observa-tional birthline for intermediate-mass stars by Stahler in 1988, was it realized that theupper mass limit for which a star ends up on its Hayashi track, is in fact much higherthan that predicted by the early evolutionary models and intermediate-mass pre-mainsequence stars do in fact exist.
 Nonetheless, the original HAeBe membership criteria were clearly not sufficient toselect only intermediate-mass pre-main sequence stars. Also, an increasing numberof stars which clearly resembled the Herbig Ae/Be stars, but were located in moreisolated regions, were found by the IRAS satellite as well as in ground-based surveys(Hu et al. 1991; Oudmaijer et al. 1992; Bogaert 1994; The et al. 1994), so it becameevident that Herbig’s original criteria did not select all intermediate-mass young stars.Therefore many subsequent authors have re-interpreted the criteria for membershipof the Herbig Ae/Be stellar group and even use the term more loosely to indicateyoung intermediate-mass stars. Probably the most reliable membership criteria de-
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 Fig. 1.3. Lightcurve (top) and colour-magnitude diagrams (bottom) of the HerbigAe star UX Ori in the Stromgren ���
 ��� system. Data courtesy of ESO’s long-termphotometry of variables programme (Manfroid et al. 1991, 1995; Sterken et al. 1993,1995).
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 fined nowadays are those given by Waters & Waelkens (1998) in their review of HerbigAe/Be stars: (1) spectral type A or B with emission lines, (2) presence of infrared excessdue to hot or cool circumstellar dust or both, and (3) luminosity class III to V. In thethesis presented here we will adhere to this definition.
 One of the main criteria for membership of the Herbig Ae/Be stellar group is thepresence of emission lines, especially in the Balmer lines of hydrogen. Apart fromthese, many HAeBes also show lines like Ca II, O I, [O I], [N II], as well as many metalliclines in emission. The first systematic investigation of the line profiles of HAeBes wasdone by Finkenzeller & Mundt (1984), who found that most have a “double-peaked”H � profile, consisting of a, sometimes shifted, emission peak with an almost unshiftedabsorption component superposed. However, some stars with single emission peaks,as well as HAeBes which show P Cygni and inverse P Cygni profiles were also found.Later, it became clear that in at least some cases these line profiles are highly variableon time scales of days (e.g. Grinin et al. 1994).
 Most of the emission lines observed in the HAeBe spectra can be well understoodas arising in a stellar wind, although in analogy with the T Tauri stars some, mostnoticeably the forbidden atomic lines, are believed to be formed at the surface layerof the circumstellar disk. The emission lines are seen superposed on an absorptionspectrum of a stellar photosphere. Since the contrast in brightness between accretiondisk and stellar photosphere is much higher in Herbig Ae/Be stars than in T Tauristars, veiling in HAeBes is limited to a small number of extremely rapidly accretingsystems, possibly going through a prolonged FUOR-like accretion phase. However,for the vast majority of HAeBes the absorption line spectrum is entirely photospheric(e.g. Bohm & Catala 1993; Corcoran & Ray 1997).
 One of the best studied properties of the HAeBe stellar group is the photometricvariability exhibited by many, though not all, HAeBes. This may either be explainedby rotational modulation of cool spots on the stellar surface, variable accretion, or byvariable amounts of circumstellar extinction (Bibo & The 1991; Herbst et al. 1994). Aparticularly interesting subgroup of the Herbig Ae/Be stars are the UX Orionis-typestars, or UXORs. These are systems which show deep (up to ��� ��� � ), irregular, vari-ations in brightness. The aperiodic minima of UXORs have faster declines than recov-eries and there usually is a very tight correlation of the magnitude with the colours,which get redder as the star fades. This behaviour is characteristic of variable, pre-sumably circumstellar, extinction of the starlight by dust particles. During very deepminima, the photometric behaviour of UXORs may change and there is a colour rever-sal or blueing effect: the colours get bluer as the star fades even further. Furthermore,there exists a perfect anticorrelation between the brightness and the degree of linearpolarization for UXORs (e.g. Grinin et al. 1991).
 The photometric behaviour of UXORs can easily be understood by assuming thepresence of patchy dust clouds, orbiting in Keplerian orbits around the star (Wenzel1968; Grinin 1988). When such a dust cloud passes our line of sight, the light from thestar becomes fainter and redder due to extinction by the particles in the dust cloud.Sub- � m dust grains in the dust clouds will also scatter the starlight, providing a con-stant, faint, blue emission. Below some brightness, the scattered blue light will start to
 9
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 Fig. 1.4. ISO spectra of HD 100546 (top curve) compared to those of comet Hale-Bopp(middle) and lab spectra of Forsterite (bottom curve) [adapted from Malfait et al.1998].
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 dominate, and produce the observed blueing effect. The scattered light will also havea higher degree of polarization than the light that reaches us directly from the star, sothis picture will also explain the observed anticorrelation between brightness and de-gree of linear polarization. Deviations from the perfect correlation between magnitudeand colour predicted by this model can be accounted for by additional variations dueto cool spots or variable accretion. The photometric behaviour of UXORs is illustratedin Fig. 1.3, where we show a lightcurve and colour-magnitude diagrams of the UXORprototype UX Ori.
 Studies of the photometric variability of Herbig Ae/Be stars by Finkenzeller &Mundt (1984) and Bibo & The (1991) have shown that the UXOR phenomenon is lim-ited to HAeBes with a spectral type later than A0. This result is still not well under-stood. It has been suggested, however, that this is merely a selection effect (Grady etal. 1996). In Chapter 3 it will be shown that this is not the case, and we will offer an ex-planation for the fact the the UXOR phenomenon is only observed in Herbig Ae starsby showing that it is limited to giants.
 At wavelengths longer than about 1 � m HAeBe stars show strong excess emissionabove photospheric levels, due to circumstellar dust heated by the central star. Fora long time, the geometry of this material has been a controversial subject. Whereasone would expect such hot dust ( � 1500 K) to be located close to the star, where itcan only be stable in a disk-like geometry, some authors have proposed that this emis-sion arises in an extended dust shell containing very small dust grains not in thermalequilibrium with the stellar radiation field (Hartmann et al. 1993; Natta et al. 1993).However, submm interferometry in the
 � � CO 1–0 transition by Mannings & Sargent(1997) clearly show the molecular emission to be blue-shifted, indicative of approach-ing gas, on one side of the star, whereas red-shifted emission (receding gas) is strictlyconfined to the other side of the star. These results are difficult, if not impossible, to ex-plain with anything but a rotating disk-like structure, so it appears that the presence ofcircumstellar disks around HAeBes is now proven beyond doubt. However, more ex-tended envelopes are also present in some systems and will show up as an additionalcool component in the energy distribution.
 One of the most exciting recent developments in the field of Herbig Ae/Be stars isthe progress in the field of infrared spectroscopy. Ground-based spectroscopy as wellas the results from the IRAS mission have shown that both C-rich (as seen in Poly-cyclic Aromatic Hydrocarbons; PAHs) and O-rich (as seen in silicates) dust particlesare a common component in the circumstellar environment of HAeBes. In particular,many UXORs show the 10 � m amorphous silicate feature strongly in emission. How-ever, after the launch of the Infrared Space Observatory (ISO), our understanding of thecircumstellar dust in these objects has become more blurred, since it was shown thatthe exact nature of the circumstellar dust of HAeBes varies widely and dust propertiesdo not correlate well with one another (c.f. Chapter 5). An especially spectacular ISOresult is the infrared spectrum of the Herbig B9 star HD 100546 (Waelkens et al. 1996;Malfait et al. 1998; Fig. 1.4). In this object, part of the circumstellar dust must consist ofmagnesium-rich crystalline olivines, the mineral forsterite (Mg � SiO � ). This is exactlythe same material as is found in comets in our own solar system (e.g. Crovisier et al.
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CHAPTER 1. STAR FORMATION: AN OVERVIEW
 Fig. 1.5. Molecular outflow in L1157, mapped in H � 0–0 S(5) emission with ISOCAM(grey scale). Superposed are contours of the CO 2–1 emission. The circle at the bottomright corner shows the beam size of the CO observations [from Richer et al. 1999].
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 1997), suggesting that the processing of circumstellar dust in the primitive solar systembears similarity to that in HAeBes.
 The general picture of the phenomena seen in Herbig Ae/Be stars outlined above isnot significantly different from that seen towards T Tauri stars, although both groupsare fairly heterogeneous: strongly accreting HAeBes such as V380 Ori or Z CMa showa high degree of analogy to the classical T Tauri stars, whereas the HAeBe systems inwhich accretion has nearly stopped, such as AB Aur or UX Ori, are reminiscent of TTauri stars with a low degree of veiling. The influence of the fundamental differencebetween Herbig Ae/Be and T Tauri stars, the presence of a convective atmosphere,does not seem to affect the evolution of the circumstellar disk. The weak-line T Tauristars do not have a direct analogue in the formal Herbig Ae/Be stellar group, but stud-ies of the HR-diagram of young OB associations (e.g. van den Ancker et al. 1997; deWinter et al. 1997) show that typically 90% of pre-main sequence intermediate-masscluster members are not recognizable as HAeBes. These may be the analogues of theWTTS, although they cannot be easily recognized as being young in X-rays because ofthe absence of a convective envelope. As a final note, we refer the reader to the recentreviews by Perez & Grady (1997) and by Waters & Waelkens (1998) for a more detailedoverview of Herbig Ae/Be stars.
 1.6 Outflows and jetsIt has been known for a long time that mass loss is a common phenomenon in pre-main sequence stars. Optical spectra of T Tauri stars showed early on the presence ofstrong winds (Joy 1945; Herbig 1960; Kuhi 1964). In 1971, Luyten pointed out the largeproper motion of small bullets of intense nebular emission, known as Herbig-Haroobjects, associated with the dark cloud L1551. Nowadays these Herbig-Haro objectsare understood as fast-moving (a few hundred km s �
 �) bullets of shocked gas in the
 outflow of a young star. Cudworth & Herbig (1979) confirmed the Luyten (1971) resultand made several suggestions for the cause of the large proper motion, including thesuggestion that the objects were moving away from the position of the infrared sourceL1551 IRS 5.
 It is ironic that a search for infalling material around protostellar candidates resultedin the first discovery of molecular outflows. In a classic paper, Snell et al. (1980) reportedthe discovery of a bipolar CO outflow from L1551 IRS 5 and presented all of the moderncomponents of an accreting YSO system: large lobes of the molecular outflow drivenby a fast, ionized wind collimated by a thick torus of material surrounding the centralstar. Once this model was presented, many objects, in a luminosity range as wideas 0.2 to 10
 �L � , were found to drive molecular outflows. They usually have a bipolar
 morphology, but often appear poorly collimated in CO. In Fig. 1.5 we show an exampleof a bipolar molecular outflow, observed in CO in the submm and in pure rotationaltransitions of H � with ISO.
 There is strong observational evidence that accretion is linked to outflow phenom-ena. Deduced orientations of outflows are invariably found to be perpendicular to the
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CHAPTER 1. STAR FORMATION: AN OVERVIEW
 Fig. 1.6. Continuum HST images of the edge-on disks surrounding IRAS 04302+2247(top left), Orion 114-426 (top right), HH Tau (bottom left) and HK Tau/c (bottomright). Each panel is 1200 AU squared and all intensities are logarithmically scaled[from McCaughrean et al. 1999].
 Fig. 1.7. HST images of four silhouette disks in the Orion nebula. All are seen againstthe nebular H � background. Each panel is 900 AU squared [from McCaughrean &O’Dell 1996].
 14

Page 21
                        

1.7. PROTOPLANETARY DISKS
 rotation axis of an accreting source, with a good correlation between indicators of ac-cretion activity and the mass loss rate. This is an important result, since the end ofaccretion is one of the most important phases in the formation of a young star. Thepoint at which accretion stops determines the mass of the star which will develop. Theaccretion process is thought te be interrupted by the presence of a strong outflow asthe source cloud from which the circumstellar disk is being replenished is disrupted.Hence the end of accretion also marks the transition between the embedded and ex-posed phases of evolution. The transition between these two stages is apparently quiterapid, as evidenced by the lack of sources with very flat far-IR SEDs.
 Perhaps the most spectacular visual phenomena related to star formation are op-tical jets of ionized gas. These have much smaller opening angles (typically a fewdegrees) than the molecular outflows and usually show a knotty structure. They of-ten contain Herbig-Haro objects and may extend many parsecs away from the drivingsource. Occasionally they are also seen in extremely high velocity molecular mate-rial (e.g. Bachiller et al. 1990). These fast jets from YSOs are usually interpreted asaccretion-powered, centrifugally driven winds from magnetized accretion disks (e.g.Konigl & Pudritz 1999). Recent results (see for example the review by Richer et al.1999) suggest that at least for low-mass systems this jet may drive the molecular out-flow. In turn, this may accelerate ambient molecular cloud material, causing a shockif the material reaches supersonic velocities. In Chapters 7 to 10 we will study the in-frared emission line spectra of a number of YSOs and show that these are commonlydominated by material heated in such a shock.
 1.7 Protoplanetary disksAt about the same time that outflows were recognized, observational evidence wasmounting for the presence of disks in YSO systems. These disks may be present in avariety of shapes and sizes. On the largest scales, the envelope of molecular gas maybe rotating slowly around the central object. Evidence for such large scale (10 � –10
 �
 AU) bulk motions has been seen in the CO velocity fields for several embedded YSOs(see Staude & Elsasser 1993 for a review). More recent CO submm-interferometry hasalso revealed the presence of much smaller (a few hundred AU) rotating structuresaround several optically visible YSOs (Mannings & Sargent 1997), which may probethe circumstellar disk directly.
 The spectral energy distribution models of Adams & Shu (1985) implied the pres-ence of warm circumstellar disks to explain the amount of mid-IR emission. The largeobserved amounts of mid- and far-IR emission in systems with relatively low extinc-tion to the central star also imply a disk geometry. Furthermore, early millimeter con-tinuum interferometry (Keene & Masson 1990; Lay et al. 1994) revealed compact (100AU size) structures which were strongly suggestive of disks. Several systems such asL1551 IRS 5 and R Mon show evidence for axisymmetric dust distributions in the pat-tern of light reflected off nearby reflection nebulae. These patterns are explained asshadow patterns cast by a star shining through the polar regions of a disk-like struc-
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 ture. Polarization observations show that in several systems, the bulk of the emission isseen only through scattering, while the direct line of sight is heavily obscured (Bastien1989 and references therein). The shape of emission line profiles, in which only blue-shifted wings are seen, particularly in forbidden lines formed relatively far from thecentral star, are further evidence of obscuring circumstellar disks (e.g. Mundt 1984).These pieces of evidence imply the presence of moderately large disks with scales ofhundreds of AU. Recently, the Hubble Space Telescope (HST) has produced spectacularimages of disks around low-mass YSOs in the Orion nebula, seen in their direct IRemission (e.g. Beckwith et al. 1989; Chen et al. 1998), or via the shadows cast on back-ground emission (McCaughrean & O’Dell 1996). Examples of such disks are shown inFigs. 1.6 and 1.7.
 If YSO circumstellar disks can survive long enough, the dust particles in the disk areexpected to grow into km-sized bodies, planetesimals, and eventually into full-fledgedplanetary systems (Weidenschilling 1980; Weidenschilling et al. 1989; Wetherill 1990).The discovery of extrasolar planets around main sequence stars through reflex propermotions (Mayor & Queloz 1995; Marcy & Butler 1998) suggests that this is indeed acommon phenomenon. Because they are believed to be the site for planet formation,non-accreting disks around young stellar objects are often called protoplanetary disks(not to be confused with the disks in protoplanetary nebulae). An interesting conse-quence of planet formation in YSO disks is that the newly formed planet will sweepup its surrounding material and open up a gap in the disk at the radial distance ofthe planet (Artymowicz 1987; Lin et al. 1999). The size of the gap will depend on themass of the planet. These gaps in YSO disks may be observed indirectly by the deriva-tion of the surface density in the disk as a function of radial distance from modellingof the energy distribution. In the next chapter we will suggest that evidence for thepresence of disk gaps corresponding to Jupiter sized planets is present in some HerbigAe/Be stars. An interesting future prospect is that the next generation of infrared andmillimeter interferometers should be able to map these gaps directly and thus providesolid proof for the formation of planets in YSO disks.
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Chapter 2
 Hipparcos Data on Herbig Ae/Be Stars:An Evolutionary Scenario
 M.E. van den Ancker, P.S. The, H.R.E. Tjin A Djie, C. Catala, D. de Winter,P.F.C. Blondel and L.B.F.M. Waters, A&A 324, L33 (1997)
 AbstractFundamental astrophysical parameters (distance, temperature, luminosity, mass, age)of a sample of 10 Herbig Ae/Be candidates and 3 non-emission line A and B stars instar forming regions were computed combining Hipparcos parallaxes with data fromliterature. All genuine Herbig stars in our sample are located between the birthlineand the zero-age main sequence (ZAMS) in the Hertzsprung-Russell diagram (HRD),in accordance with what is expected for pre-main sequence stars. The region in theHRD close to the birthline is relatively devoid of stars when compared to the regioncloser to the ZAMS, in agreement with the expected evolutionary time scales. TheHerbig Ae/Be stars not associated with star forming regions were found to be locatedclose to the ZAMS. Additionally we discuss a possible evolutionary scenario for thecircumstellar environment of Herbig stars.
 2.1 IntroductionIn a historical paper Herbig (1960) was the first to realize that the “Be and Ae starsassociated with nebulosity” are in fact stars of intermediate mass still in their pre-mainsequence (PMS) phase of evolution: stars which have lost most of their envelope ofinfalling gas and dust, and whose energy is mainly supplied by gravitational contrac-tion. Criteria for membership of this class of stars, now more commonly known asHerbig Ae/Be (HAeBe) stars, are (The et al. 1994): (1) spectral type earlier than F8; (2)presence of emission lines; (3) presence of IR-excess in the spectral energy distribution;(4) location in or near a probable star formation region.
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 Table 2.1. Astrophysical parameters of programme stars.
 (1) (2) (3) (4) (5) (6) (7) (8) (9) (10) (11) (12) (13) (14) (15) (16) (17)HIP Other � �
 rej
 � Association �
 lit Ref. Sp. Type Ref. ��� �� � eff
 �� � ��   �� � AgeName [mas] [%] [pc] D.C. R.N. S.A. [pc] [ � ] [M� ] [Myr]
 22910 AB Aur 6.9 �1.0 0 144
 ����� � � L1519,(L1517) Tau R2 140 (1) A0Ve (11) 0.50 4.00 1.72
 ���� ��� ��� � � 2.4 �0.2 2.5 �1.0
 34116 HD 53367 4.1 �1.4 8 250
 � �� �� �� L1657 S292 CMa R1 1150 (2) B0IVe (12) 2.23 4.50 4.04
 ���� � �
 � ��� � � 13 �3 � 0.0554413 HD 97048 5.7 �0.8 0 180
 �� �� � � DC297.2-15.6 S135 CED 111 160 (3) B9–A0ep+sh (3) 1.24 4.00 1.61
 ���� ��� ��� �� 2.5 �0.2 � 2
 54557 HD 97300 5.3 �1.0 1 190
 � ���� � CED 112 160 (3) B9V (13) 1.33 4.02 1.54
 ���� � �
 � ��� � 2.5 �0.3 � 356379 HD 100546 9.7 �0.6 0 103
 � �� � (DC296.2-7.9) 170 (4) B9Vne (14) 0.28 4.02 1.51
 ���� � �
 � ��� � 2.4 �0.1 � 1058520 HD 104237 8.6 �0.5 0 116
 �!"� � Cha III 84 (4) A0Vpe (4) 0.71 3.98 1.77
 ���� � �
 � ��� � � 2.5 �0.1 2.0 �0.579080 HR 5999 4.8 �0.9 0 210
 � ��� � DC339.7+9.2 S14 Lupus 3 140 (5) A5–7III/IVe+sh (12) 0.37 3.88 1.89
 ���� � �
 � ��� � 3.1 �0.5 0.6 �0.480462 HD 147889 7.4 �1.2 0 140
 �� �� � � L1687 IC 4603 Sco R1 160 (6) B2V (15) 3.32 4.34 3.32
 ���� � �
 � ��� �� 7.5 �1.0 � 0.181624 HD 150193 6.7 �1.7 3 150
 � ��� � L1729 Sco R1 160 (6) A1Ve (16) 1.61 3.97 1.47
 ���� � � ��� �# 2.3 �0.2 � 2
 87819 HD 163296 8.2 �1.0 0 122
 � � �� �� 150 (7) A1Ve (16) 0.25 3.97 1.48
 ���� ��� ��� �� 2.3 �0.1 � 2.5
 93425 HD 176386 7.4 �1.2 0 140
 �� �� � � DC359.8-17.9 NGC 6727 130 (8) B9IV (17) 0.62 4.03 1.69
 ���� � �
 � ��� �� 2.7 �0.2 � 2100289 BD+40 4124 9.3 �2.2 18 110
 �� �� � � L888/L895 NGC 6910 Cyg R1 980 (9) B2Ve (18) 3.16 4.34 2.04
 ���� ��� ��� �# – –
 103763 HD 200775 2.3 �0.6 0 430
 � � ��� # � L1174 NGC 7023 Cep R2 440 (10) B2.5IVe (19) 1.92 4.31 3.89
 ���� � �
 � ��� � � 10 �2 0.02 �0.01
 References to Table 2.1: (1) Elias (1978); (2) Herbst et al. (1982); (3) Whittet et al. (1997); (4) Hu et al. (1989); (5) Hughes et al. (1993); (6) Whittet (1974); (7) The et al. (1985); (8)Marraco & Rydgren (1981); (9) Shevchenko et al. (1991); (10) Whitcomb et al. (1981); (11) Bohm & Catala (1993); (12) Finkenzeller (1985); (13) Rydgren (1980); (14) Houk et al.(1975); (15) Cohen (1973); (16) Houk et al. (1988); (17) Houk et al. (1982); (18) Hillenbrand et al. (1995); (19) Rogers et al. (1995).
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2.2. DATA ANALYSIS
 Later, stars were found which are not near any plausible star formation region, butshow all other characteristics of HAeBe stars. Whether these so-called isolated Her-big Ae/Be stars are young stellar objects remains controversial. Moreover, the mem-bership criteria outlined above do not uniquely select intermediate-mass pre-main se-quence stars, but will also select evolved massive stars (Davies et al. 1990) which arestill located in the region where they formed. Therefore one has to be careful in identi-fying Herbig stars with pre-main sequence objects (Herbig 1992).
 In this chapter we will derive astrophysical parameters of a sample of 10 HerbigAe/Be candidates as well as 3 non emission-line A and B-type stars in star formationregions for which the Hipparcos mission resulted in better than 3 � detections of theparallax. An attempt will be made to construct an evolutionary scenario for the cir-cumstellar environment of HaeBe stars. In Chapter 3 we will study the photometricbehaviour of the Herbig Ae/Be stellar group as a whole using the photometric data onall Herbig stars provided by Hipparcos.
 2.2 Data analysisAccurate absolute astrometry as well as photometry was obtained by Hipparcos ona sample of 38 A- and B-type stars in nearby star forming regions. This sample is asubset of a list of objects (The et al. 1982) which was accepted in 1982 by the Hipparcosconsortium and which was released to the P.I. prior to the publication of the HipparcosCatalogue (ESA 1997), in which a full description of the data products will be given.Table 2.1 lists the stars for which a better than 3 � detection of the parallax was achieved.A full analysis of the complete sample will be given in the next chapter.
 The first two columns in Table 2.1 give the Hipparcos number and the name ofeach star. The third column lists the trigonometric parallax measured by Hipparcosand the 1 � uncertainty in this (both in milliarcseconds). The fourth column lists thepercentage of measurements that had to be rejected to arrive at the solution for theparallax given in the third column. The next column in Table 2.1 gives the distance,with its 1 � uncertainty, computed from the parallax. Columns 6–8 contain names of thestar forming region in which the star is located. In column 6 an association with a darkcloud from the catalogue of Lynds (1962), or its extension to the southern hemisphere(Hartley et al. 1986) is given. When the name of the dark cloud is in parentheses, thisindicates that the star is located near the edge, so the association of the star with thecloud might be doubtful. The next column in Table 2.1 lists the reflection nebula withwhich the star is associated, whereas the 8
 ���column in Table 2.1 gives the name of a
 stellar aggregate with which the star is associated. A literature distance and a referenceto the paper in which this was derived is provided in columns 9 and 10.
 2.3 Astrophysical parametersIn order to compute the total luminosity of the sample stars, photometric data, from theultraviolet (ANS, TD1, IUE), through the optical (Walraven ����� � , Johnson/Cousins
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CHAPTER 2. HIPPARCOS DATA ON HERBIG AE/BE STARS
 Fig. 2.1. Hertzsprung-Russell diagram of Herbig Ae/Be stars with parallaxes mea-sured by Hipparcos. Open plot symbols indicate stars with ����������� . Also shown arethe theoretical pre-main sequence evolutionary tracks (solid lines and dashed lines)and the birthlines for 10 �
 �(upper dotted line) and 10 � � M � yr �
 �(lower dotted line)
 by Palla & Stahler (1993).�� ����� ) to the infrared ( ����� ������� , IRAS), were collected from literature. Sincemany of the stars show strong variations in brightness, only optical and UV data ob-tained near maximum brightness were used. The stellar luminosity, extinction and ef-fective temperature were computed following the method outlined in van den Anckeret al. (1997). This method includes a correction for a possible anomalous extinctionlaw towards the object. Since in HAeBes one often overestimates stellar temperaturesfrom UV spectra due to the presence of heated layers in the immediate surroundingsof the stars’ photospheres (e.g. Blondel & Tjin A Djie 1994), and photometric meth-ods to estimate stellar temperatures often yield erroneous results when the extinctionlaw for the circumstellar material is anomalous, as is often the case for such stars (e.g.The et al. 1996), we only use spectral types based on optical spectra (Table 2.1). Thecomputed visual extinction at maximum brightness ��� , effective temperature � �! andstellar luminosity �#" are listed in columns 13–15 of Table 2.1.
 In Figure 2.1, we plot the programme stars in the HR diagram. The error in $�%'&(� �! is about 0.05 (or one subclass in spectral type), but individual data points may havelarger errors. The error in luminosity is dominated by the error in the distance. Also
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2.4. DISCUSSION AND CONCLUSIONS
 shown in Fig. 2.1 are the pre-main sequence evolutionary tracks and the birthline (i.e.the line where a star first becomes optically visible on its evolution to the zero-agemain sequence) computed by Palla & Stahler (1993). Using these evolutionary tracksand the isochrones given by the same authors, we can make an estimate of the massesand ages of our programme stars. These are listed in the last two columns of Table 2.1.Note that for HD 200775 the given age, based on it being a pre-main sequence star, israther dubious. Given the short main sequence life time of a 10 M � star and the factthat the post-main sequence lifetime of such a star is much longer than its pre-mainsequence contraction time, it seems more likely that HD 200775 is already evolvingaway from the ZAMS, in which case its age would be around 20 Myr.
 2.4 Discussion and conclusionsThe observed distribution of stars fits well with what is expected for pre-main sequencestars: they are almost all located between (or at) the zero-age main sequence (ZAMS)and the birthline. There is a good correlation between the luminosity class (Table 2.1)and the position in the HRD: All giants are located to the right of the ZAMS. The clus-tering of stars around the evolutionary track of mass 2.5 M � in Fig. 2.1 is probably dueto a selection effect: There are no Herbig Be stars in the nearest star forming regions.Since the pre-main sequence evolution of B-type stars proceeds much faster than thoseof their A-type counterparts this could reflect a difference in age between nearby andmore distant star forming regions.
 Peculiar is the position of BD+40 � 4124 in Fig. 2.1, far below the ZAMS. Such a po-sition seems impossible for a young stellar object. BD+40 � 4124 illuminates a reflectionnebula, in which many other young stellar objects can be found (Hillenbrand et al.1995), so the possibility of this being an extremely rare evolved object seen projectedtowards a star forming region can be excluded. Therefore one or more of our assump-tions used for deriving this position in the HRD must be wrong. Different authorsin literature agree well on the spectral type of BD+40 � 4124, B2–3e. Also, a spectraltype which would place it near the zero-age main sequence is not compatible withthe observed spectral energy distribution. However, the distance as measured by Hip-parcos (110 � ���
 ���� pc) differs greatly from the literature value of the distance to the star
 forming region in which BD+40 � 4124 is located (1000 pc). Therefore we conclude that,although formally the Hipparcos data products give a 4 � detection for the parallaxof BD+40 � 4124, this must be wrong. We note that for BD+40 � 4124 and HD 53367 thepercentage of measurements that was rejected to arrive at the solution for the trigono-metric parallax given in the Hipparcos Catalogue is very high, � � ����� ��� (indicatedby open circles in Fig. 2.1). Furthermore, BD+40 � 4124 was flagged as a variability in-duced mover in the Hipparcos Catalogue, most probably indicating problems with theastrometric solution. This case may reflect the difficulty of parallax determinations byHipparcos in nebulous regions. For HD 53367 the discrepancy between the literatureand Hipparcos distance that can be seen in Table 2.1 is statistically hardly significant.
 A fair number of stars in our sample cluster around the 2.5 M � track (Fig. 2.1). This
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CHAPTER 2. HIPPARCOS DATA ON HERBIG AE/BE STARS
 Fig. 2.2. Observed (squares) and extinction-corrected (circles) SEDs for (a) HD 104237,(b) AB Aur, (c) HD 100546, (d) � Pic. Also shown are Kurucz (1991) models fitted tothe extinction-corrected SEDs.
 allows us to construct an evolutionary sequence for their circumstellar environment.We select the objects HD 104237, AB Aur and HD 100546 for which reliable ages wereestimated (Table 2.1), and plot their spectral energy distributions (SEDs) in Figure 2.2.Included in Figure 2.2 is the SED of � Pic which is even older than HD 100546 (Crifoet al. 1997), but has a slightly lower mass. The younger stars in our sample have SEDsthat tend to be more or less flat in the infrared, whereas for the more evolved ones thedust excess tends to have a double-peaked structure, with a broad dip in the energydistribution around 10 � m. Extrapolating such a behaviour, we would expect to end upwith a higher-mass equivalent of a star like � Pic. Interestingly, Waelkens et al. (1992)showed that the SEDs of Herbig stars can be classified as “flat” or “double-peaked”in the infrared and proposed an evolutionary scenario in which a broad dip around10 � m develops with time. The ages derived from the Hipparcos data are consistentwith such a scenario.
 Spectroscopic evidence for evolution of the circumstellar dust component comesfrom observations with the Infrared Space Observatory ISO (Waelkens et al. 1996): HD 100546shows a strong crystalline silicate component, similar to those seen in the ground-based 10 � m spectra of � Pic (Knacke et al. 1993) and of comets (Hanner et al. 1994).A recent ISO spectrum of the comet Hale-Bopp also shows strong crystalline silicates(Crovisier et al. 1997). In contrast, the object HD 104237 shows little evidence forsuch a crystalline dust component (Malfait, private communication). The occurrence
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 of crystalline dust is an indication for the degree of “processing” which the circumstel-lar material underwent after accretion from the molecular cloud, and is thus a measureof age. We find that for the small sample discussed here, the age derived from Hippar-cos is consistent with the degree of processing seen in the ISO spectra.
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Chapter 3
 Hipparcos Photometry of Herbig Ae/BeStars
 M.E. van den Ancker, D. de Winter and H.R.E. Tjin A Djie,A&A 330, 145 (1998)
 AbstractThe photometric behaviour of a sample of 44 Herbig Ae/Be (HAeBe) candidate starswas studied using a uniform set of optical photometry obtained by the Hipparcosmission. Astrophysical parameters (distance, temperature, luminosity, mass, age) ofthis sample of stars were derived as well by combining the astrometric data providedby Hipparcos with data from literature. Our main conclusions can be summarizedas follows: (1) More than 65% of all HAeBe stars show photometric variations withan amplitude larger than 0 �� 05; (2) HAeBes with a spectral type earlier than A0 onlyshow moderate (amplitude � 0 �� 5) variations, whereas those of later spectral typecan (but not necessarily have to) show variations of more than 2 �� 5. We explain thisbehaviour as being due to the fact that stars with lower masses become optically vis-ible, and hence recognizable as Herbig Ae stars, while still contracting towards thezero-age main sequence (ZAMS), whereas their more massive counterparts only be-come optically visible after having reached the ZAMS; (3) The Herbig stars with thesmallest infrared excesses do not show large photometric variations. This can be un-derstood by identifying the stars with lower infrared excesses with the more evolvedobjects in our sample; (4) No correlation between the level of photometric variabilityand the stellar �������� could be found. If the large photometric variations are due tovariable amounts of extinction by dust clouds in the equatorial plane of the system,the evolutionary effects probably disturb the expected correlation between the two.
 3.1 IntroductionLately, the group of Herbig Ae/Be (HAeBe) stars, objects which are believed to beintermediate mass (2–10 M � ) stars still in their phase of pre-main sequence (PMS) con-
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CHAPTER 3. HIPPARCOS PHOTOMETRY OF HERBIG AE/BE STARS
 traction, has received a great deal of interest. In his original paper, Herbig (1960a)selected a sample of candidate intermediate-mass young stellar objects with the fol-lowing properties: (1) spectral type earlier than F0; (2) presence of emission lines; (3)location in an obscured region; (4) association with a fairly bright reflection nebula.Later, these criteria were extended to include less massive stars, as well as stars whichare situated in more isolated regions. Nowadays, some authors also include stars with-out strong emission lines in samples of HAeBe stars (Malfait et al. 1998), making thedistinction with the Vega-type stars somewhat vague. Here, we will adopt the fol-lowing criteria for inclusion of stars in our sample: (1) spectral type B, A or F; (2)luminosity class III–V; (3) emission component(s) in H � ; (4) presence of infrared emis-sion due to circumstellar dust. The first two criteria will eliminate most confusion withevolved objects, the third characteristic will eliminate confusion with Vega-type stars,and the last criterion will exclude the classical Be stars from our sample. Yet these cri-teria may still select a small fraction of evolved massive stars, so one has to be carefulin identifying HAeBe stars with PMS objects.
 One of the best studied characteristics of the group of HAeBe stars is their photo-metric behaviour. A significant fraction of HAeBes shows usually irregular variationsup to several magnitudes in the visual. These have been explained using several mod-els. The large ( � 0 �
 � 5) irregular variations in brightness seen in the UXOR subgroup(named after their prototype UX Ori) of the Herbig stars, with a typical time scale ofweeks, can be explained as being due to variable amounts of extinction by, presum-ably circumstellar, dust of the starlight (e.g. Bibo & The 1991). Superimposed on this,variations on the 0 �
 � 1 level, with a time scale from hours to days, can be explained asdue to clumpy accretion (Perez et al. 1992) or as due to chromospheric activity (starspots; Catala et al. 1993). More regular variations at the millimagnitude level havebeen explained as caused by stellar pulsations when a PMS star is in the same insta-bility strip in the Hertzsprung-Russell diagram (HRD) as the evolved � Scuti objects(Kurtz & Marang 1995).
 In Chapter 2 we studied fundamental astrophysical parameters of a small sampleof HAeBe stars using Hipparcos data, released to the P.I. prior to the publication of theHipparcos Catalogue (ESA 1997). In addition to measuring astrometric data, the Hip-parcos mission also resulted in roughly one hundred optical broadband photometricmeasurements for each of these targets (van Leeuwen et al. 1997). The recent releaseof the final version of the Hipparcos Catalogue makes it possible to use these data tostudy the photometric behaviour of the HAeBe stellar group as a whole in a more sys-tematic and unbiased way than has been done so far. In this chapter we will thereforestudy the level of photometric variability on time scales up to a few years for all HAeBecandidates identified up to date, included in the Hipparcos Catalogue.
 3.2 Data analysisOur initial sample of stars to include in the present study consisted of all HAeBe can-didates from the catalogue of The et al. (1994), measured by Hipparcos, together with
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 all emission-line stars from the sample of HAeBe and Vega-type stars from the papersby Sylvester et al. (1996), Grady et al. (1996) and Malfait et al. (1998), as well as afew individual probable HAeBes which were overlooked in these studies. In goingthrough the literature for all these stars, it was noted that several of the stars includedin this sample are probably not young stars, although they fulfill all membership cri-teria of the HAeBe class: � Ori most definitely is a classical Be star with a history ofmass loss (Sonneborn et al. 1988). HD 76534 was suggested to be a classical Be star aswell (Oudmaijer & Drew 1997) since it does not have the significant near-IR excess dueto hot circumstellar dust found in most HAeBes. A similar conclusion was reached forBD+41 � 3731 by Bernacca et al. (1995). Our analysis of literature data showed that thesame applies for the stars GU CMa, HD 53367 and IL Cep. HD 283817 was shown tobe a post-main sequence binary system (Martın 1993), and not a pre-main sequencemember of the Taurus-Auriga complex, as suggested by Walter et al. (1990). This isconfirmed by the lower limit on the distance towards this star measured by Hipparcos.MWC 137 was once believed to be a Planetary Nebula (Acker et al. 1987), and its truenature is still disputed. The PMS nature of many stars showing B[e] characteristics,like HD 45677 or HD 50138, remains controversial as well. Furthermore, several starsincluded in the previous studies of HAeBe stars were found to have masses, obtainedfrom their position in the HRD or from literature data, which put them in the rangeof T Tauris (taken as less massive than 1.5 M � ), rather than HAeBes. Although youngobjects as well, these low-mass stars do not belong in an analysis aimed at studying thePMS evolution of intermediate-mass stars. Hence, all these stars were not included inour analysis. An overview of our complete sample and the main results of the Hippar-cos measurements are given in Table 3.1. In the remainder of this chapter we will onlyindicate the probable HAeBe candidates from this Table when referring to our sample.
 The first two columns in Table 3.1 list the number of the star in the Hipparcos Cata-logue and a more common identifier. The third column lists the trigonometric parallaxmeasured by Hipparcos and the 1 � uncertainty in this (both in milliarcseconds). Thefourth column lists the percentage of measurements that had to be rejected to arrive atthe solution for the parallax. In case this percentage is high, the error in the listed par-allax can be much higher than that given by the formal standard deviation (Chapter 2).The fifth column in Table 3.1 gives the distance, with its 1 � uncertainty, computedfrom the parallax in the 17 cases in which a 3 � detection was achieved by Hipparcos.In other cases, a 3 � lower limit on the distance is indicated. A dash in this columnindicates stars with � � � � � ��� , for which the astrometric data was excluded from ourdiscussion. Note that the distances listed in column 6 are simply the inverse of thelisted parallax. No correction for the Lutz-Kelker effect (Lutz & Kelker 1973) was ap-plied because this correction will depend on the distribution of the true distances ofthe sample under consideration (Brown et al. 1997; Oudmaijer et al. 1998), which isessentially unknown for a sample of stars not only concentrated towards galactic star-forming regions, but also selected on historical (i.e. studied previously in literature)rather than on more rational grounds. Since we are only considering cases in whichthe Hipparcos mission resulted in a better than 3 � detection of the parallax, the correc-
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CHAPTER 3. HIPPARCOS PHOTOMETRY OF HERBIG AE/BE STARS
 Table 3.1. Astrophysical parameters of programme stars.Probable Herbig Ae/Be candidates
 (1) (2) (3) (4) (5) (6) (7) (8) (9) (10) (11) (12)HIP Name � �
 rej � Association � lit Ref. � p,min. � ���[mas] [%] [pc] D.C. B.N. S.A. [pc] [ � ] [ � ]
 3401 V594 Cas 3.3(1.6) 0 � 120 L1302 NGC 225 RSF1 Cas 650 (1) 10.45 0.3616243 BD+30 549 2.6(1.9) 2 � 120 L1450,L1452 NGC 1333 Per R1 350 (2) 10.48 0.1317890 XY Per 8.3(3.5) 17 – L1442,L1449 Anon. RSF Per B 350 (2) 9.23 0.3822910 AB Aur 6.9(1.0) 0 144 ��� ����� L1519,(L1517) Anon. Tau R2 140 (3) 7.06 0.0623143 HD 31648 7.6(1.2) 0 131 ��������� 7.75 0.1123602 UX Ori 0.6(2.5) 0 � 130 (L1616) Anon. 10.12 1.2124552 HD 34282 6.1(1.6) 2 160 ����� ��� 9.87 0.7725253 HD 35187 6.7(2.5) 7 – 7.85 0.2125299 V346 Ori 1.6(2.0) 0 � 130 (Anon.) Ori OB1 a 400 (4) 10.21 0.1425540 CO Ori � 1.8(2.8) 0 � 120 C54 10.47 1.2825546 HD 35929 0.9(0.9) 2 � 360 (L1641) Ori OB1 c 430 (4) 8.19 0.0525793 HD 36112 4.9(1.2) 0 200 ����� ��� 8.33 0.0626327 V380 Ori 3.7(5.5) 8 – L1641 NGC 1999 Ori OB1 c 430 (4) 10.26 0.3326403 BF Ori � 0.7(1.8) 0 � 210 L1641 NGC 1980 Ori OB1 c 430 (4) 9.70 2.4926752 HD 37806 1.1(1.1) 0 � 230 L1630 (Anon.) Ori OB1 b1 500 (4) 7.91 0.0727059 V351 Ori 3.5(1.6) 2 � 210 L1630 Ori OB1 b1 500 (4) 8.91 0.1428582 HD 250550 1.7(1.5) 0 � 160 L1586,L1587 Gem OB1 280 (5) 9.49 0.1031042 HD 46060 4.6(2.5) 10 – Anon. Mon R2 760 (6) 8.85 0.1531235 HD 259431 3.5(1.4) 0 � 130 L1605 NGC 2247 Mon R1 800 (7) 8.67 0.0834042 Z CMa � 0.9(2.2) 0 � 180 L1657 S295 CMa R1 1150 (7) 9.56 0.4735488 NX Pup 2.0(2.4) 33 – DC256.2-14.4 Anon. 450 (8) 9.55 1.1836068 HD 58647 3.6(0.8) 1 280 � ���� � 6.85 0.0348269 HD 85567 1.0(0.7) 1 � 480 (DC281.7-4.4) 8.54 0.0654413 HD 97048 5.7(0.8) 0 180 � ��� ��� DC297.2-15.6 S135 CED 111 160 (9) 8.50 0.0555537 HD 98922 1.0(0.6) 0 � 540 (DC288.3+7.3) 6.77 0.0456379 HD 100546 9.7(0.6) 0 103 �� � (DC296.2-7.9) 170 (10) 6.68 0.1958520 HD 104237 8.6(0.5) 0 116 ���� Cha III 84 (10) 6.59 0.1177542 HD 141569 10.1(0.8) 2 99 ����� (L169) Anon. 7.14 0.0378092 HD 142527 5.0(1.2) 0 200 ����� ��� Anon. 8.42 0.0978943 HD 144432 4.0(1.5) 0 � 200 Sco R1 8.24 0.0579080 HR 5999 4.8(0.9) 0 210 � ��  �� DC339.7+9.2 S14 Lupus 3 270 (11) 6.87 1.0281624 HD 150193 6.7(1.7) 3 150 � ��  �� L1729 Sco R1 160 (12) 8.91 0.0582747 AK Sco 6.9(1.4) 0 150 �����  �� DC348.0+3.7 200 (13) 9.01 0.6085755 51 Oph 7.7(0.9) 0 131 ������   4.79 0.0287819 HD 163296 8.2(1.0) 0 122 ������   6.88 0.0790617 V431 Sct � 2.1(4.2) 6 – (L481) 11.41 0.6093449 R CrA 122(68) 5 – DC359.9-17.9 NGC 6729 130 (14) 10.63 1.6794260 HD 179218 4.1(0.9) 0 240 � �� ��� (L693) 7.41 0.0398719 V1295 Aql 0.2(1.1) 2 � 290 7.85 0.05
 100289 BD+40 4124 9.3(2.2) 18 – L888/L895 NGC 6910 Cyg R1 980 (15) 10.47 0.26103763 HD 200775 2.3(0.6) 0 430 � ���� ��� L1174 NGC 7023 Cep R2 440 (16) 7.39 0.04107207 V361 Cep 3.0(6.1) 0 � 50 NGC 7129 1250 (17) 10.85 0.13107983 BD+46 3471 � 0.8(1.5) 0 � 280 L1055 S125 (IC 5146) 900 (18) 10.17 0.11114995 MWC 1080 � 7.0(3.3) 6 – L1238 S158 2200 (19) 11.31 0.39
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 (13) (14) (15) (16) (17) (18) (19) (20) (21) (22) (23) (24) (25) (26)��� Var. Sp. Type Ref. H � Ref. ��� ��� Ref. �� ������� eff �������������� � log(Age) Remarks[km s ��� ] [ � ] [M � ] [yr]
 167 � B8eq (20) P (46) 55(5) (46) 2.14 4.08 � 1.1383 B8Vpe (21) 1.89 4.08 � 0.9399 � A2II+B6e (22) D (46) 95+130 (62) 2.26 4.15 – vis. bin.40 � A0Ve+sh (23) P (46) 80(5) (46) 0.50 3.98 1.68 �� � �  � � � ��� 2.4(2) 6.3(2)44 � A3ep+sh (24) P (47) 0.25 3.94 1.51 �� � ���� � � �   2.2(3) 6.4(2)73 � A3IIIe (25) D (48) 70(6) (46) 0.37 3.93 � 0.4079 � A0e (26) 0.59 3.98 0.68 �� � � �� � � � � – –68 � A2–3IV/Ve (27) D (27) 105(9) (46) 0.65 3.95 – vis. bin.
 141 � A5III:e (28) S (49) 0.43 3.91 � 0.2166 � F9:e (29) P (50) 1.83 3.79 � 0.53 vis. bin.85 F0IIIe (29) S (51) 150(30) (49) 0.40 3.86 � 1.9277 A5IVe (30) S (52) 0.22 3.91 1.35 �� � ���� � � ��� 2.0(3) 6.5(3)98 � A1:e (22) S (50) 1.43 3.97 – IR bin.92 � A5–6IIIe (29) D (49) 100(10) (46) 0.26 3.90 � 0.56
 128 � A2Vpe (31) D (53) 120(30) (46) 0.03 3.95 � 1.5162 � A7 IIIe (32) D (32) 0.50 3.88 � 1.1477 B4–5IIIe (29) P (54) 110(9) (46) 0.71 4.20 � 1.33
 176 � B3ne (21) 1.61 4.27 –58 B1Ve (29) D (55) 90(8) (46) 1.61 4.41 � 2.3778 � F6IIIe (29) P (50) ! 130: (63) 2.42 3.80 � 1.72 IR bin.
 107 � A9–F0Ve (20) D (49) 120(10) (46) 0.59 3.87 – vis. bin.97 B9IVe (26) D (49) 280(50) (49) 0.50 4.03 2.48 �� � ���� � � ��� 4.2(6) 5.2(4)
 133 � B7–8Ve (29) P (51) 0.81 4.10 � 2.54106 B9–A0ep+sh (33) P (51) 140(20) (46) 1.24 4.00 1.61 �� � �  � � � � � 2.5(2) � 6.3165 � B9Ve (34) P (51) 0.34 4.02 � 2.96 Sp. bin.131 � B9Vne (35) D (49) 250(50) (49) 0.28 4.02 1.51 �� � ���� � � � � 2.4(1) � 7.0134 � A4IVe+sh (29) D (51) 0.31 3.93 1.55 �� � ���� � � � � 2.3(1) 6.3(1)91 B9.5Ve (36) D (56) 236(9) (27) 0.47 4.00 1.35 �� � � �� � � � � 2.3(1) � 7.0 IR bin.91 � F7IIIe (29) S (51) 1.49 3.80 1.84 �� � �� � � � � � 3.5(6) 5.0(5)
 102 A5Ve (29) D (57) 74(2) (27) 0.56 3.91 � 1.48126 � A5–7III/IVe+sh (37) D (58) 180(20) (19) 0.47 3.90 1.93 �� � � �� � � � � 3.2(5) 5.7(3) vis. bin.94 A1Ve (38) D (51) 100(30) (20) 1.61 3.97 1.47 �� � � �� � � � � 2.3(2) � 6.3 vis. bin.55 � F5+F5IVe (13) C (51) 19(1) (13) 0.62 3.81 0.88 �� � ���� � � � � – – Sp. bin.66 B9.5Vne (39) D (51) 267(5) (27) 0.15 4.00 2.39 �� � ���� � � ��� 4.0(3) 5.5(2)95 � A1Ve (38) D (59) 120(30) (20) 0.25 3.97 1.48 �� � � �� � � � � 2.3(1) 6.6(4)35 B1e (40) – 4.05 –69 � A1e–F7e var (29) D (50) 1.64 3.93 – Sp. var.77 B9e (41) 60(6) (64) 1.27 4.02 2.50 �� � ���� � � ��� 4.3(5) 5.0(6)
 100 � A2IIIe (42) P (42) 0.19 3.95 � 1.80129 � B2Ve (43) C (60) 180(20) (20) 3.16 4.34 – IR bin.108 � B2.5IVe (44) D (61) 40(4) (46) 1.92 4.31 3.89 �� � ���� � � � � 10(2) 4.2(3) IR bin.49 B3ne (20) D (46) 180(50) (46) 1.89 4.27 � 0.71
 110 A4e+sh (20) P (46) 150(12) (46) 0.90 3.93 � 1.17104 � B0e (45) P (60) 100(30) (62) 5.27 4.48 – vis. bin.
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 Table 3.1. (Continued)Low-mass young stellar objects
 (1) (2) (3) (4) (5) (6) (7) (8) (9) (10) (11) (12)HIP Name � �
 rej � Association � lit Ref. � p,min. � � �[mas] [%] [pc] D.C. B.N. S.A. [pc] [ � ] [ � ]
 24855 HD 34700 0.9(1.8) 0 � 180 9.29 0.0526295 CQ Tau 10.1(2.0) 0 100 �� ������ Tau T4 130 (65) 9.96 1.0758285 T Cha 15.1(3.3) 0 66 � ���� � DC300.2-16.9 Cha I 160 (9) 10.73 2.69
 Isolated B[e] stars(1) (2) (3) (4) (5) (6) (7) (8) (9) (10) (11) (12)
 HIP Name � �rej � Association � lit Ref. � p,min. � � �
 [mas] [%] [pc] D.C. B.N. S.A. [pc] [ � ] [ � ]
 30800 HD 45677 2.8(1.1) 0 � 300 7.89 0.4632923 HD 50138 3.5(0.8) 0 290 ������� � 6.55 0.1053444 GG Car � 1.8(1.7) 2 � 200 8.59 0.4263547 CD � 48 7859 � 1.6(2.3) 3 � 140 10.52 0.1887136 HD 316285 � 0.1(1.5) 0 � 220 L34 8.93 0.13
 Stars lacking evidence for circumstellar dust(1) (2) (3) (4) (5) (6) (7) (8) (9) (10) (11) (12)
 HIP Name � �rej � Association � lit Ref. � p,min. � � �
 [mas] [%] [pc] D.C. B.N. S.A. [pc] [ � ] [ � ]
 21768 HD 283817 2.5(1.8) 0 � 180 L1538 Tau R2 140 (3) 10.46 0.1626594 � Ori 2.0(0.9) 2 � 210 DG 70 Ori OB1 a 400 (4) 4.44 0.0928816 17 Lep 3.1(0.7) 0 330 ����� ��� Anon. 44 (75) 4.96 0.0525950 HD 36408 2.9(1.6) 7 – 5.49 0.0729988 MWC 137 � 4.5(4.5) 0 � 110 (L1586,L1587) S266 1100 (76) 11.78 0.1733868 GU CMa 1.1(1.7) 10 – L1657 S293 CMa R1 1150 (7) 6.52 0.2234116 HD 53367 4.1(1.4) 8 – L1657 S292 CMa R1 1150 (7) 7.03 0.2443792 HD 76534 2.4(1.3) 1 � 160 DC264.3+1.5 Anon. Vela R2 830 (77) 8.04 0.0872616 HD 130437 � 0.6(1.9) 0 � 180 DC318.2-0.6 9.91 0.15
 100628 BD+41 3731 0.4(1.2) 3 � 260 L895 NGC 6914 Cyg R1 980 (15) 9.87 0.09113017 IL Cep 1.2(1.7) 1 � 160 L1216 DG188 Cep OB3 690 (78) 9.28 0.08
 S: Single Peak H � profile; D: Double-peaked; P: P-Cygni or inverse P-Cygni profile; C: Complex H � profile.
 References to Table 3.1: (1) Hagen (1970); (2) Herbertz et al. (1991); (3) Elias (1978); (4) Warren & Hesser (1978); (5) Canto et al.(1984); (6) Kutner et al. (1980); (7) Herbst et al. (1982); (8) Brandt et al. (1971); (9) Whittet et al. (1997); (10) Hu et al. (1989);(11) The & Tjin A Djie (1978); (12) Whittet (1974); (13) Andersen et al. (1989); (14) Marraco & Rydgren (1981); (15) Shevchenko etal. (1991); (16) Whitcomb et al. (1981); (17) Shevchenko & Yabukov (1989); (18) Dobashi et al. (1994); (19) Levreault (1988); (20)Finkenzeller (1985); (21) Racine (1968); (22) Finkenzeller & Mundt (1984); (23) Bohm & Catala (1993); (24) Jaschek et al. (1991);(25) Timoshenko (1985); (26) Cannon & Mayall (1949); (27) Dunkin et al. (1997); (28) Herbig (1960b); (29) de Winter, D., personalcommunication; (30) Houk, N. 1995, personal communication with B. Zuckerman; (31) Guetter (1981); (32) van den Ancker et al.(1996); (33) Whittet et al. (1987); (34) Houk (1978); (35) Houk & Cowley (1975); (36) Jaschek & Jaschek (1992); (37) Tjin A Djie et al.(1989); (38) Houk & Smith-Moore (1988); (39) Abt & Morrell (1995); (40) Kukarkin (1974); (41) Slettebak (1966); (42) Ringuelet et
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 (13) (14) (15) (16) (17) (18) (19) (20) (21) (22) (23) (24) (25) (26)� � Var. Sp. Type Ref. H � Ref. ��� �� Ref. �   ������ eff ������ � ����� � log(Age) Remarks[km s ��� ] [ � ] [M � ] [yr]
 74 � G0Ve (26) S (52) 0.68 3.78 � 1.2390 � A1–F5IVe (66) D (46) 110(20) (46) 0.96 3.84 �
 ��� � � �� � � �� � � � � – –91 � G2:e (29) P (67) 48(10) (68) 1.64 3.77 0.13 �� � ���� � � ��� 1.1(2) � 7.1
 (13) (14) (15) (16) (17) (18) (19) (20) (21) (22) (23) (24) (25) (26)� � Var. Sp. Type Ref. H � Ref. ��� �� Ref. �   ������ eff �������������� � log(Age) Remarks[km s ��� ] [ � ] [M � ] [yr]
 116 � B2III–V[e] (69) D (71) 70(20) (73) 0.87 4.33 � 2.6082 � B5V[e] (29) D (72) 150 (74) 0.59 4.19 2.85 �� � �� � � � ��� 5.0(1.0) 5.0(5)
 124 � B0–2[e]+K3: (70) D (51) 2.57 4.41 � 3.17 vis. bin.161 � B6:III[e] (29) S (51) 0.74 4.15 � 0.7261 � B0[e]+sh (70) 6.29 4.48 � 4.74 vis. bin.
 (13) (14) (15) (16) (17) (18) (19) (20) (21) (22) (23) (24) (25) (26)� � Var. Sp. Type Ref. H � Ref. ��� �� Ref. �   ������ eff �������������� � log(Age) Remarks[km s ��� ] [ � ] [M � ] [yr]
 74 � A3e (79) 3.41 3.94 � 1.72 Sp. bin.76 � B3IIIe (80) D (22) 160(20) (20) 0.28 4.23 � 3.42
 195 � A1Ve+sh+M3III (81) P (81) 105(30) (39) 0.20 3.97 3.21 �� � � �� � � ��� – – Sp. bin.95 � B7III+B7IV (82) S (84) 60+300 (82) 0.28 4.12 – vis. bin.59 Bep (83) S (22) 4.53 4.48 � 2.2581 � B2Vne (22) D (58) 400(40) (20) 0.87 4.34 – vis. bin.78 � B0IVe (20) S (22) 30(15) 2.23 4.50 – vis. bin.
 120 � B2ne (20) D (85) 110(40) (20) 1.21 4.34 � 2.48 vis. bin.140 � O8–B0ep (29) 3.22 4.52 � 3.04112 B2ne (20) S (60) 300(20) (20) 1.02 4.34 � 2.01 IR bin.112 � B3e (20) D (46) 190(15) (46) 2.88 4.27 � 2.53 vis. bin.
 al. (1987); (43) Hillenbrand et al. (1995); (44) Rogers et al. (1995); (45) Cohen & Kuhi (1979); (46) Bohm & Catala (1995); (47)Morrison, N.D. private communication; (48) Grinin et al. (1994); (49) Grady et al. (1996); (50) Reipurth et al. (1996); (51) van denAncker, M.E., unpublished spectra Coude Auxiliary Telescope, La Silla; (52) Zuckerman (1994); (53) Pogodin (1986); (54) Hamann& Persson (1992); (55) Vieira & Cunha (1994); (56) Andrillat et al. (1990); (57) Perez et al. (1997); (58) Praderie et al. (1991); (59)Pogodin (1994); (60) Fernandez et al. (1995); (61) Beskrovnaya et al. (1994); (62) Herbig & Bell (1988); (63) Davis et al. (1983); (64)Bernacca & Perinotto (1970); (65) Artyukhina (1959); (66) Koval’chuk & Pugach (1992); (67) Alcala et al. (1994); (68) Chavarria etal. (1989); (69) Feinstein et al. (1976); (70) Lopes et al. (1992); (71) de Winter & van den Ancker (1997); (72) Pogodin (1997); (73)Israelian & Musaev (1997); (74) Houziaux (1960); (75) Jenkins (1952); (76) Cahn et al. (1992); (77) Herbst (1975); (78) Mel’nikov etal. (1995); (79) Walter et al. (1990); (80) Danks & Dennefeld (1994); (81) Welty & Wade (1995); (82) Levato (1975); (83) Sabbadin &Hamzaoglu (1981); (84) Wackerling (1970); (85) Oudmaijer & Drew (1997).
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 tion for the Lutz-Kelker effect is expected to be small and will not seriously affect ourresults.
 Columns 6–8 in Table 3.1 contain names of the star forming region in which the staris located (although one has to keep in mind that this could be a projection effect). Incolumn 6 an association with a dark cloud from the catalogue of Lynds (1962), or itsextension to the southern hemisphere (Hartley et al. 1986) is given. When the name ofthe dark cloud is in parentheses, this indicates that the star is located near the edge, sothe association of the star with the cloud might be doubtful. In Table 3.1 some stars areassociated with several dark clouds. These are local density enhancements in a largercomplex, which were given separate designations in the Lynds catalogue.
 The next column in Table 3.1 lists the reflection nebula with which the star is associ-ated, taken from the catalogue of bright nebulae by Lynds (1965). The S-designations inthis column refer to the catalogue of H II regions by Sharpless (1959), the DG designa-tions refer to the paper by Dorschner & Gurtler (1963) and the C-designations are fromthe catalogue of diffuse galactic nebulae by Cederblad (1956). In a number of cases abright nebula is clearly seen in the immediate surroundings of the star on Digital SkySurvey images of the region, but no designation for this nebula could be found. Inthese cases the 7
 ���column in Table 3.1 lists “Anon.”. The 8
 � �column in Table 3.1 gives
 the name of a stellar aggregate with which the star is associated. A literature distanceto the dark cloud, reflection nebula or stellar aggregate and a reference to the paper inwhich this was derived are provided in columns 9 and 10.
 For all stars the Hipparcos satellite obtained broadband (3500–8500 A) photome-try at an effective wavelength of 5275 A at some 100 distinct epochs during the 37months (from 1989.85 to 1993.21) of its mission. These observations were made by aphoton-counting image dissector tube with an instantaneous field of view of 30
 � �
 di-ameter. Because attenuation of the image dissector tube started at about 5
 � �
 from thecenter, a more realistic estimate of the spatial resolution of these observations will be10� �
 . For multiple systems with a separation between 10 and 30� �
 , a correction was ap-plied to the photometric data to subtract the light from the companion(s). For multiplesystems with a smaller separation, the Hipparcos photometry refers to the total light.Typical errors in the individual measurements for this photometric system are smallerthan 0 �
 � 011 for stars brighter than 9���
 magnitude. In this chapter we will only use thedata in the sense of and with the accuracy of a relative photometric system, increasingthe accuracy of these measurements to a few millimagnitude for such stars. A morethorough description of the Hipparcos photometric system is given in the ExplanatorySupplement to the Hipparcos Catalogue. The value at measured maximum bright-ness of the Hipparcos magnitude, ��� , the measured range in ��� (from the 5
 ���and 95
 ���
 percentile bin of the photometry), � ��� , and the number of measurements are listed incolumns 11–13 of Table 3.1. For normal, non-variable stars � ��� ranges from 0 �
 � 02 forstars brighter than 5
 � �magnitude to values up to 0 �
 � 1 for 9� �
 magnitude stars and in-creases sharply for fainter objects. Finally, column 14 gives a flag indicating probablevariables: Stars which show a measured range in ��� larger than the accuracy of themeasurements.
 Five stars in our sample were found to be visual binaries by Hipparcos. HD 150193,
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 now definitely a member of Sco R1, is the only newly detected one. The other bi-nary detections are in agreement with earlier observations (Reipurth & Zinnecker 1993;Bernacca et al. 1993; Leinert et al. 1997; Pirzkal et al. 1997). Some stars which have beendetected as multiple systems from ground-based speckle observations in the infraredwere not detected as binaries by Hipparcos because of the large magnitude differencebetween primary and secondary in the optical. These are indicated by the remark IRbinary in the last column of Table 3.1. Known spectroscopic binaries are also listed assuch in the same column. Together this brings the total fraction of known binaries inour sample at 34%.
 3.3 Astrophysical parametersTo assess the stellar temperature of HAeBe stars visual spectra are essential: UV spec-tra often overestimate temperatures, due to the presence of heated layers in the im-mediate surrounding of the stars’ photospheres (e.g. Blondel & Tjin A Djie 1994), andphotometric methods to estimate stellar temperatures yield erroneous results when theextinction law for the circumstellar material is anomalous, as is often the case for suchstars (e.g. The et al. 1996). Therefore a list of spectral types based on optical spectrafrom literature as well as on unpublished spectroscopy by the authors was assembledand is given, together with its reference, in the 15
 ���and 16
 � �column of Table 3.1. In
 a few cases (e.g. Z CMa) even the optical spectrum is heavily influenced by the cir-cumstellar shell and may reflect the spectral type of this shell rather than that of theunderlying stellar photosphere. Columns 17–20 give an identifier with the type of H �emission profile, a literature estimate of ��� ����� and references to the papers in whichthis was derived. In a number of cases an e (for emission-line star) was added to theoriginal classification when it was evident from other sources that the star is an H �emitter.
 To be able to compute the total luminosity of the stars in our sample, photometricdata, from the ultraviolet (ANS, TD1, IUE), through the optical (Walraven ����� � ,Johnson/Cousins �� � ��� ) to the infrared ( � ��� ����� � , IRAS), were collected fromliterature. Since many of the stars in our sample show strong variations in bright-ness, only optical and UV data obtained near maximum brightness were used. Af-ter using the calibrations of Schmidt-Kaler (1982) to adopt an effective temperature� �! and surface gravity $ % &� corresponding to the star’s MK spectral type, the stel-lar luminosity was computed following the method outlined in van den Ancker etal. (1997). This method includes a correction for a possible anomalous extinction lawtowards the object. An estimate of the star’s infrared excess in the � and IRAS 12 mi-cron bands was made by computing the magnitude difference between the extinction-corrected observed magnitude and a Kurucz (1991) stellar atmosphere model fitted tothe extinction-corrected optical photometry. The computed visual extinction at max-imum brightness � � , effective temperature � �! and stellar luminosity � " are listed incolumns 21–23 of Table 3.1.
 In Figure 3.1, we plot the programme stars for which the Hipparcos mission re-
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 Fig. 3.1. Hertzsprung-Russell diagram of HAeBe stars with parallaxes measured byHipparcos. Also shown are the theoretical PMS evolutionary tracks (solid lines anddashed lines) and the birthlines for 10 �
 �(upper dotted line) and 10 � � M � yr �
 �(lower
 dotted line) by Palla & Stahler (1993).
 sulted in a better than 3 � detection of the trigonometric parallax in the HRD. Typicalerrors in $�% & � �! are about 0.05 (or one subclass in spectral type), but individual datapoints may have larger errors. The error in luminosity is dominated by the error in thedistance and is indicated by the error bars. Also shown in Fig. 3.1 are the PMS evolu-tionary tracks and the birthline (i.e. the line where a star first becomes optically visibleon its evolution to the zero-age main sequence) computed by Palla & Stahler (1993).Using these evolutionary tracks and the isochrones given by the same authors, we canmake an estimate of the masses and ages of our programme stars. These are listed,together with their error estimates, in columns 24 and 25 of Table 3.1. Note that theseages are based on the assumption that we are dealing with objects that are still con-tracting towards the zero-age main sequence (ZAMS). If this assumption is incorrect(e.g. HD 200775, Chapter 2), the listed ages will of course be erroneous as well.
 As can be seen from Fig. 3.1, one star is located slightly to the left of the ZAMS,but all other stars are located in the region between the ZAMS and the birthline, asis expected for PMS stars. The star that is located to the left of the ZAMS, HD 34282,is not well studied. Possibly its spectral type, based on data from the Henry Draper
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3.4. PHOTOMETRIC BEHAVIOUR
 Fig. 3.2. Amplitude of the variations found in HAeBe stars as a function of stellareffective temperature. Circles indicate stars in which the H � line is predominantlydouble-peaked, squares indicate stars in which H � shows a P Cygni profile, trianglesindicate stars with a single-peaked H � line in emission and diamonds are used forstars in which H � is in emission, but for which no information on its shape is avail-able. Open plot symbols indicate stars for which the measured range in variabilitycould be due to the uncertainty in the individual photometric measurements.
 Memorial Catalogue, is erroneous or the photometric data set used to compute thestellar luminosity was not obtained near maximum stellar brightness. The clusteringof stars in the HRD near the ZAMS can be easily explained by the fact that stars evolvemuch slower in the part of their PMS evolutionary track near the ZAMS than in thepart near the birthline. The distribution over the different masses in this diagram, withless high-mass than intermediate-mass stars, is also in accordance with the expectedratios of a standard mass distribution.
 3.4 Photometric behaviour
 Bibo & The (1991) analysed Stromgren photometry for 23 HAeBe candidates measuredin ESO’s Long Term Photometry of Variables (LTPV) programme. For the stars in com-mon with our sample, their measured range in the Stromgren � magnitude agreeswithin 0 �
 � 1 with our range in � � , indicating that for these well studied cases � � � isa good measure for the total range of variability. The number of stars in our sampleis much larger than that measured by these authors (with a comparable number ofmeasurements per star), and is much less observationally biased, which should enableus to draw statistically more significant conclusions on the level of variability of theHAeBe stellar group as a whole.
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 3.4.1 Inclination effects
 A very strong correlation between the level of photometric variability of a HAeBe starand its spectral type was found by Finkenzeller & Mundt (1984): Nearly all stronglyvariable ( ��� � 0 �
 � 5) stars in their sample have spectral types later than B8 and all starswith no significant variations ( � 0 �
 � 05) are of spectral type earlier than A0. Later thisresult was reproduced by Bibo & The (1991), who suggested that this result was due toselection effects in their limited sample. Davies et al. (1990) showed several examplesof bona fide Herbig Ae (HAe) stars which do not show the large variations predictedfor such stars by Finkenzeller & Mundt (1984), suggesting that the link between pho-tometric variability and spectral type may not be as well defined as implied by theseauthors.
 Bibo & The (1991) pointed out that since these strongly variable stars spend mostof their time near maximum brightness and the typical timescale of such photometricevents is of the order of weeks, many accurate photometric measurements over a sig-nificantly longer period are needed to get a good unbiased measurement of the amountof photometric variability. This is a criterion which is not met in a systematic way forall data-sets present in literature. However, the Hipparcos photometry listed in Ta-ble 3.1 consists of roughly one hundred measurements per star, taken at essentiallyrandom time intervals with the same instrument over a 37 month period, without anybias to observe the “more interesting” cases more than others, as is often the case inground-based work. Therefore it is much better suited to make an unbiased estimateof the level of photometric variability than the data sets used in previous studies. Forthis reason a new diagram of $�% & � �! versus � � � was constructed, shown in Fig. 3.2. Ascan be seen from this plot, some trend between stellar temperature and level of pho-tometric variability is clearly present: Only stars with spectral type of A0 or later canshow variations with an amplitude larger than 0 �
 � 5. However, moderate photometricvariations, of the order of several tenths of a magnitude can be seen in all spectral typespresent in our sample. In fact only 15 out of 44 stars in our sample are not flagged asvariable and in some cases this is clearly due to the fact that they are too faint to bemeasured accurately by Hipparcos. We conclude that at least 65% of all HAeBes doshow photometric variability with an amplitude larger than 0 �
 � 05.In the past many authors have constructed colour-magnitude diagrams for HAeBe
 stars, and noted that for all stars showing large and for most stars showing interme-diate brightness variations, there seems to be a good correlation between colour andbrightness, with a redder colour corresponding to fainter brightness. In addition tothis, the linear polarization of the starlight also increases with diminishing brightness.This behaviour is characteristic of variable, presumably circumstellar, extinction ofstarlight by dust particles. Wenzel (1968) originally suggested that these dust particlesare located in patchy dust clouds, revolving in Keplerian orbits around most HAeBes.Smaller variations superimposed on these may be explained by photospheric activityor clumpy accretion.
 With this picture in mind, one possible explanation for the fact that large photomet-ric variations only occur at spectral types later than A0 could be that since dust particles
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3.4. PHOTOMETRIC BEHAVIOUR
 Fig. 3.3. Amplitude of the variations found in HAeBe stars as a function of stellar�������� . Plot symbols have the same meaning as in Fig. 3.2.
 can survive closer to the star in cooler stars than in hot stars, the range of inclinationangles under which we would have to observe such a system to have these dust cloudsin our line of sight would be narrower for B-type stars than for A-type stars. In thispicture all HAeBe stars would have these dust clouds orbiting them, but we will onlysee these in our line of sight and hence see large amplitude variations for systems seenmore or less edge-on, recognizable by statistically larger value of � � ��� � . If we combinethe literature data given in Table 3.1 with the Hipparcos data to construct a diagramof � � ��� � versus � � � (Fig. 3.3), no such correlation can be seen. One reason for this ap-parent lack of correlation could be that in a lot of HAeBes these ���
 ����� determinationsare difficult and sometimes even erroneous due to the lack of photospheric lines with-out (sometimes variable) emission components. Also, one would expect these youngstars to continue to spin-up during their PMS contraction phase, so the spread in theintrinsic rotational velocity may have a stronger influence on the value of � � ��� � thanthe inclination. The fact that the range in quoted values on ���
 � ��� is quite similar to thatseen in normal main sequence stars of the same spectral type argues against the lattereffect.
 Grinin & Rostopchina (1996) argued that the same inclination effect should be vis-ible as a correlation between the level of photometric variability and the shape of theH � line, presumably formed in a circumstellar gaseous disk: In analogy to the situationin classical Be stars, we would expect to see a single-peaked H � profile in stars seenpole-on, thus showing little photometric variability, and the stars with large photomet-ric variations, seen more or less edge on, should show a double-peaked H � profile.In this scenario, the variations seen in H � , in which this line has one preferred shape,but in some stars is occasionally seen to switch from for example double-peaked tosingle-peaked could be either due to inhomogeneities in the accretion of circumstellargas, or due to a contrast effect in which part of the circumstellar gas is obscured by
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 inhomogeneous dust clouds (Grinin et al. 1994).Upon closer inspection of Fig. 3.2, in which the different preferred types of H �
 profiles from literature are indicated by different plot symbols, we note that indeedmost stars showing large photometric variations show double-peaked H � emissionand all stars with single-peaked H � profiles only show moderate photometric varia-tions. However, not all stars with little or no photometric variability show a single-peaked emission profile. In fact many of these show a double-peaked emission line aswell. Therefore we conclude that if a dependence on inclination is present in both � � �and the shape of H � , some other effect must be present as well to disturb the one toone correspondence.
 3.4.2 Evolutionary hypothesisAnother possible explanation for the trend shown in Fig. 3.2 could be that we are seeingan evolutionary effect: According to the calculations by Palla & Stahler (1993), A-typestars are optically visible during their contraction towards the ZAMS, whereas B-typestars only become visible when they are very close to the ZAMS (c.f. the birthline inFig. 3.2). In this scenario the amplitude of the variations of HAe stars would diminishwith time until they would vanish after the star has finished its main sequence con-traction. Support for this view comes from the observation that most stars with � � � �0 �
 � 5 are classified spectroscopically as giants, and many of them are located right of themain sequence in Fig. 3.1.
 The fact that some giants do not show these strong photometric variations could betaken as evidence for the presence of an inclination effect. However, van den Anckeret al. (1996) showed that HAe stars change back and forth between a quiescent statein which they show only very moderate photometric variations and an active state inwhich the large amplitude variations are present many times during their evolutiontowards the ZAMS. The time scale over which such a star will remain in one state willbe much longer than the 37 months over which our range in variability was measured.Considering the statistics in Table 3.1, in which there are only four bona fide HAe giantsthat do not show large photometric variations, we consider it more plausible that thephotometrically inactive giants are in this quiescent state than to take this as an indi-cation of an inclination effect. Since it is clear that other effects than inclination have astrong influence on the level of photometric variability as well, some caution must betaken in the current practice in literature of equating strongly variable HAeBe stars toHerbig stars seen edge-on.
 3.4.3 Correlations with infrared excessIf the interpretation of the large photometric variations as being due to variable ex-tinction by circumstellar dust is correct, one could expect some form of correlationbetween the infrared excess and level of photometric variability in HAeBe stars. Fromthe typical time scales of days to weeks associated with these variations, it was shownthat the dust clouds responsible for this must be at roughly one AU from the central
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3.4. PHOTOMETRIC BEHAVIOUR
 Fig. 3.4. Amplitude of the variations found in HAeBe stars as a function of infraredexcess in the � (top) and IRAS 12 micron (bottom) bands. Plot symbols have the samemeaning as in Fig. 3.2.
 star (The & Molster 1994). At these distances the dust clouds should be heated up suf-ficiently by the central star to radiate efficiently at infrared wavelengths. Therefore onewould expect that stars with smaller infrared excesses do not show photometric varia-tions, whereas the ones with larger infrared excesses can show both large and smallerphotometric variations, depending on the inclination angle under which they are seen.
 To check for the presence of such a correlation we plot our � ��� against the excessat 3.6 and 12 microns (Fig. 3.4). Indeed, none of the Herbig stars with small excesses atthese wavelengths shows strong photometric variability, whereas the ones with largerexcesses show a large spread in � ��� . It is interesting to extrapolate this result to youngstellar objects with less circumstellar material than the stars we have included in oursample. Probably these will be recognizable as � Pic-like systems (Chapter 2), withusually smaller infrared excesses and with less circumstellar gas than the HAeBes.
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 Therefore we compiled a list of 52 B-, A- and F-type candidates for stars with circum-stellar dust and Hipparcos data. None of these stars shows a range in ��� larger than0 �
 � 1. In fact, the Hipparcos photometry of � Pic itself is constant at the millimagnitudelevel. This shows that the trend seen in our sample of HAeBes can be smoothly extrap-olated to the Vega-type stars and that our results are compatible with an evolutionaryscenario in which the two are linked.
 3.5 ConclusionsIn this chapter we have studied the photometric behaviour of a sample of 44 HAeBestars using a uniform data-set, provided by the Hipparcos astrometric satellite, whichis superior to those used in previous studies. We have shown that most ( � 65%), andpossibly all, HAeBes show photometric variations at the level of at least a few hun-dredths of a magnitude.
 As was already suggested by previous authors, Herbig stars with a spectral typeearlier than A0 only show moderate (amplitude � 0 �
 � 5) photometric variability, whereasthe ones of later spectral type in our sample can show variations larger than 2 �
 � 5.These HAe stars showing strong photometric variability are relatively uncommon:more HAe stars show moderate than large variations. Previous studies have shownthat these large photometric variations are due to variable extinction by circumstel-lar patchy dust clouds, whereas a variety of mechanisms could be responsible for themoderate to small ones. We suggest that these patchy dust clouds are only present dur-ing the PMS evolution of a star, and either vanish or become more homogeneous whena star has reached the ZAMS. Probably this evolutionary effect, as well as the spin-upof a star as it evolves towards the ZAMS, explains the poor correlation between � �
 ��� �
 or the H � profile and the level of photometric variability.It was found that the Herbig stars with the smallest infrared excesses in our sam-
 ple do not show large photometric variations, whereas the ones with larger infraredexcesses can (but not necessarily have to) show variation up to 2 �
 � 5. This can be un-derstood by identifying the stars with lower infrared excesses with the more evolvedobjects in our sample. Since Vega-type stars do not show these variations due to vari-able circumstellar extinction and also display smaller infrared excesses, this is compat-ible with a scenario in which these Herbig stars will in time evolve into more massiveequivalents of � Pic.Acknowledgements. This chapter is based on data from the Hipparcos astrometry satellite. Theauthors would like to thank Rens Waters and Mario Perez for careful reading of the manuscriptprior to publication. We would also like to thank the referees, Floor van Leeuwen and GeorgeHerbig, for many useful suggestions and comments. This research has made use of the Simbaddata base, operated at CDS, Strasbourg, France.
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Chapter 4
 The Remarkable Photometric Behaviourof the Herbig Ae Star V351 Ori
 M.E. van den Ancker, P.S. The and D. de Winter,A&A 309, 809 (1996)
 Abstract
 The photometric behaviour of the irregular variable Herbig Ae star V351 Ori wasinvestigated combining data from the literature with new photometric data in theStromgren system. It is shown that this enigmatic object changed its photometricbehaviour from that of a Herbig Ae star with strong photometric variations, due toextinction by circumstellar dust clouds, to that of an almost non-variable star. Such abehaviour is not unique; it has been found also in the star BN Ori (Shevchenko et al.1997). This suggests that such transitions must occur quite often during the evolutionof intermediate mass HAeBe stars towards the main sequence (MS). However, it isequally probable that before such a star arrives at the MS, it will become stronglyvariable again after collecting enough dust from its environment.
 During the process of V351 Ori’s transition from a Herbig Ae star with strong pho-tometric variations to a non-variable one, the maximum brightness in the Stromgren� , � and � magnitudes decreased, whereas that in � increased, causing a strong blueingeffect in the colour-magnitude diagrams. It should be noted that this effect happenedat a decrease in visual brightness by about 0 �� 2 magnitude only. It is therefore causedby a different mechanism than that in V351 Ori before the transition and in UX Oritype stars, where the blueing effect occurs at a decrease in � of about 2 �� 5.
 The transition, from a strongly variable star to the state in which V351 Ori is nearlyconstant at a level equal to that of its maximum brightness before the transition, hap-pened very fast (within 50 days), and went along the interstellar reddening line in thecolour-magnitude diagrams. A provisional model to explain V351 Ori’s behaviour, inwhich it is assumed that a temporarily strong accretion of matter onto the star tookplace, is proposed.
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 4.1 IntroductionThe irregular variable H � -emission line star V351 Ori = HD 38238 (R.A. = 05
 �44 � 18 �� 8;
 Dec. = +00 � 08�
 40� �
 ; 2000) was not recognized by Herbig (1960) as a Herbig Ae/Be(HAeBe) object. Finkenzeller & Mundt (1984) also did not include V351 Ori in theircatalogue of HAeBes, but Koval’chuk (1985b) and Zajtseva (1986) believe that V351Ori belongs to the HAeBe group. Accidentally, the star was also not listed in the cata-logue of HAeBes by The et al. (1994). The brightness of V351 Ori changes from = 8 �
 � 3to 11 �
 � 6, as given in Parenago’s General Catalogue of Variable Stars. The star is locatedin the direction of the Lynds 1630 dark cloud region, defined by Lynds (1962), and isaccompanied by a 13
 � �magnitude ( ��� � ) star, located 15
 � �
 west of it.Photometric observations of V351 Ori were published by Koval’chuk (1984a) in the
 Johnson �� � ��� system, by Chkhikvadze (1990) in the Stromgren � � � � system, and byKilkenny et al. (1985) in the Stromgren � � � � , Johnson-Cousins �� ��� ����� and in thenear-IR ��� � � systems. From his colour-magnitude diagrams Chkhikvadze (1990)notes the presence of a weak blueing effect. However, such blueing effect had beenfound previously by Koval’chuk (1985a) more pronouncedly. Kilkenny et al. (1985)did not analyse their observations of V351 Ori. Zajtseva (1986) classified V351 Ori as ofspectral type A7 III, and InSa as the type of variability. A flare-like event, strongest inthe ultraviolet, observed in the lightcurve of V351 Ori has been reported by Koval’chuk(1984b), without an explanation of its cause.
 We present in this chapter the results of our study of the photometric and colourbehaviour, and the spectral energy distribution (SED) of V351 Ori. For this purposewe have obtained new photometric observations, which were combined with the dataof Koval’chuk (1984a), Chkhikvadze (1990) and of Kilkenny et al. (1985). For a betterknowledge of the properties of V351 Ori new visual low and high resolution spectrawere obtained as well.
 4.2 Observations
 4.2.1 PhotometryDuring the last seven years, V351 Ori was monitored by the ESO “Long Term Pho-
 tometry of Variables” (LTPV) group, using the Stromgren Automatic Telescope (SAT;former Danish 50 cm telescope) at La Silla. This telescope is equipped with a simul-taneous multicolour photometer using the Stromgren � � � � system. Any systematiceffect due to non-simultaneous measurements at the different passbands are thereforeavoided. Because we used a diaphragm with a small diameter (17
 � �
 ), we do not expectany significant contamination of our measurements with the light from the 13
 ���magni-
 tude star located 15� �
 west of V351 Ori. Immediately before and after each programmestar measurement two comparison stars (HD 38155 and HD 38203), located close to,and with roughly the same magnitude and colours as V351 Ori, were measured tocheck whether the observed variations are real. Since parts of these observations were
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4.2. OBSERVATIONS
 Fig. 4.1. Lightcurves of V351 Ori in the Stromgren � , � , � and � passbands. Squaresrepresent data of Koval’chuk (1984a), plus signs those of Kilkenny et al. (1985), crossesthose of Chkhikvadze (1990), diamonds indicate data from Table 4.1 and open circlesare data of the ESO LTPV group.
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CHAPTER 4. THE REMARKABLE HERBIG AE STAR V351 ORI
 Fig. 4.2. Colour-magnitude diagrams of V351 Ori in the Stromgren ���� � system. The
 symbols have the same meaning as in Fig. 4.1. The solid lines indicate the interstellarreddening direction.
 already published by Sterken et al. (1993, 1995), and the other part will appear ina forthcoming publication by the ESO “Long Term Photometry of Variables”-group,they are not listed here.
 To achieve the highest accuracy in the corrections for extinction by the earth atmo-sphere, the measured magnitudes of V351 Ori were corrected, after applying a stan-dard photometric reduction procedure, with the difference between the measured andaveraged magnitudes of the comparison stars. The non-variability of the comparisonstars was confirmed by comparing the standard deviations in their measurements withthose of the other comparison stars in the ESO LTPV programme. Average errors inthe in this way obtained new Stromgren photometric data are 0 �
 � 009, 0 �� 004, 0 �
 � 004, and0 �
 � 005 for � , � , � and � , respectively.Additional photometric data of V351 Ori in the Walraven system were obtained in
 December 1985 and January 1986 using the 90 cm Dutch Light Collector at La Silla.Measuring and reduction procedures have been explained by Lub & Pel (1977). Typ-ical errors in these data are 0.004, 0.003, 0.004, 0.006, and 0.009 for � , ��� , � � ,� � � , and � � , respectively. During these observations the Walraven ����� � in-tensities were measured simultaneously, thereby avoiding any systematic effects dueto non-simultaneous measurements at the different photometric passbands. The re-sulting new Walraven photometry, measured through a 21 �
 � �
 5 diaphragm, is listed inTable 4.1. The last column lists the corresponding � magnitude in the Johnson photo-metric system, computed using the formula suggested by Brand & Wouterloot (1988).
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 Table 4.1. New photometry of V351 Ori in the Walraven system
 JD � 2440000 � � � � � ��� ����� � � � ���
 6425.5682 � 0.904 0.180 0.511 0.264 0.243 9.1066426.7396 � 0.845 0.165 0.489 0.234 0.241 8.9606435.5501 � 0.867 0.159 0.497 0.235 0.237 9.0156439.6571 � 0.831 0.156 0.484 0.231 0.237 8.9256443.6203 � 0.828 0.155 0.487 0.221 0.233 8.9196443.6218 � 0.829 0.155 0.482 0.222 0.231 8.9226450.6728 � 0.841 0.158 0.489 0.228 0.234 8.9506451.6352 � 0.842 0.164 0.496 0.231 0.234 8.951
 The new Stromgren � , � , � and � magnitudes are plotted against the Julian Date (JD)as open circles in Fig. 4.1. Also shown in this diagram are the Stromgren photometricdata by Kilkenny et al. (1985) (+ signs) and Chkhikvadze (1990) (crosses), and theJohnson � data (taken equal to the Stromgren � magnitude) by Koval’chuk (1984a)(open squares) and Kilkenny et al. (1985) (+ signs) and the converted Walraven datafrom Table 4.1 (diamonds). Colour-magnitude diagrams of the � magnitude vs. the� � � , � � � and � �
 � colours are shown in Fig. 4.2.In Fig. 4.3 we plotted the Johnson �� ����� data of Koval’chuk (1984b) against the
 JD using open squares. Also plotted in this diagram (as + signs) are the �� ��� ����� data in the Johnson/Cousins system by Kilkenny et al. (1985), converted to the Johnson�� ����� system using the transformation formulae of Bessell (1979). Colour-magnitudediagrams of these data as � against � � , � � , � � � and � � � are shown in Fig. 4.4.
 4.2.2 SpectroscopyA single low-resolution CCD spectrum of V351 Ori, covering the wavelength range
 of 3400 to 6800 A, was obtained on December 14, 1994 (JD 2449702.1752), using theBoller & Chivens spectrograph mounted on the ESO 1.5 m telescope at La Silla. Thisnew spectrum is shown in Fig. 4.5. A spectrum of the star located 15
 � �
 west of V351 Oriwas also extracted from this CCD frame. The resulting spectrum (not presented here)shows that this companion star does not have H � in emission, and is of spectral typelate F. Whether this star is physically associated with V351 Ori is not clear.
 Two high-resolution ( � = 55,000; 0.05 A/pixel) CCD spectra of V351 Ori, coveringthe Na I (5858–5910 A) and H � (6536–6591 A) wavelength ranges were obtained onJanuary 16 (JD 2449733.1197) and January 17, 1995 (JD 2449734.0414), respectively, withthe CAT/CES combination at La Silla. These observations were conducted throughremote control from ESO Headquarters, Garching bei Munchen, Germany. The newhigh-resolution spectra are shown in Fig. 4.6. The narrow absorption lines in these
 51

Page 58
                        

CHAPTER 4. THE REMARKABLE HERBIG AE STAR V351 ORI
 Fig. 4.3. Lightcurves of V351 Ori in the Johnson � , � , � , � and � magnitudes. Squaresrepresent data of Koval’chuk (1984a) and plus signs those of Kilkenny et al. (1985).
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4.2. OBSERVATIONS
 Fig. 4.4. Colour-magnitude diagrams of V351 Ori in the Johnson � � � � � systemThe plot symbols have the same meaning as in Fig. 4.3. The solid lines indicate theinterstellar reddening direction.
 Fig. 4.5. Low resolution optical spectrum of V351 Ori with the most prominent linesidentified.
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CHAPTER 4. THE REMARKABLE HERBIG AE STAR V351 ORI
 Fig. 4.6. (a) High resolution spectrum of V351 Ori in the H � region, rebinned to helio-centric velocities. The dotted line indicates the photospheric H � line of a standard A7III star; (b) the same for the Na I
 � region. The dotted line indicates the continuumlevel.
 spectra are due to water vapour in the earth’s atmosphere and should therefore beignored.
 4.3 Analysis of the photometric dataWhen we examine the lightcurves in Figs. 4.1 and 4.3, we notice that V351 Ori haschanged its photometric behaviour drastically over the period of 14 years covered bythese diagrams. In the period before JD 2446000 the star shows large ( � 2 � ) brightnessvariations in � and � ; the maximum visual brightness is � 8 �
 � 8. When we look at thecolour-magnitude diagrams in the Johnson � ����� system over this period (Fig. 4.4),we notice that for � � 10 �
 � 0 there seems to be a linear relation between the � magni-tude and the colour-indices, in which the colours become redder as � increases. Theslope of this relation is compatible with that of the normal (i.e. � � = ������� � � � �= 3.1) interstellar extinction law, as derived from the semi-theoretical extinction lawsby Steenman & The (1991). This suggests that, like in the Herbig Ae star UX Ori (e.g.Grinin et al. 1994), these variations are caused by variable amounts of extinction of thestarlight by circumstellar dust particles.
 We also notice that there seems to be a fair amount of scatter around � = 10 �� 35
 in Fig. 4.4. This is due to the flare-like event observed by Koval’chuk (1984b). Asthe stellar brightness decreases even further, we see the blueing effect; with increasing� , the colours now become bluer. Following Grinin (1988), this blueing effect can beexplained by assuming the presence of a dust envelope containing sub- � m dust grainsaround V351 Ori. The radii of these particles are small enough to scatter the blue
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4.4. THE UNUSUAL BLUEING EFFECT OF V351 ORI
 photons of the stellar radiation, producing a faint blue emission. The complete colour-magnitude diagram in Fig. 4.4 can now be explained by assuming the passing by ofobscuring dust clouds, revolving around the star. Due to the screening by such a dustcloud, the light from the star becomes fainter and redder caused by extinction by theparticles in the dust cloud. Below some brightness level, the scattered blue light by thedust envelope dominates, and produces the observed blueing effect.
 If we only look at the light-curve in Fig. 4.3 and the colour-magnitude diagrams inFig. 4.4, we would come to the conclusion that the photometric behaviour of V351 Oriis like that of a typical Herbig Ae star with large photometric variations, such as UX Ori(Grinin et al. 1994). However, in Fig. 4.1 we can see that V351 Ori changed its photometricbehaviour from that of a Herbig Ae star showing large photometric variations to that of a nearlyconstant one. This process seems to have started around JD 2446000. Before this date,the star showed large ( � 2 � ) variations in � with a maximum brightness of � 8 �
 � 8 inthis passband. Between JD 2446000 and JD 2448200, V351 Ori only varied by severaltenths of a magnitude in � , and the star’s maximum visual brightness dims by 0 �
 � 16 to� � 9 �
 � 0. Between JD 2448200 and JD 2448250, the maximum brightness of V351 Orirapidly increases to � � 8 �
 � 84, equal to its level before JD 2446000. After JD 2448250,the variations in brightness nearly vanished.
 The same trend as in � can also be observed at the � and � passbands, although thedecrease in the maximum brightness mentioned above is at � less than in � and in �lesser again. This creates a small blueing effect when we plot the � vs. � � � and � vs.��
 � colour-magnitude diagrams (Fig. 4.2). However, in the plot of � vs. � � � shown inthe same figure, we notice a very large and very unusual blueing effect. This is causedby the fact that in the � lightcurve the maximum brightness in the period between JD �
 2446000 and JD � 2448200 increased, whereas it decreased in the � , � and � passbands.It should be stressed here that above observational facts are exhibited not only by ourLTPV data, but also by part of those of Chkhikvadze (1990), meaning that these factsare real, not due to systematic errors in the LTPV data.
 Finally, it is of interest to note that the relation between brightness increase andcolour for the transition period from JD 2448200 to JD 2448250, displayed in Fig. 4.2,goes along lines with a slope compatible with that of the normal (i.e. � � = 3.1) in-terstellar extinction law, such as derived from the semi-theoretical extinction laws bySteenman & The (1991). This suggest that the dimming and reddening is related to thevariable extinction by circumstellar dust.
 4.4 The unusual blueing effect of V351 OriFrom new observations in recent years it appears more and more evident that HAeBestars are surrounded by disks. The outer, cooler part of these disks are inhabited bydust grains, which very often are forming clumps; they are also indicated as dustclouds. These clouds are revolving in Keplerian orbits around the star, and if the incli-nation angle of the disk is large enough (i.e. the disk is oriented nearly edge on), theyare able to screen the star, causing the observed irregular brightness variations.
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CHAPTER 4. THE REMARKABLE HERBIG AE STAR V351 ORI
 When a dust cloud obscures the central star, it is possible that the central star isobscured to such an extent that we can measure its light scattered by the small dustparticles. Therefore, after the star first becomes redder, when it is obscured, it willbecome bluer again as it dims further. This is what is called the blueing effect (e.g.Bibo & The 1990, 1991). Such a situation is found, for instance, in the star UX Ori(Grinin et al. 1994). The irregular variations in brightness are often named Algol typevariations, because at a deep minimum the star can decrease in brightness by morethan 2 �
 � 5, similar to eclipsing binaries like Algol.Considering the irregular variation of the light of V351 Ori (see Figs. 4.1 and 4.3)
 and the blueing effect in its colour-magnitude diagram before JD 2446000 (Fig. 4.4), webelieve that the circumstellar disk of this star is oriented nearly edge on. Inspection ofthe colour-magnitude diagram after JD 2446000 (Fig. 4.2) shows that these also exhibita blueing effect. However, not during deep minima (like in Fig. 4.4), but with a � �of only 0 �
 � 2 (Fig. 4.2). Furthermore, this blueing effect seems to have a much strongercolour-dependence in � � � , than in both �
 �
 � and � �� , which is also not observed
 in UX Ori-type systems. Since we will not yet be able to observe scattered radiationwith such a small decrease in brightness this unusual blueing effect must be caused byanother mechanism than that for the blueing effect with a ��� of 1 �
 � 7 in Fig. 4.4, whichcan be explained by the same mechanism as suggested for UX Ori.
 It is of interest to consider in the discussion of the blueing effect also the peculiarresults by Koval’chuk (1984b), who observed a flare-like event lasting less than 2 hoursand with a magnitude of 0 �
 � 4 in the � band in V351 Ori. Unfortunately his data wereobtained in a period when we and Chkhikvadze have not made any observations. Forthis reason we are not able to make comparisons. The flare-like event Koval’chuk hadfound occurs in a state of very low stellar brightness, around � = 10 �
 � 35. Since theincrease in brightness was the strongest in � , this event creates also a blueing effectin the colour-magnitude diagrams, which is responsible for most of the scatter in thedata points around � = 10 �
 � 35 in Fig. 4.4. Although it is striking that this flare-like eventoccurs at a brightness equal to the turning-point in Fig. 4.4, it does not seem likely thatthis event is caused by the scattering of the radiation of the central star by dust grains.What the true reason is, is very difficult to understand.
 The unusual blueing effect we have observed in V351 Ori (Fig. 4.2) lasts very long,more than 6 years. However, these observations were not done continuously. There-fore, a possibility remains that in between this interval, the star had returned to its nor-mal situation once or more often. It should also be noted that contrary to the flare-likeevent observed by Koval’chuk (1984b), the blueing effect starts at a higher brightness( � � 9 �
 � 0). Therefore, we believe that we are not dealing with the same mechanismcausing the flare event observed by Koval’chuk (1984b).
 4.5 The spectral type from photometric dataA rough estimate of the spectral type of V351 Ori was made from the broad-bandphotometry by Kilkenny et al. (1985), obtained near maximum brightness. Using the
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4.6. THE VISUAL SPECTRA
 intrinsic two colour � � � � � versus � � � � � diagram for main sequence stars (Schmidt-Kaler 1982), we determined the intrinsic colours � � � � � and � � � � � , assuming areddening direction of � � � � � ��� � � � � = 0.72, corresponding to that of a normal(i.e. � � = 3.1) extinction law. From these intrinsic colours we derive the colour excesses� � � � � and � � � � � , as well as the spectral types, using the catalogue of Schmidt-Kaler (1982). Since the intrinsic � � � � � versus � � � � � two colour diagram forstars of different luminosity classes is nearly identical, for the range of spectral typesconsidered here, this method can not be used to determine the luminosity class. Theresulting possible spectral types are A0, corresponding to � � � � � = 0 �
 � 37, and A6,corresponding to � � � � � = 0 �
 � 17.
 4.6 The visual spectra
 In the low resolution spectrum of V351 Ori (Fig. 4.5) we recognise that of an A6 orA7 weak emission-line star. The spectrum is dominated by the Balmer lines, with H �to H 14 in absorption, whereas H � is apparently filled in by an emission component.Other features of this spectrum include strong Ca II � (blended with H � ) and � andNa I absorption lines, as well as numerous weaker metallic absorption lines. Ourspectral type of A6/7 agrees well with the spectral type of A7 III obtained by Zajtseva(1986), which we will adopt in our further discussion.
 From the high-resolution H � spectrum of V351 Ori (Fig. 4.6a) we notice that theH � emission has a very strong reversed P Cygni profile, indicating accretion of mattertowards the star. When we compare the H � profile of V351 Ori with that of a standardA7 III star (the dotted line in Fig. 4.6a), we notice that there are extra emission compo-nents at � 88 � 6 km s �
 �and +190 � 6 km s �
 �. Their equivalent widths are � 1.90 �
 0.05 A and � 0.05 � 0.02 A, respectively.In the high-resolution spectrum of the Na I region of V351 Ori (Fig. 4.6b) we see
 that the sodium lines consist of a strong and narrow component, superimposed on amuch broader ( � � ������� km s �
 �) and weaker component. The equivalent widths of
 the narrow components are 0.67 � 0.03 A for the 5890.2 A � line and 0.71 � 0.03A for the 5896.3 A � line. These are too large to be accounted for by the interstellarsodium lines alone. Therefore, the narrow components must consist of a blend of theinterstellar and circumstellar lines. Another indication of the blended nature of theselines is that at our resolving power a double peaked absorption profile is just visible in-side these sharp components. The difference in velocity between these two absorptioncomponents, presumably the interstellar line and the sharp circumstellar component,is 12 � 4 km s �
 �. The weak and broad component in the sodium lines could very well
 be due to Na I in the cooler outer parts of an accretion disk around V351 Ori. As can beexpected for a late A type star, the He I 5876 A absorption line (not shown in Fig. 4.6b)is absent in V351 Ori.
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CHAPTER 4. THE REMARKABLE HERBIG AE STAR V351 ORI
 Fig. 4.7. The ultraviolet spectra of V351 Ori. The dotted line indicates the reddenedKurucz (1991) model with � �! = 7650 K and ������� = 3.6.
 4.7 The ultraviolet spectraIn connection with their study of the UV-excess in HAeBe stars, Blondel & Tjin A Djie(1994) took two low-dispersion IUE spectra (SWP 29678 and LWP 9520) of V351 Ori inNov. 1986 (JD 2446749.2602 and JD 2446749.2248, respectively). These are displayedin Fig. 4.7. Since the region longward of 2600 A is severely underexposed in the LWPimage, this part of the spectrum is not shown here. The brightness of V351 Ori whenthese exposures were made was measured by IUE in the Fine Error Sensor (FES). Usingthe calibration given by Barylak (1989), which takes the sensitivity decrease of the FESinto account, we obtain a � magnitude of 9 �
 � 08 � 0 �� 05 from the FES counts when
 these exposures were made. This implies that at the time of the IUE measurementsV351 Ori was near its maximum brightness during the period between JD 2446000 andJD 2448200.
 Also shown in Fig. 4.7 is the Kurucz (1991) model with � �! = 7650 K, and $�% &� =3.6 (corresponding to a spectral type of A7 III), reddened with the normal interstellarextinction curve by Steenman & The (1991), employing a colour excess of � � � � � =0 �
 � 16, derived from the photometry by Kilkenny et al. (1985) and the adopted spectraltype of A7 III. From the comparison of the observed IUE spectra with the reddenedKurucz model, it is clear that no UV-excess is visible in the region shortward of 1700 A.
 From this lack of UV-excess shortward of 1700 A, Blondel & Tjin A Djie (1994) con-cluded that a possible accretion disk of V351 Ori is oriented in such a way that the hotboundary layer is not visible. Therefore, it will not contribute in the ultraviolet spec-
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4.8. THE SPECTRAL ENERGY DISTRIBUTION
 tral region. If this is indeed the case the observed ultraviolet spectral region will beinfluenced by possible scattering of radiation of the central star by small grains only.However, in the previous and next sections we find no evidence that accretion is occur-ring through a disk, eliminating the need for the existence of such a boundary layer.
 4.8 The spectral energy distributionThe extinction-free spectral energy distribution (SED) of V351 Ori, taken near maxi-mum brightness, was analyzed by comparing it with the Kurucz (1991) theoretical SEDmodel with � � = 7650 K, and $�% &� = 3.6, corresponding to a spectral type of A7 III. Themain source of the photometry used in the construction of the SED are the simulta-neous �� ����� and ����� � photometric observations by Kilkenny et al. (1985). Thisphotometry was supplemented with the Walraven data from Table 4.1, the Stromgren� � � � data from the LTPV programme as well as far-infrared data from Gezari et al.(1993) and the IRAS point source catalogue (second edition). The ultraviolet data con-sists of the two IUE low-resolution spectra rebinned to the resolution of the Kurucz(1991) models, again omitting data beyond 2600 A. From the photometry by Kilkennyet al. (1985) and the adopted spectral type of A7 III we derived a colour excess of� � � � � = 0 �
 � 16. The resulting observed (squares) and extinction corrected (circles)SEDs of V351 Ori are shown in Fig. 4.8.
 The method used to analyze the SED is explained by Steenman & The (1989). Withthis method it is possible to correct for anomalous extinction characterized by the ratioof total to selective extinction � � . An � � -value for a star can be obtained, by fittingits extinction-free SED, until, by trial and error, a best fit is reached, according to the� � -test. This fitting procedure is applied only up to 1.3 � m ( � -pass band), becausebeyond this wavelength the SED could be influenced by thermal emission of circum-stellar dust grains. Furthermore, our SED fitting procedure differs from the one em-ployed by Steenman & The (1989) by the use of the new extinction laws by Steenman &The (1991), and the application of the new Kurucz (1991) models. Furthermore, fluxeswere integrated over the response curve of the photometric band, instead of usingmonochromatic fluxes. The resulting value of � � does not differ significantly from theone usually found for interstellar extinction ( � � = 3.1). As can be seen from Fig. 4.8,the quality of the fit, with � � = 3.1, to the Kurucz model is very good in the ultravio-let and the optical wavelength ranges, with a large amount of excess radiation abovephotospheric levels in the infrared.
 From the SED, we also computed the stellar luminosity using the following for-mula: � "� ��� �����
 ������  ���������� d ��� (4.1)
 with � the distance towards the star, and � ���  ���������� the Kurucz model, fitted to theextinction-corrected SED. If we adopt a distance towards V351 Ori of 400 � 80 pc,as determined from the parallactic component of proper motions of stars in the OriT3 association by Artyukhina (1959), �(" = 50 � 14 L � . This stellar luminosity agrees
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CHAPTER 4. THE REMARKABLE HERBIG AE STAR V351 ORI
 Fig. 4.8. Observed (squares) and extinction-corrected (circles) SEDs for V351 Ori. Theleftmost solid lines indicate the observed and extinction corrected IUE spectra. Alsoshown are the Kurucz model (left dashed line), the disk model (middle dashed line)and the 76 K Planckian (right dashed line) fitted to the infrared excess and the totalmodel (solid line), fitted to the extinction-free SED.
 well with the the luminosity of a A7 III star in Schmidt-Kaler (1982), thereby againconfirming the spectral classification of this star by Zajtseva (1986).
 The fact that the SED in the near infrared can be approximated by a straight lineindicates the presence of an extended disk or dust shell around the star, whereas thestrong bump in the far-infrared suggests the presence of an additional cooler compo-nent. We modelled this SED using a simple disk model (van den Ancker et al. 1997),but with an additional 76 K dust shell, radiating as a black-body. For an assumed rangeof inclination angles of the system between 15 � and 80 � , the inner disk radius (at a tem-perature of 2400 K) is at a distance 0.08–0.19 AU from the central star. The outer diskradius is poorly constrained, but extends at least to 6–14 AU for this grid of models.If we assume that the material in the additional 76 K dust shell is in thermal equilib-rium, the distance of this shell to the central star can be computed using the procedureoutlined by de Winter & The (1990), resulting in a value of 970 AU.
 By integrating over the model fitted to the infrared excess, we also computed theluminosities of the disk and the dust shell, 10 � 3 and 9 � 3 L � , or 21 and 18% ofthe stellar luminosity, respectively. The sum of these two contributions is equal tothe amount of stellar luminosity absorbed by dust in the blue and ultraviolet (30 L � ),computed by taking the difference between the luminosities of the Kurucz model fittedto the extinction-corrected SED and a version of this model reddened with � � = 3.1 and
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4.9. POSITION IN THE HR-DIAGRAM
 Fig. 4.9. Position of V351 Ori in the Hertzsprung-Russell diagram. Also shown arethe theoretical Pre-main sequence evolutionary tracks and the birthline by Palla &Stahler (1993).
 � � � � � = 0 �� 16. This shows that dust clouds may indeed be sufficient to explain the
 observed infrared excess and photometric variations of V351 Ori.It is important to stress that all infrared observations of V351 Ori were made during
 the period in which the star still showed photometric variations. Therefore, we do notknow whether the infrared excess shown in Fig. 4.8 is still the same today, or that ithas changed along with the star’s photometric behaviour. New infrared photometricobservations of V351 Ori are needed to clarify this issue.
 4.9 Position in the HR-diagram
 Using the stellar luminosity of 50 � 14 L � computed in the last section, we werealso able to obtain the position of V351 Ori in the Hertzsprung-Russell diagram. Theresulting HR diagram, in which the Pre-Main Sequence evolutionary tracks by Palla& Stahler (1993) are also plotted, is shown in Fig. 4.9. The dotted line in this diagramis the so-called “birthline”, where a star becomes visible for the first time during itsevolution towards the main sequence. From Fig. 4.9 we note that V351 Ori is locatedbetween the main sequence and the birthline, at the evolutionary track of a star with amass between 2.5 and 3.0 M � . According to the isochrones by Palla & Stahler (1993),the age of a star at the position in the HR-diagram indicated in Fig. 4.9 would be 1–2 �10
 �year.
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CHAPTER 4. THE REMARKABLE HERBIG AE STAR V351 ORI
 4.10 Discussion and conclusionsThe photometric behaviour of V351 Ori may play a key role in understanding the pre-main sequence evolution of intermediate-mass stars. In this chapter we have shownthat this object changed from a Herbig Ae star with strong photometric variations toa almost non-variable one. Such a change had previously only been observed in theHerbig Ae star BN Ori around 1947 (Shevchenko et al. 1997). This behaviour and otherproperties of V351 Ori deserve special attention in the study of the evolution of HerbigAe stars towards the main sequence.
 A first conclusion that can be drawn from the fact that we have actually been ableto observe such transitions in the relative short period these stars have been observedsystematically, is, that such transitions from Herbig Ae stars with strong photometricvariations to almost non-variable ones must occur quite often during the evolution ofintermediate-mass HAeBe stars towards the main sequence (MS). We should realise,however, that it is equally probable that before such a star reach the MS, it will becomestrongly variable again, after collecting enough dust from its environment.
 During the process of V351 Ori’s transition from a Herbig Ae star with strong pho-tometric variations to a non-variable one, the maximum brightness in the Stromgren� , � and � magnitudes decreased, whereas the maximum brightness in � increased,causing a strong blueing effect in the colour-magnitude diagrams. The change fromthis transition period to the state in which V351 Ori is nearly constant, at a brightnesslevel equal to that of its maximum brightness before the transition period, happenedvery fast (within 50 days), and went along the interstellar reddening line in the colour-magnitude diagrams. These facts may give us a clue to the mechanisms responsiblefor the peculiar behaviour of this star.
 Since before JD 2446000 the photometric variations of V351 Ori were caused bydust clouds revolving in Keplerian orbits around the star, it seems that around thisdate some event started which either destroyed the dust in these clouds, or moved thedust clouds from our line of sight. This event continued until JD 2448200, after whichthe star rapidly became nearly constant in brightness. So far, we can only speculateabout the cause of this event. It could be that it is correlated with a temporarily strongaccretion of dust onto the star. Such an event will be accompanied by shock-frontswhich creates an extremely hot gaseous disk near the equatorial plane close to the star.This hot optically thick gaseous disk blocked part of the visual and blue light of thestar, causing a visual brightness decrease of about 0 �
 � 2. At the same time, this hot ob-ject radiates ultraviolet energy superposed on that of the central star. This is causingthe increase of the ultraviolet brightness of the star. When the accretion of dust stops,the visual and blue stellar light regain their maximum brightness, whereas the ultravi-olet contribution of the hot disk disappears, and the ultraviolet brightness drops. TheROSAT mission flew in the same period in which this extremely hot gaseous disk waspresumably present close to V351 Ori; it should be observable in X-rays. Unfortunatelyno ROSAT observations of the field containing V351 Ori were made.
 At present it is very important to observe V351 Ori in the near infrared. If the dustclouds close to the star are indeed accreted onto the central star, we should expect a
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 Note added in proof The Hipparcos results discussed in Chapter 3 show that V351 Orihas remained constant until the end of the Hipparcos mission in 1993. After the currentchapter was published, new ����� ��� aperture photometry of V351 Ori was obtainedon Sept. 14–16, 1997 (JD 2449975.424–2449979.374), at the South African AstronomicalObservatory. The resulting magitudes were not significantly different from those ob-tained by Kilkenny et al. (1985), showing that the total amount of warm dust has notchanged. However, new spectroscopic observations by Gray & Corbally (1998, AJ 116,2530) have shown V351 Ori to be slightly metal depleted, suggesting a relation of thephenomena discussed in this chapter with those observed in � Bootis stars.
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Chapter 5
 Circumstellar Dust in the Herbig AeSystems AB Aur and HD 163296
 M.E. van den Ancker, J. Bouwman, P.R. Wesselius, L.B.F.M. Waters,S.M. Dougherty and E.F. van Dishoeck, A&A, submitted (1999)
 Abstract
 Using both the Short- and Long-wavelength Spectrometers on board the InfraredSpace Observatory (ISO), we have obtained infrared spectra of the Herbig Ae sys-tems AB Aur and HD 163296. In addition, we obtained ground-based � band imagesof HD 163296. Our results can be summarized as follows: (1) The main dust compo-nents in AB Aur are amorphous silicates, iron oxide and PAHs; (2) The circumstellardust in HD 163296 consists of amorphous silicates, iron oxide, water ice and a smallfraction of crystalline silicates; (3) The infrared fluxes of HD 163296 are dominated bysolid state features; (4) The colour temperature of the underlying continuum is muchcooler in HD 163296 than in AB Aur, pointing to the existence of a population of verylarge (mm sized) dust grains in HD 163296; (5) The composition and degree of crystal-lization of circumstellar dust are poorly correlated with the age of the central star. Theprocesses of crystallization and grain growth are also not necessarily coupled. Thismeans that either the evolution of circumstellar dust in protoplanetary disks happensvery rapidly (within a few Myr), or that this evolution is governed by factors otherthan stellar mass and age.
 5.1 IntroductionHerbig Ae/Be stars are intermediate-mass pre-main sequence stars surrounded by
 disks of gas and dust which might be the site of on-going planet formation (see Waters& Waelkens 1998 for a recent review). AB Aur (A0Ve) and HD 163296 (A3Ve) belongto the best studied Herbig stars and are sometimes considered prototypical for the
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CHAPTER 5. DUST IN THE HERBIG AE SYSTEMS AB AUR AND HD 163296
 Table 5.1. Astrophysical parameters of programme stars
 AB Aur Ref. HD 163296 Ref.
 � (2000) 04 55 45.79 (1) 17 56 21.26 (1)� (2000) +30 33 05.5 (1) � 21 57 19.5 (1)� [pc] 144 � � �
 ���� (2) 122 �
 ����
 � � (2)Sp. Type A0Ve+sh (3) A3Ve (8)
 � [ � ] 7.03–7.09 � (2) 6.82–6.89 (2)��� � � �� [ � ] 0.16 0.02 (4) 0.04 0.02 (4)� �! [K] 9500 � � ���
 ������ (2) 8700 � �����
 ������ (4)
 �"
 [L � ] 47 12 (2) 26 5 (4)�"
 [R � ] 2.5 0.5 (4) 2.2 0.2 (4)� " [M � ] 2.4 0.2 (2) 2.0 0.2 (4)log(Age) [yr] 6.3 0.2 (2) 6.6 0.2 (4)H � P Cygni (5) Double-peaked (9)����� � � [km s �
 �] 80 5 (5) 120 1 (10)
 rot. period [�] 32 3 (6) 35 5 (11)
 � [ � ] 76 (7) 58 (7)P.A. [ � ] +79 � �
 �� (7) +126 � �
 �� (7)
 � However, older photographic measurements (Gaposchkin 1952) show values up to � �� ���� ���for AB Aur.References: (1) Hipparcos Catalogue; (2) Chapter 3; (3) Bohm & Catala (1993); (4) This chapter;(5) Bohm & Catala (1995); (6) Bohm et al. (1996); (7) Mannings & Sargent (1997); (8) Gray &Corbally (1998); (9) Pogodin (1994); (10) Halbedel (1996); (11) Catala et al. (1989).
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 entire class. As early as 1933, Merrill & Burwell remarked upon the similarity of bothsystems, which was confirmed by numerous subsequent authors. Apart from the factthat the stellar mass, effective temperature and age of AB Aur and HD 163296 arenearly identical (Table 3.1), the similarity between the two systems also extends to theircircumstellar environment: both AB Aur and HD 163296 are examples of relativelyisolated star formation, and are not hindered by confusion with other sources (Henninget al. 1998; Di Francesco et al. 1998).
 Both AB Aur and HD 163296 show a rich, variable, emission-line spectrum fromthe ultraviolet to the optical. With a few exceptions, most noticeably the observed [O I]emission, these lines have been successfully modelled as arising in an inhomogeneousstellar wind (Catala et al. 1989; Bohm et al. 1996; Bouret et al. 1997). Infall of materialhas been detected in both HD 163296 and AB Aur through monitoring of UV andoptical absorption and emission lines (Grady et al. 1996, 1999). In the infrared, bothstars are among the sources with the strongest 10 � m silicate feature in emission (Cohen1980; Sitko 1981; Sorrell 1990). Neither star shows the 3.29 � m UIR emission bandpresent toward many Herbig Ae/Be stars (Brooke et al. 1993). Basic astrophysicalparameters of both stars are listed in Table 5.1.
 There is strong evidence for the presence of a circumstellar disk in both AB Aur andHD 163296. Bjorkman et al. (1995) detected a 90 � flip of the polarization angle betweenthe optical and the ultraviolet in HD 163296, which they interpreted as evidence for aflattened, disk-like structure. Mannings & Sargent (1997) resolved the gaseous diskssurrounding AB Aur and HD 163296 using CO millimeter wave aperture synthesisimaging. Using continuum measurements at 1.3 mm, the same authors also resolvedthe circumstellar dust disk of HD 163296. The AB Aur dust disk has also been re-solved in the infrared, and shows a surprisingly strong dependence of disk diameteron wavelength, ranging from 0 �
 � �
 0065 (0.94 AU) at 2.2 � m (Millan-Gabet et al. 1999),through 0 �
 � �
 24 (35 AU) at 11.7 � m to 0 �� �
 49 (70 AU) at 17.9 � m (Marsh et al. 1995).In this chapter we present new infrared spectra of AB Aur and HD 163296 obtained
 with the Short- and Long Wavelength Spectrometers on board the Infrared Space Obser-vatory (ISO). We will discuss these spectra and their implications for the evolution ofdust in Herbig systems. In a subsequent paper (Bouwman et al. 1999), we will describea model for the circumstellar dust disks of AB Aur and HD 163296 and apply it to thesedata.
 5.2 ObservationsISO Short Wavelength (2.4–45 � m) Spectrometer (SWS; de Graauw et al. 1996) andLong Wavelength (43–197 � m) Spectrometer (LWS; Clegg et al. 1996) full gratingscans of AB Aur were obtained in ISO revolutions 680 (at JD 2450717.747) and 835(JD 2450872.380), respectively. An SWS full grating scan of HD 163296 was made inrevolution 329 (JD 2450367.398). Observing times were 3666 seconds for the SWS and2741 seconds for the LWS observations. Data were reduced in a standard fashion usingcalibration files corresponding to OLP version 7.0 (SWS) or 6.0 (LWS), after which they
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 were corrected for remaining fringing and glitches. To increase the S/N in the finalspectra, statistical outliers were removed and the detectors were aligned, after whichthe spectra were rebinned. The resulting spectra are shown in Fig. 5.1.� -band (10.1 � m) images of HD 163296 were obtained on July 25, 1997 (at JD2450654.608) using TIMMI on the ESO 3.6m telescope at La Silla. Total integration timewas 65 minutes. The pixel size was 0 �
 � �
 336, with a total field of view of 21 �� �
 5 � 21 �� �
 5. Aftera standard reduction procedure, the HD 163296 image was indistinguishable from thatof the standard star � Sgr. After deconvolution of the HD 163296 image with that of
 � Sgr, the resulting stellar image stretched across 2 pixels. We conclude that the bulkof the 10 � m flux of HD 163296 comes from an area less than 0 �
 � �
 7 (90 AU at 122 pc) indiameter.
 5.3 Contents of spectraThe infrared spectra of AB Aur and HD 163296 (Fig. 5.1) show big differences: whereasAB Aur shows the cool, strong continuum expected for a Herbig star, for HD 163296the continuum appears to be so weak that the entire SWS spectrum is dominated bysolid-state emission features. The IRAS fluxes also plotted in Fig. 5.1 suggest that anunderlying continuum in HD 163296 is present, but peaks longward of 100 � m andtherefore is much cooler than the � 40 K continuum in AB Aur.
 Both AB Aur and HD 163296 show a strong 9.7 � m amorphous silicate feature to-gether with a broad emission complex ranging from 14 to 38 � m. The emissivities forvarious dust components in the spectra are included in Fig. 5.1. In the HD 163296spectrum the broad emission complex ranging from 14 to 38 � m is too broad and toointense to be solely attributed to the 19 � m feature due to the O–Si–O bending mode.We tentatively attribute this feature to a blend of silicates and iron oxide. Lab spectraof FeO also show a strongly rising emissivity in the short-wavelength range of the SWS(Henning et al. 1995). When folded with a � 800 K blackbody, this naturally producesa broad emission feature peaking around 3 microns, which is present in both stars.
 The large degree of redundancy in the SWS data makes it possible to assess thereality of weak spectral features which at first glance may appear to be lost in thenoise. Each part of the spectrum was scanned twice by twelve detectors, so by checkingwhether a particular feature is seen in all detectors and in both scan directions, it ispossible to disentangle real features from noise. The features identified in this way arelisted in Table 5.2. AB Aur clearly shows the familiar 6.2 and 7.7 and possibly alsothe 8.6 and 11.2 � m UIR bands usually attributed to emission by polycyclic aromatichydrocarbons (PAHs), as well as a new UIR band at 15.9 � m. The 3.29 � m UIR band isabsent.
 The HD 163296 spectrum shows a number of small emission features at wave-lengths corresponding to those of crystalline olivines. ((Mg � Fe �
 �� ) � SiO � ). In addition
 to this, HD 163296 shows emission from the 44 � m H � O ice feature. The relative loca-tion of the IRAS 60 � m measurement in comparison to the SWS spectrum suggests thatthe long-wavelength H � O ice feature around 69 � m as well as the broad unidentified
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 Fig. 5.1. ISO spectra of AB Aur (top) and HD 163296 (bottom) with the main featuresidentified. The solid dots indicate ground-based and IRAS photometry (Berrilli etal. 1987, 1992; Hillenbrand et al. 1992; Weaver & Jones 1992). The dashed line inthe top plot is the AB Aur spectrum after subtracting a spline fit to the continuum.Also shown (dashed lines at bottom) are the emissivities at a given temperature ofthe various dust components in the spectra. The bars at the bottom of the plot showthe IRAS 12, 25, 60 and 100 � m passbands (FWHM). The inset in the AB Aur plotshows the UIR bands in the 5.5–9.0 � m region after subtracting a pseudo-continuum.
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 Table 5.2. Contents of spectra
 Feature FeO PAH PAH PAH PAH Si-O PAH PAH O-Si-O FeO� [ � m] [3] [3.3] [6.2] [7.7] [8.6] [9.7] [11.2] [15.0] [15.9] [19] [23]
 AB Aur � – � � � � � : � : � � �HD 163296 � � : � : – – � – – – � �
 Feature Oliv. Oliv. Oliv. Pyr.? Oliv. Oliv. Oliv. H � O ice� [ � m] [11.3] [13.4] [16.3] [17.8] [18.2] [23.5] [31.3] [33.5] [40.7] [43.8]
 AB Aur – – – – – – � : � : � : –HD 163296 � � � � � � � � � �
 feature longward of 100 � m, observed in HD 100546 and HD 142527 (Malfait et al. 1998and in preparation), might also be very prominent in HD 163296. PAHs are very weakor absent in HD 163296.
 In addition to the solid-state features, both AB Aur and HD 163296 also contain anumber of H I recombination lines at shorter wavelengths. All lines from the Bracketand Pfund included in the SWS wavelength range series are present, while the higherH I series are not detected, possibly due to the combined effect of a lower instrumentalsensitivity and a higher background in this part of the spectrum. These recombinationline data will be discussed in more detail in a forthcoming paper.
 The LWS spectrum of AB Aur is relatively smooth and featureless. The only linethat is clearly visible in the spectrum is the [C II] line at 157.7 � m. The strength of thisline (8.6 � 10 �
 � �W m �
 � ) is compatible with it originating in the background ratherthan being circumstellar. As can be seen from Fig. 5.1, there is a � 25% difference inthe flux scales between the AB Aur SWS and LWS spectra in the overlapping region.Although within the formal errors of the absolute flux calibration for SWS and LWS,this discrepancy is larger than that found in other sources. The difference cannot be at-tributed to the different aperture sizes (33
 � �
 � 20� �
 for SWS versus a circular 80� �
 FWHMfor LWS), and confusion with extended emission, since then the LWS spectrum wouldhave to have a higher flux level than the SWS spectrum. It is interesting to note thatin the time interval between the SWS and LWS measurements, AB Aur did show anoptical photometric event which could have also affected the infrared brightness (vanden Ancker et al. 1999 and references therein), so the difference in flux between SWSand LWS might in fact be due to real variability. In Fig. 5.1 we also plotted the IRASfluxes of AB Aur. Although compatible with both spectra, the IRAS 60 � m flux agreesbetter with the SWS spectrum, so we rather arbitrarily choose to adopt the SWS fluxcalibration for the region around 45 � m.
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 Fig. 5.2. Spectral energy distributions of AB Aur (top) and HD 163296 (bottom). Opensquares and circles indicate observed and extinction corrected fluxes from literature(Wesselius et al. 1982; The et al. 1985; Strom et al. 1972; Cohen & Schwartz 1976;Berrilli et al. 1987, 1992; Hillenbrand et al. 1992; Weaver & Jones 1992; Mannings1994; Gudel et al. 1989; Brown et al. 1993; Skinner et al. 1993). The solid lines showKurucz models for the stellar photospheres of AB Aur and HD 163296. The dashedlines show linear fits to the submm data points for comparison with the slope of theRayleigh-Jeans tail of the Kurucz model.
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 5.4 Spectral energy distributionsSpectral Energy Distributions (SEDs) of AB Aur and HD 163296 were constructed fromliterature data as well as our new ISO spectra and newly obtained VLA photometry forHD 163296 (van den Ancker et al., in preparation) and are shown in Fig. 5.2. All thesubmm fluxes in these SEDs refer to single-dish measurements. As can be seen fromFig. 5.2, the SED can be naturally decomposed in three parts: the optical wavelengthrange, where the total system flux is dominated by the stellar photosphere, the infraredto submm, where emission originates from the circumstellar dust disk, and the radio,where free-free emission from the stellar wind becomes dominant.
 The difference in behaviour of the dust component in HD 163296 and AB Aur isstriking: after a nearly flat energy distribution in the infrared, the sub-mm and mmfluxes of AB Aur drop rapidly ( ��� ��� �
 ��� � ), indicative of the dust becoming optically
 thin at these wavelengths, whereas toward HD 163296 the slope of the sub-mm to mmfluxes ( � �
 ���� � ) is within errors equal to that of the Rayleigh-Jeans tail of a black body
 ( � ��
 � ). The new radio points at 1.3, 3.6 and 6 cm for HD 163296 do not follow thesimple power-law dependence expected if these were solely due to free-free radiation.This demonstrates that even at wavelengths as long as 1.3 cm, a significant fractionof the system flux is due to circumstellar dust. The 3.6 and 6 cm fluxes are probablydominated by free-free emission.
 The energy distribution of a circumstellar dust disk is governed by its temperatureprofile, the density distribution and the dust properties (chemical composition and sizedistribution). Since the circumstellar disks of AB Aur and HD 163296 stars are expectedto be passive (Waters & Waelkens 1998) and the properties of the central stars are nearlyidentical, the temperature profile in the disks are expected to be similar as well. Onepossibility to explain the different sub-mm to mm slope for AB Aur and HD 163296could be a much flatter density distribution for HD 163296. However, with a standardsub-mm dust emissivity ( � = 2) the inferred dust mass for HD 163296 would becomeimplausibly large. A better explanation may be that the dust properties of AB Aur andHD 163296 are different, a fact already concluded independently from the ISO spectra.To be able to radiate efficiently, dust particles must have a size similar to (or larger than)the wavelength, pointing to the existence of a population of mm- to cm-sized cold dustgrains in the circumstellar environment of HD 163296, whereas those in AB Aur mustbe micron-sized. The ISO spectrum of HD 163296 also contains warm ( � 800 K) dust,suggesting a significant lack of emission from dust of intermediate temperatures.
 5.5 Discussion and conclusionsWe have shown that the main difference between the AB Aur and HD 163296 systemsis that HD 163296 contains a population of very large (mm to cm-sized), cold, partiallycrystalline, dust grains, which is absent in AB Aur. AB Aur contains a population ofsmall dust grains (PAHs), which is absent in HD 163296. In view of the fact that thestellar parameters are nearly identical except for stellar rotation, these differences are
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 remarkable. This must mean that either the evolution of the dust composition in proto-planetary disks happens within the error in the age determination of both systems (2 � �
 ��
 Myr for AB Aur vs. 4 ��
 �� Myr for HD 163296; Chapter 3), or that the evolution of the dust
 is dominated by external factors such as initial cloud size and angular momentum.We have also shown that in AB Aur and HD 163296 iron oxide is a constituent of the
 circumstellar dust mixture and can also be responsible for the observed excess emissionnear 3 � m. Since the near-infrared excess exhibited by our programme stars is by nomeans unusual for a Herbig Ae/Be star, this means that the same applies for the entiregroup of Herbig stars. Therefore the results of models attributing this near infraredexcess emission to very hot dust from an actively accreting disk (e.g. Hillenbrand etal. 1992) must be regarded with some caution. The case of HD 163296 demonstratesthat infrared broad-band photometry can be completely dominated by emission fromsolid-state features, which must also be taken into account in any future modelling ofthe energy distributions of Herbig stars.
 The detection of PAHs in AB Aur shows that ground-based surveys (e.g. Brookeet al. 1993) have underestimated the fraction of Herbig stars containing PAHs. Thecase of HD 163296 shows that the fraction of Herbig stars showing PAH emission willnot go up to 100%, so models depending on the presence of very small dust grainsto explain the observed near-infrared excess in Herbig Ae/Be stars (Natta et al. 1993;Natta & Krugel 1995) will not be successful in all cases. We believe iron oxide to be amore plausible explanation for this near-infrared excess.
 It is difficult to attribute the absence of the 3.29 � m feature in AB Aur to an unusualtemperature of the PAHs. Since the 6.2 and 7.7 � m C–C stretches are strong, while thebands due to C–H bonds are weak or absent, a more promising possibility seems a verylow hydrogen covering factor of the PAHs in AB Aur or the presence of a populationof large ( � 100 C atoms) PAHs (Schutte et al. 1993). If the new 15.9 � m UIR band inAB Aur is also caused by PAHs, this suggests that it is also due to a C–C bond.
 To gain more insight in the evolution of dust in protoplanetary disks, it is usefulto compare the spectra presented here to those of other Herbig Ae stars. Except forthe absence of crystalline material, the AB Aur spectrum and energy distribution arenearly identical to those of its older counterpart HD 100546 (Malfait et al. 1998). In thecase of AB Aur (2.5 M � ), any possible crystallization of circumstellar dust must there-fore occur at a stellar age older than 2 � 10
 �years. The differences between HD 100546
 and HD 163296 are larger: the crystalline dust in HD 100546 is much more prominentthan that in HD 163296 and the population of large cold dust grains seen in HD 163296is absent in HD 100546.
 As these cases of AB Aur, HD 163296 and HD 100546 demonstrate, the age of thecentral star and the degree of crystallization do not show a one to one correspondence,but the processes of grain growth and crystallization in protoplanetary disks are alsonot necessarily coupled. Studying a larger sample of Herbig Ae/Be stars might shedmore light on what causes this large observed diversity in dust properties in systemswhich appear very similar in other aspects.Acknowledgements. This chapter is based on observations with ISO, an ESA project with in-struments funded by ESA Member States (especially the PI countries: France, Germany, the
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Chapter 6
 Submillimeter Mapping of the R CrARegion
 M.E. van den Ancker and G. Sandell,A&A, to be submitted (1999)
 AbstractWe present new 450, 800 and 850 � m maps of the R CrA region obtained with UKT14as well as the newly installed Submillimeter Common User Bolometer Array (SCUBA)at the JCMT. We show that in addition to the previously known population of classI and II young stellar objects (YSOs), the region also contains at least two and possi-bly as many as six sofar unknown Class 0 sources. This brings the density of knownYSOs in the region to similar values to that found in other star forming regions. Fromthe multitude of Class 0 sources in the region we conclude that either these cannot beunambiguously identified with protostars or that the protostellar evolutionary phasemust last much longer than predicted by current evolutionary theories. In additionto this, we show that the two newly detected YSOs are the most likely candidates forthe driving sources of the Herbig-Haro objects in the region.
 6.1 IntroductionAt a distance of 130 pc (Marraco & Rydgren 1981), the Corona Australis cloud is oneof the closest regions of active star formation. Superimposed on an elongated systemof dark clouds, several more compact bright nebulae are visible, which are thoughtto be the location of recent star formation. At the heart of condensation A one findsthe bright nebula NGC 6729. The Herbig Ae star R CrA is located at the apex of thiscometary nebula, whereas another Herbig star, T CrA, is located in the tail. Apartfrom these two massive, optically visible, young stellar objects (YSOs), it also containsa population of about 20 more embedded YSOs, clustered around R CrA (Knacke et al.1973; Taylor & Storey 1984; Wilking et al. 1997).
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 An elongated nebulous structure, apparently associated with R CrA, has been inter-preted by Ward-Thompson et al. (1985) as being due to two jets, probably emanatingfrom this star. The same authors also report the presence of a jet associated with TCrA. Ward-Thompson et al. (1985) interpreted these jets as being collimated by a smallinner circumstellar disk focussing the CO outflow. An alternative explanation is givenby Canto et al. (1986), who suggest that there is only one structure with its plane vis-ible in the North-South direction. The optical jet is then explained as light emitted orreflected by the southern edge of the eastern cavity.
 The dynamics of the gas in the molecular cloud is complicated. Levreault (1988)mapped the region in
 � � CO � =2–1 and pointed out that his results can be best under-stood as arising from the superposition of two separate bipolar molecular outflows; astrong compact one, arising from the neighbourhood of the R CrA cluster, in the East-West direction and a more extended one, apparently centered on the source HH100-IR,at a position angle of 30 � . More recent observations in several sub-mm molecular tran-sitions by Harju et al. (1993) and Anderson et al. (1997) showed that the driving sourceof the East-Western outflow is not the Herbig star R CrA, as was originally proposed byLevreault, but the infrared source IRS7. They also discovered a dense, rotating molec-ular disk around this embedded YSO. The rotation axis of this molecular disk is notwell aligned with the bipolar molecular outflow, but shows a remarkable coincidencewith a string of Herbig-Haro (HH) objects discovered by Hartigan & Graham (1987).They suggested that IRS7 is the driving source for these as well as the powerful shockseen in SiO ( � =2–1, � =0) emission.
 In the 6 cm VLA map of the R CrA region obtained by Brown (1987), IRS7 shows anextended structure with two point-like sources situated symmetrically on both sidesof the object. He proposed that the continuum radio emission may be due to shock-excited inner portions of a thick accretion disk surrounding a YSO with a strong stellarwind. This interpretation was recently rejected by Wilking et al. (1997), who showedthat at 10 � m the source is offset from its near-infrared position and can be identifiedas scattered light from the heavily embedded western radio-source, IRS7A. The natureof the western radio-source, IRS7B, remains unclear.
 Henning et al. (1994) and Saraceno et al. (1996) mapped the central region of the RCrA cloud at 1.3 mm. They showed IRS7 to be the strongest submillimeter source andremarked upon the similarity of this embedded ( ��� � 35 � ; Taylor & Storey 1984) objectto the well-known YSO L1551-IRS5. Considering the proximity of IRS7 to the HerbigAe/Be star R CrA, this means that published far-infrared and submillimeter fluxes ofR CrA in literature (Wilking et al. 1985; Natta et al. 1993; Mannings 1994) must at leastpartly be attributed to this source rather than the Herbig star. Models describing thedistribution or composition of the circumstellar material assuming R CrA is the onlycontributing source (Natta et al. 1993; Pezzuto et al. 1997) must therefore be used withcaution.
 In this chapter we present new maps of the R CrA region at 450, 800 and 850 micronsand show that it also contains a population of embedded protostars which are the mostlikely candidates for the driving sources of the Herbig-Haro objects.
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6.2. OBSERVATIONS
 Fig. 6.1. UKT14 850 � m continuum map of the R CrA region. Contours are overplot-ted at intervals of 0.03 mJy beam �
 �, starting at a level of 0.03 mJy beam �
 �. Prominent
 infrared and radio sources in the region are indicated by stars and squares, respec-tively. The circle at the bottom right corner illustrates the beam size.
 6.2 ObservationsThe central part of the R CrA region was mapped at 800 � m using the UKT14 Com-mon User Bolometer (Duncan et al. 1990) on the 15 m James Clerk Maxwell Telescope(JCMT) on Mauna Kea, Hawaii, during several periods from 1988 to 1990. Simulta-neous 450 and 850 � m maps of the region were obtained in August 1997 with theSubmillimeter Common User Bolometer Array (SCUBA) on the same telescope. Forthe UKT14 data the mapping was performed by scanning the telescope continuouslyin azimuth, while the SCUBA maps were obtained by jiggling the JCMT’s secondarymirror to 64 points to completely sample the 2 �
 �
 3 hexagonal field of view. Beam sizes(half-power beam width) for these observations were 8.5, 13.5 and 14 �
 � �
 7 for the 450,800 and 850 � m data, respectively. Sky variations were cancelled out by chopping thesecondary by 36 (UKT14) and 120 (SCUBA) arcseconds in azimuth as well as by nod-ding the telescope. For the SCUBA data, residuals of the remaining emission fromthe earth’s atmosphere were taken out by subtracting an interpolation of the signal ofseveral bolometers at the edge of the array. Since in the region under considerationeven these are expected to contain signal from the more extended dark cloud, the av-erage level of the subtracted signal was later added again into the final image. Aftera standard data reduction process, the resolution of the UKT14 map was enhanced by
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 Fig. 6.2. SCUBA 450 (left) and 850 (right) � m maps of the R CrA region. Contours are overplotted at intervals of 1.2 mJy beam ��
 , starting ata level of 1.3 mJy beam �
 �
 for the 450 � m map, and at intervals of 0.3 mJy beam ��
 starting at 0.3 mJy beam ��
 for the 850 � m data. Prominentinfrared and radio sources in the region as well as beam sizes are again shown.
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6.3. DISCUSSION AND CONCLUSIONS
 Table 6.1. Positions and photometry of point-like sources
 No. R.A. Decl. ��� � � ����� � ��� � � � ��� � � ��� � � ��� �(B1950.0) [mJy] [mJy] [mJy]
 1 18 58 28.5 � 37 02 32 6.6 1.1 –2 18 58 32.2 � 37 02 07 4.6 – 0.83 18 58 32.8 � 37 01 41 6.7 1.3 0.94 18 58 33.2 � 37 02 10 5.2 – 1.55 18 58 33.9 � 37 01 52 5.5 0.9 0.86 18 58 36.1 � 37 01 31 7.1 1.3 1.5
 deconvolving it using a maximum entropy technique.Flux calibration of the final maps was achieved by observing the planets Mars and
 Uranus as well as sources from the list of secondary submm calibrators by Sandell(1994). The accuracy of the absolute flux calibration in the final images is expected tobe better than 15% at 800 and 850 � m and approximately 30% for the 450 � m data.The positioning of the telescope was checked by observing standard pointing sourcesbefore and after each observation and is accurate up to 2
 � �
 . Fluxes and positions ofpoint-like sources in the region were determined by fitting two-dimensional Gaussiansto the reduced maps and computing the total flux from these. This procedure gavean uncertainty in the measurements, mainly due to the correction for the extendedbackground emission, of around 20%, bringing the total error of the point source fluxesto � 25% for 800 and 850 � m and 40% for 450 � m. Resulting positions and fluxes arelisted in Table 6.1.
 Comparing the fluxes in Table 6.1 with submm aperture photometry of the regionin literature it can be easily seen that some authors have considerably overestimatedthe fluxes coming from the two optically brightest stars, R and T CrA because of poorsubtracting of emission from the surrounding nebula. In fact, there is hardly any en-hanced continuum flux at the position of these stars in our maps. We conclude that theintrinsic submm flux of these objects must be smaller than 4.5 mJy at 450 and 1.1 mJyat 850 � m.
 6.3 Discussion and conclusionsThe positions of several known near-infrared and radio-sources are overplotted inFigs. 6.1 and 6.2. The continuum emission at both 450 and 850 � m is dominated bythe central region, which appears to be resolved into at least four compact sources,superimposed on a large extended structure, in the 450 � m SCUBA map. Becauseof the crowded region, these four sources cannot be unambiguously identified withnear-infrared sources. Although the positional agreement isn’t perfect, we tentativelyidentify the two most northern compact sources in the core with radio sources 7A and
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 B from the paper by Brown (1987).In the 850 � m SCUBA map an extension of the central nebulosity to the west, ex-
 tending to the edge of the image can be seen. It seems likely that this is due to thesource IRS 5, located just outside our 850 � m map, which is also visible in the VLAmaps of the R CrA region by Brown (1987) and in the 1.3 mm map of Henning et al.(1994). IRS 5 is one of the few objects in the region to possess an infrared reflection neb-ula (Castelaz & Hackwell 1987) and was also classified as an infrared excess source byWilking et al. (1997). Suters et al. (1996) found this source to show variable continuumemission at 6 cm. The reason for this variability remains unclear.
 In addition to the sources in the core, there are two point-like sources at the edgeand just outside the extended emission. One of these is roughly (offset � 10
 � �
 ) coin-cident with the location of HH-100 IR. The other one is located near the Herbig-Haroobjects HH-104 A and B (Hartigan & Graham 1987; Graham 1993). Both these submmsources do not seem to have a near-infrared counterpart and can be identified withClass 0 sources in the classification scheme devised by Lada (1987) and Andre et al.(1993). Our north-eastern submm source is not present in the radio- and submm con-tinuum maps of the region by Brown (1987), Suters et al. (1996), Henning et al. (1994)and Saraceno et al. (1996). The fact that it is present in both the UKT14 and SCUBAdata convinces us that this source is most definitely real and must have escaped de-tection in the previous surveys because these were either less sensitive (radio) or hadless spatial resolution (submm) than ours. The inclusion of the new Class 0 sourcesin counts of the stellar density in the cluster (Wilking et al. 1997) brings the resultingnumbers well in agreement with other embedded clusters such as NGC 2024, NGC2068 and 2071 in Orion and the BD+40 � 4124 group.
 It is striking that our two isolated point-like submm sources both have severalHerbig-Haro (HH) objects in their vicinity. Furthermore, the north-eastern one is lo-cated close to HH-104 A and B, the only HH objects in the region not located in thestring of Herbig-Haro objects discovered by Hartigan & Graham (1987). Our south-western object is located exactly in the middle of this linear structure. This brings usto suggest that our two Class 0 sources are in fact the driving sources behind the HHobjects in the region.
 The distribution of sources in Figs. 6.1 and 6.2 is intriguing: The two sources locatedoutside the central nebulosity show that star formation has already advanced past thecentral core to the outer regions. Since there are four submillimeter sources in thecentral part of the region and only two in the outer parts, it seems safe to assumethat some of these are located in the core of the molecular cloud rather than in theouter parts and seen projected onto the core. From their positions in the Hertzsprung-Russell diagram we conclude that the two optically visible stars, R and T CrA, musthave formed at least 1.5 � 10 � years ago. Therefore, the star formation process inthis 5 pc diameter cloud core must have been going on over this entire period, andpossibly longer, since there may be older less massive stars in the region which are stillembedded because the pre-main sequence contraction is much slower for low-massstars.
 According to theoretical evolutionary models (Shu et al. 1987; Adams et al. 1987;
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 Fletcher & Stahler 1994), the protostellar phase (defined as the phase in which a centralobject has yet to accrete the bulk of its initial stellar mass from its surroundings) issupposed to be shortlived. During this evolutionary phase accretion rates, and hencebolometric luminosities, should be very high ( � 10 � � M � yr �
 �) and the source should
 show strong outflow activity. Given the predicted relative timescales of a YSO as aprotostar and as an “embedded YSO”, protostars are expected to form a very small( �
 � 1%) fraction of the population of any given cluster. In the past some authors haveidentified the Class 0 sources as good candidates for protostars. Yet we see at least twoand possibly as much of six Class 0 sources in our field, on a population with about 20Class I and two Class II sources. This must either mean that Class 0 sources cannot beunambiguously identified with protostars, but consist mainly of Class I sources seenthrough large amounts of extinction, or that the protostellar phase must last muchlonger (and accretion rates and hence luminosities must be lower) than predicted bycurrent evolutionary models. Further measurements to determine the exact energydistribution of our submm sources can distinguish between these two possibilities.Acknowledgements. This chapter is based on data obtained with the James Clerk Maxwell Tele-scope (JCMT), Mauna Kea, Hawaii. The JCMT is operated by the Joint Astronomy Centre onbehalf of the UK Particle Physics and Astronomy Research Council, the Netherlands Organiza-tion for Scientific Research and the National Research Council of Canada.
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Chapter 7
 ISO Spectroscopy of the Young BipolarNebulae S106 and Cep A East
 M.E. van den Ancker, A.G.G.M. Tielens and P.R. Wesselius,A&A, to be submitted (1999)
 AbstractWe present the results of ISO SWS and LWS grating scans towards the embeddedYoung Stellar Objects (YSOs) S106 IR and Cep A East. Emission from the pure rota-tional lines of H � and the infrared fine structure lines of [C II], [O I], [S I], [Si II] and[Fe II], as well as absorption bands due to H � O, CO and CO � ice were detected towardCep A. In S106 we detected emission lines of H � , CO, H I, and a number of ionizedspecies including Fe, O, N, C, Si, S, Ne and Ar. S106 also shows many of the infraredPAH bands in emission. Excitation temperatures and masses were derived from thelow-lying pure rotational levels of H � and are 490 and 740 K and 0.08 and 0.007 M � ofH � for S106 and Cep A, respectively. Since both objects are expected to have severalsolar masses of molecular hydrogen in their environment, we conclude that in bothcases the bulk of the H � is cooler than a few hundred Kelvins. Excitation temperaturesand line ratios were compared with those predicted by theoretical models for PDRsand dissociative and non-dissociative shocks. The [S I] 25.2 � m/[Si II] 34.8 � m ratiois a particularly useful shock versus PDR discriminant and we conclude that S106 IRis dominated by PDR emission while Cep A East has a large shock component. The[O I] 145.5 � m/[C II] 157.7 � m ratio is sensitive to density and we conclude that thedensity in the S106 PDR is about 10 � –10
 �cm �
 � . The density of the pre-shock gas inCep A is similar: about 10
 �cm �
 � .
 7.1 IntroductionThe infrared emission-line spectrum of Young Stellar Objects (YSOs) is dominated bythe interaction of the central object with the remnants of the clouds from which it
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 formed. The intense UV radiation generated by accretion as well as by the central staritself causes dissociation of molecular material close to the YSO and ionizes much ofthe atomic material, giving rise to typical nebular and recombination lines. The strongstellar wind, often collimated into a bipolar outflow, will cause a shock wave as it hitsthe surrounding molecular cloud. The post-shock gas is warmed sufficiently to emitstrong molecular and ionic lines. In this chapter we will study the infrared emission-line spectra of two massive YSOs, S106 IR and Cep A, and compare the observed lineswith those predicted by theoretical models for photodissociation regions and shocks.
 Neutral clouds irradiated by far-ultraviolet (FUV) photons are known as photodis-sociation regions (PDRs). In these regions, heating of the gas occurs by collisionswith electrons, photoelectrically ejected from grain surfaces. Cooling of the gas oc-curs mainly through emission in atomic fine-structure and molecular lines, reachingintensities that should be easily observable in a wide range of astronomical objects.The gas in the surface regions of these PDRs reaches temperatures of typically 500 K(e.g. Tielens & Hollenbach 1985), making it possible to collisionally excite the low-lyingpure rotational levels of molecular hydrogen, provided that the region has a sufficientdensity and incident FUV flux. Since the lowest ro-vibrational lines of H � have energylevels of the order of 5000 K, these low-lying pure rotational H � lines, hard to observefrom the ground, are the only reliable probe of the physical conditions of the dominantspecies.
 The physical situation in shock waves is quite distinct. Here the molecular gasis compressed by a supersonic wave moving into the gas and consequently heated.Shocks are usually divided into two distinct categories: J- or Jump-shocks, and C- orContinuous-shocks. In J-shocks viscous heating of the neutrals occurs in a thin shockfront in which radiative cooling is insignificant, while the post-shock gas is heated toseveral times 10
 �degrees (e.g. Hollenbach & McKee 1989), dissociating all molecular
 material. In J-shocks the physical conditions (density, temperature) change from theirpre- to post-shock values within one mean free path, causing an apparent discontinu-ity. Cooling of the post-shock gas occurs through atomic fine-structure lines as well asthrough re-formation of molecules.
 C-shocks are magnetized, non-dissociative shocks in which ions and the magneticfield are compressed ahead of the shock front and are able to heat the neutral gasto a few thousand degrees. In C-shocks the physical conditions change more gradu-ally from their pre- to post-shock values and cooling is mainly through radiation frommolecular material (e.g. Kaufman & Neufeld 1996). If the temperatures in a C-shockbecome sufficiently high to start to dissociate molecules, the cooling through the molec-ular lines diminishes, and the shock temperature increases until it turns into a J-shock.Shocks with a shock velocity larger than 40 km s �
 �are usually J-shocks, whereas slower
 shocks are usually of C-type (Chernoff et al. 1982).The bipolar nebula S106 is one of the most studied H II regions in our galaxy. The
 exciting source of the region is a very young massive stellar object, known as eitherIRS4 in the terminology of Gehrz et al. (1982) or IRS3 following Pipher et al. (1976).Around this central source, Hodapp & Rayner (1991) found a cluster of about 160 stars,embedded in the molecular cloud surrounding S106. Observed radio emission and H I
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 recombination lines from the region have been suggested to arise in a strong (��
 � 2 �10 � � M � yr �
 �), fast ( � 200 km s �
 �), stellar wind, driving a shock into the surrounding
 extended molecular cloud (Hippelein & Munch 1981). A dark lane, largely devoid ofany optical or infrared emission, separates the two lobes of the H II region. This darklane has been quoted many times as a prime example of a large (30
 � �
 ) circumstellardisk, consisting of cool gas and dust, seen nearly edge-on (Bieging 1984; Mezger et al.1987). However, Loushin et al. (1990) showed this structure to be an expanding ringof molecular material rather than a protoplanetary disk. Near-infrared ro-vibrationalemission of H � is seen to arise just outside the H II region, suggesting an origin in aPDR (Hayashi et al. 1990).
 Cep A is another well-known site of recent star formation. It contains a luminous(2.5 � 10
 �L � ; Evans et al. 1981) far-infrared source, as well as several fainter infrared
 sources. The core of the Cep A region remains obscured at optical and infrared wave-lengths due to massive amounts of extinction, and is the source of an energetic, com-plex molecular outflow (Bally & Lane 1982). Radio-observations show that it containstwo strings of about 13 ultracompact H II regions, arranged in a Y-shape (Hughes 1988).The source IRS 6a (Lenzen et al. 1984), located in the infrared nebula to the east of thecore, is the dominant source of the eastern lobe at 20 � m (Ellis et al. 1990), but po-larization measurements show that the nebula is illuminated by the compact radiosource HW-2 (Hughes & Wouterloot 1984), located � 5
 � �
 south of IRS 6a (Casement &McLean 1996). The fact that it is not visible at 20 � m implies an extremely large ex-tinction towards HW-2. H � emission occurs in both the eastern and western parts ofthe nebula (Doyon & Nadeau 1988). Hartigan et al. (1996) showed that the molecularemission to the east appears as a regular jet, whereas that to the west concentrates inshells, which they proposed to arise in wakes from bow shocks surrounding Herbig-Haro objects in the region. ISO observations of the western part of the region werediscussed by Wright et al. (1996), who modelled the observed infrared fine structurelines as arising in a planar J-shock with shock velocity 70–80 km s �
 �. The same authors
 modelled the observed molecular hydrogen emission as arising in a combination ofseveral C-shocks. This multitude of shocks in the region agrees with the explanationof Narayanan & Walker (1996), who reported the presence of multiple episodes of out-flow activity from the region. Recently, Goetz et al. (1998) presented strong evidencefor this scenario through near-infrared H � and [Fe II] images of Cep A East showingseveral distinct regions containing shocks.
 In this chapter we will present new Infrared Space Observatory (ISO; Kessler et al.1996) data on infrared fine-structure and molecular emission lines from the centralregion of S106, centered on IRS4, and the eastern part of Cep A, centered on IRS 6a.We will show that this emission can be well explained as arising in the combination ofa PDR and a H II region in the case of S106, whereas this emission seems to be shock-excited in the case of Cep A.
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 Fig. 7.1. Combined SWS/LWS full grating spectrum for S106 IR with the most promi-nent features identified.
 7.2 ObservationsISO Short Wavelength (2.4–45 � m) Spectrometer (SWS; de Graauw et al. 1996) fullgrating scans (“AOT S01”) of S106 IR and Cep A East were obtained in ISO revolutions335 (JD 2450373.740) and 843 (JD 2450880.050), respectively. Each of these observationstook 2124 seconds of observing time. In addition to this, deeper SWS grating scanson selected molecular and fine transition lines in the two objects (“AOT S02”) were ob-tained in revolutions 134 (at JD 2450172.705; S106), 220 (JD 2450258.463; Cep A) and 566(JD 2450603.706; Cep A). In revolutions 558 (JD 2450596.103) and 580 (JD 2450617.838),scans at the full SWS grating resolution (“AOT S06”) covering the wavelength rangesof 3.0–3.5, 4.0–6.8, 7.0–7.6 and 12.1–16.5 � m were obtained for S106 as well. ISO LongWavelength (43–197 � m) Spectrometer (LWS; Clegg et al. 1996) grating scans (“AOTL01”) of S106 IR and Cep A East were obtained in revolutions 134 (JD 2450172.726)and 566 (JD 2450603.681), respectively. Data were reduced in a standard fashion usingcalibration files corresponding to OLP version 7.0, after which they were corrected forremaining fringing and glitches. To increase the S/N in the final spectra, the detec-tors were aligned and statistical outliers were removed, after which the spectra wererebinned to a lower spectral resolution. Since both spectrometers on board ISO useentrance apertures that are smaller than the beam size, a wavelength dependent cor-rection has to be applied to the standard flux calibration when observing extendedsources. We determined these correction factors by convolving K-band images of S106
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 Fig. 7.2. Same as Fig. 7.1 for Cep A East.
 and Cep A East (Hodapp & Rayner 1991; Hodapp 1994), shown in Figs. 7.5 and 7.6,with the beam profile and applied these to the data before further analysis. The maxi-mum correction to the flux was 8% in the region around 40 � m. If the sources are moreextended at the longer wavelengths or in specific lines than the K-band images we em-ployed in estimating the diffraction losses, we will have underestimated the flux. Themaximum error this could introduce in the flux calibration is � 15%.
 Figures 7.1 and 7.2 show the resulting SWS and LWS full grating scans for S106 IRand Cep A East. Scanned lines and measured line fluxes or upper limits to the lineflux are listed in Table 7.1. Extinction-corrected surface brightnesses, assuming a beamfilling factor of unity, are also listed in this table. Plots of all detected lines, rebinned toa resolution � � � � of 1500 with an oversampling factor of four (SWS), or to a resolutionof 500 (LWS), are given in Figs. 7.3 and 7.4.
 The SWS spectra shown in Figs. 7.1 and 7.2 consist of twelve different grating scans,each covering a small wavelength region, which were joined to form one single spec-trum. Because of the variation of the diffraction limit of the telescope with wavelength,different SWS bands use apertures of different sizes. For a source that is not point-like,one may therefore see a discontinuity in flux at the wavelengths where such a changein aperture occurs. This effect can indeed be seen in both the S106 and Cep A spectra.The relative discontinuities in S106 are close to the maximum possible values, indi-cating that the source is extended across the entire SWS aperture at the longer wave-lengths (33
 � �
 � 20� �
 ). In Cep A the discontinuities are smaller, pointing to a smaller size
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 Table 7.1. Observed and extinction-corrected line fluxes and model predictions (in 10 � ��
 W m � �
 ).
 Line � Beam S106 IR Cep A East[ �m] [10 � �
 sr] AOT Observed Ext. corr. Model AOT Observed Ext. Corr. Model
 H � 0–0 S(0) 28.2188 1.64 S02 1.58 1.67 0.03 S02 3.62 3.69 0.03H � 0–0 S(1) 17.0348 1.15 S02 0.58 0.18 0.75 0.23 0.98 S02 0.27 0.10 0.28 0.11 0.54H � 0–0 S(2) 12.2786 1.15 S02 1.18 0.49 1.61 0.66 0.97 S02 1.27 0.64 1.33 0.67 1.32H � 0–0 S(3) 9.6649 0.85 S02 1.19 0.52 2.55 1.11 2.01 S02 0.90 0.38 1.01 0.43 1.31H � 0–0 S(4) 8.0251 0.85 S02 0.82 0.29 1.05 0.37 0.76 S02 1.33 0.33 1.38 0.34 1.02H � 0–0 S(5) 6.9095 0.85 S02 1.47 0.73 1.69 0.85 0.82 S02 2.42 0.43 2.47 0.43 2.98H � 0–0 S(6) 6.1086 0.85 S02 1.60 1.89 0.04 S02 0.84 0.32 0.86 0.32 0.20H � 0–0 S(7) 5.5112 0.85 S02 0.94 0.47 1.13 0.56 0.02 S02 2.48 0.62 2.55 0.63 0.08H � 0–0 S(8) 5.0531 0.85 S06 0.29 0.36 0.00 S02 0.46 0.13 0.48 0.13 0.01H � 0–0 S(9) 4.6946 0.85 S02 0.57 0.73 0.00 S02 1.17 1.21 0.00H � 0–0 S(10) 4.4099 0.85 S02 0.48 0.62 0.00 S02 0.98 0.49 1.02 0.51 0.00H � 0–0 S(11) 4.1813 0.85 S02 0.77 1.03 0.00 S02 0.64 0.67 0.00H � 0–0 S(12) 3.9960 0.85 S02 0.28 0.38 0.00 S02 0.78 0.82 0.00H � 1–0 O(5) 3.2350 0.85 S06 0.30 0.05 0.46 0.07 0.00 S01 0.74 0.79 0.00
 H I H7 � 19.0624 1.15 S02 0.89 0.30 1.18 0.40 – S02 0.28 0.29 –H I H7 � 11.3090 0.85 S02 0.83 0.32 1.29 0.50 – S01 1.05 1.12 –H I H7   8.7603 0.85 S02 0.92 0.30 1.57 0.50 – S01 0.70 0.76 –H I H7 � 6.7720 0.85 S06 0.87 0.43 1.01 0.50 – S01 3.67 3.75 –H I H7 13 6.2919 0.85 S06 3.25 3.80 – S01 3.05 3.12 –H I H7 14 5.9568 0.85 S06 0.54 0.17 0.64 0.20 – S01 4.28 4.39 –H I Hu � 12.3719 1.15 S06 4.69 1.31 6.33 1.77 – S01 6.30 6.58 –H I Hu � + H7 � 7.5083 0.85 S02 4.99 1.74 5.79 2.01 – S02 1.37 1.40 –H I Hu   5.9082 0.85 S06 3.08 0.52 3.67 0.62 – S01 2.94 3.01 –H I Hu
 �
 5.1287 0.85 S06 2.60 0.41 3.20 0.51 – S01 1.91 1.96 –H I Hu � 4.6725 0.85 S06 0.87 0.26 1.10 0.33 – S01 6.53 6.76 –H I Hu 12 4.3765 0.85 S06 1.08 0.33 1.40 0.43 – S01 2.01 2.09 –H I Hu 13 4.1708 0.85 S06 1.54 0.51 2.05 0.67 – S01 9.77 10.2 –H I Hu 14 4.0210 0.85 S02 0.97 0.10 1.32 0.14 – S01 1.45 1.51 –H I Pf � 7.4600 0.85 S02 14.6 3.6 16.8 4.2 S02 0.30 0.31 –H I Pf � 4.6539 0.85 S02 9.21 1.18 11.7 1.5 – S01 4.93 5.11 –H I Pf   3.7406 0.85 S02 5.60 0.58 7.90 0.82 – S01 1.45 1.52 –H I Pf
 �
 3.2970 0.85 S02 3.45 0.28 5.32 0.43 – S01 0.72 0.76 –H I Pf � 3.0393 0.85 S06 2.87 0.36 4.76 0.60 – S01 0.65 0.70 –H I Br � 4.0523 0.85 S02 44.6 3.7 60.4 5.0 – S02 1.42 1.48 –H I Br � 2.6259 0.85 S01 16.9 1.2 32.7 2.3 – S02 1.09 1.20 –
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 Table 7.1. (Continued)
 Line � Beam S106 IR Cep A East[ �m] [10 � � sr] AOT Observed Ext. corr. Model AOT Observed Ext. Corr. Model
 CO �=14–13 185.999 12.2 L01 118.4 �39.5 119.0 �39.7 128.0 L01 28.3 �2.0 28.3 �2.0 29.1CO �=15–14 173.631 12.2 L01 191.3 �63.8 192.5 �64.2 149.9 L01 28.3 �2.0 28.3 �2.0 26.5CO �=16–15 162.812 11.6 L01 96.4 �32.1 97.0 �32.3 122.5 L01 21.1 �1.5 21.1 �1.5 22.7CO �=17–16 153.267 11.6 L01 99.8 �33.3 100.5 �33.5 98.4 L01 � 33.3 � 33.4 19.7
 He I (
 � � –
 �� � ) 4.0373 0.85 S02 1.42 �0.28 1.93 �0.38 – S02 � 2.05 � 2.15 –He I (
 �  –
 �� � ) 4.2954 0.85 S06 6.43 �0.85 8.45 �1.12 – S01 � 6.91 � 7.19 –
 �
 Ca IV] (
 �� � � � –
 �� � � ) 3.2067 0.85 S06 0.26 �0.05 0.40 �0.08 0.00 S01 � 0.68 � 0.72 0.00�
 Fe I] (
 � �� –
 � � � ) 24.0424 1.15 S02 � 1.01 � 1.22 0.05 S02 � 1.19 � 1.23 –�
 Fe I] (
 � � �–
 � � � ) 34.7135 2.01 S02 � 5.99 � 6.64 0.02 S02 � 4.74 � 4.81 –�
 Fe II] (
 � ��� � �–
 � � � � � ) 5.3403 0.85 S06 3.04 �0.60 3.69 �0.73 – S01 � 4.14 � 4.26 –�
 Fe II] (
 � � � � � –� � � � � ) 17.9363 1.15 S02 0.89 �0.26 1.19 �0.35 0.97 S02 0.24 �0.06 0.25 �0.07 0.23�
 Fe II] (
 � ��� � �–
 � � � � � ) 25.9882 1.15 S02 5.27 �1.10 6.20 �1.29 3.37 S02 0.64 �0.21 0.66 �0.21 0.98�
 Fe II] (
 � � � � �–
 � � � � � ) 35.3491 2.01 S02 4.94 �2.47 5.46 �2.73 1.21 S02 � 4.01 � 4.07 0.40�
 Fe III] (
 � �� –
 � � � ) 22.9250 1.15 S01 19.2 �3.9 23.5 �4.7 28.0 S01 � 22.7 � 23.4 0.00�
 Ni II] (
 � � � � �–
 � � � � � ) 6.6360 0.85 S06 1.88 �0.42 2.19 �0.49 1.32 S01 � 3.04 � 3.11 1.43�
 Ni III] (
 � � � –
 �� � ) 7.349 0.85 S06 1.33 �0.35 1.53 �0.41 1.05 S01 � 0.66 � 0.67 0.00�
 Ar II] (
 �� � � � –
 �� � � ) 6.9853 0.85 S01 64.4 �9.7 74.2 �11.2 74.2 S01 � 1.19 � 1.22 –�
 Ar III] (
 �� � – �� ) 8.9914 0.85 S01 24.0 �6.0 44.3 �11.1 44.5 S01 � 1.11 � 1.22 0.00�
 Ne II] (
 �� � � � –
 �� � � ) 12.8135 1.15 S06 239.6 �60.1 309.3 �77.5 320.2 S01 � 2.80 � 2.91 2.67�
 Ne III] (
 � � �–
 �� ) 15.5551 1.15 S06 31.4 �7.9 39.3 �9.9 31.7 S01 7.87 �2.01 8.13 �2.17 0.00�
 S I] (
 �� � – �� ) 25.2490 1.15 S02 � 2.96 � 3.52 0.05 S02 0.70 �0.21 0.72 �0.22 0.82�
 S III] (
 � � –
 �� � ) 18.7130 1.15 S01 169.4 �34.0 225.3 �45.2 243.1 S01 � 2.80 � 2.92 0.00�
 S III] (
 � � �–
 �� ) 33.4810 2.01 S01 132.9 �19.3 148.2 �21.5 155.5 S01 � 39.2 � 39.9 0.00�
 S IV] (
 � � � �– �� � � � ) 10.5105 0.85 S01 7.33 �1.85 13.47 �3.40 14.6 S01 � 1.07 � 1.16 0.00�
 Si II] (
 � � � �–
 �� � � � ) 34.8152 2.01 S02 152.3 �59.2 168.7 �65.6 116.9 S02 5.86 �0.22 5.94 �0.23 4.21�
 N III] (
 �� � � –
 �� � � � ) 57.34 15.7 L01 98.7 �19.8 103.4 �20.8 88.4 L01 � 81.0 � 81.6 0.00�
 O I] (
 � � �– �� ) 63.1850 16.3 L01 1125 �114 1172 �118 1131 L01 201.9 �11.1 203.1 �14.2 116.1�
 O I] (
 � � –
 �� � ) 145.535 8.82 L01 288.8 �29.0 291.2 �29.2 320.6 L01 14.4 �1.8 14.4 �1.8 2.49�
 O III] (
 �� –
 �� � ) 51.8145 15.7 L01 381.4 �42.8 403.8 �45.3 388.5 L01 � 80.9 � 81.5 0.00�
 O III] (
 �� � – �� ) 88.3562 14.8 L01 124.9 �15.1 127.5 �15.4 112.9 L01 � 50.3 � 50.5 0.00�
 C II] (
 �� � � –
 �� � � � ) 157.741 11.6 L01 157.2 �15.9 158.3 �16.0 140.3 L01 16.3 �2.0 16.4 �2.0 2.66
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 Fig. 7.3. Detected lines in S106 IR. The velocities are heliocentric. The grey linesindicate the instrumental profiles for a point source and an extended source fillingthe entire aperture.
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 Fig. 7.3. (Continued)
 Fig. 7.4. Same as Fig. 7.3 for Cep A East.
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CHAPTER 7. YOUNG BIPOLAR NEBULAE S106 IR AND CEP A EAST
 Fig. 7.5. SWS AOT S01 (solid rectangles), AOT S02 (dashed rectangles), AOT S06 (dot-ted rectangles) and LWS (solid circle; beam average FWHM) aperture positions forour measurements of S106 superimposed on a K’-band image of the region. The rect-angles indicate the apertures (in increasing size) for SWS bands 1A–2C (2.4–12.0 � m),3A–3D (12.0–27.5 � m), 3E (27.5–29.5 � m) and 4 (29.5–40.5 � m).
 of the far-infrared source.Since both grating spectrometers on board ISO use apertures that are fairly large
 compared to the separation of sources in most star forming regions, some caution isappropriate in interpreting such measurements. We created a plot with the positionsof the SWS apertures, overlaid on K-band images of the observed regions (Hodapp &Rayner 1991; Hodapp 1994), shown in Figs. 7.5 and 7.6. As can be seen from thesefigures, only one strong, albeit extended, near-infrared source is included in each aper-ture.
 7.3 Solid-state featuresThe SWS spectrum of S106 (Fig. 7.1) consists of a relatively smooth continuum, withnumerous strong emission lines superimposed. The familiar UIR bands at 3.3, 3.4,6.2, 7.6, 7.8, 8.6 and 11.3 � m, usually attributed to polycyclic aromatic hydrocarbons(PAHs), are present in emission and strong. The absorption band around 3.0 � m due tothe O–H stretch mode of H � O ice is present, as well as the familiar 9.7 � m absorptionfeature due to the Si–O stretching mode in amorphous silicates. Since extinction in
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 Fig. 7.6. Same as Fig. 7.5 for Cep A East.
 the continuum surrounding the 9.7 � m feature is small compared to the extinctionwithin this feature, the extinction � � at wavelength � across a non-saturated 9.7 � mfeature can simply be obtained from the relation � � = � � �
 � $ % & � � � � � � . Using an averageinterstellar extinction law which includes the silicate feature (Fluks et al. 1994), wecan then convert these values of � � to a visual extinction, resulting in a value of ���= 13 �
 � 7 toward S106 IR. This value is in excellent agreement with that of 13 �� 4 � 2.7,
 derived towards stars in the S106 embedded cluster (Hodapp & Rayner 1991). It is alsoin agreement with the extinction of � � = 12 � towards the northern lobe of the S106nebula (Felli et al. 1984). It is somewhat larger than that towards the southern lobe( ��� = 8 � ; Felli et al. 1984) and much smaller than that towards the central source ( � �= 21 � ; Eiroa et al. 1979), suggesting than the main source of the detected continuumemission is the northern lobe of S106.
 For Cep A East the SWS spectrum (Fig. 7.2) is dominated by absorption bands froma variety of ices. The O–H bend and stretch modes of H � O at 3.0 and 6.0 � m are strong,as are the 4.27 � m
 � � C=O stretch and the 15.3 � m O=C=O bending mode of CO � . The� � C=O stretch of CO at 4.67 � m is clearly detected. The absorption band around 7.7 � m,attributed to solid CH � (Boogert et al. 1996, 1997) is present as well. The unidentifiedabsorption feature around 6.8 � m, also observed toward NGC 7538 IRS9 and RAFGL7009S (Schutte et al. 1996; d’Hendecourt et al. 1996) is also present in Cep A. The 9.7 � mamorphous silicate feature consists of a very deep, saturated, absorption. From the
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CHAPTER 7. YOUNG BIPOLAR NEBULAE S106 IR AND CEP A EAST
 Table 7.2. Column densities of solid state absorption features towards S106 and Cep A.
 Species � ��� Cep A East S106 IR[ � m] [cm molec �
 �] ��� ��� � � � [cm �
 �] � [cm �
 � ] ��� ��� � � � [cm ��] � [cm �
 � ]
 H � O 3.0 2.0 10 �� �
 1051 5.3 10� �
 10.1 5.1 10� �
 H � O 6.0 1.2 10 ����
 60 5.0 10� � � 4.9 � 4.1 10
 ���
 CO 4.67 1.1 10 ����
 3.8 3.5 10��� � 1.9 � 1.7 10
 ���
 CO � 4.26 7.6 10 ����
 58 7.6 10��� � 6.4 � 8.4 10
 � �
 CO � 15.2 1.1 10 ����
 9.2 8.4 10��� � 1.5 � 1.3 10
 ���
 CH � 7.67 7.3 10 �� �
 1.7 2.3 10��� � 2.8 � 3.9 10
 ���
 Silicate 9.7 1.2 10 �� �
 965 8.0 10� �
 106 8.8 10���
 non-saturated wings of this feature we can again derive a visual extinction, resultingin a value of ��� = 270 � for Cep A East. This value is within the range of � � = 75–1000 � extinction for the central source and nebula reported by Lenzen et al. (1984).PAHs appear absent in Cep A East.
 From the integrated optical depth �� � � � � � of a non-saturated absorption feature wecan compute a column density � using an intrinsic band strength � � . For H � O, CO,CO � and CH � ices, values of � � were measured by Gerakines et al. (1995) and Boogertet al. (1997). For silicates, � � is taken from Tielens & Allamandola (1987), based on thelab measurements by Day (1979). Integrated optical depth and column density valuesare listed in Table 7.2. The derived abundances of 100:6:15 for H � O:CO:CO � are withinthe range of values observed in other lines of sight (Whittet et al. 1996; d’Hendecourtet al. 1996).
 7.4 Molecular hydrogen emissionFrom the H � line fluxes � � � � listed in Table 7.1 it is possible to calculate the apparentcolumn densities of molecular hydrogen in the upper J levels, averaged over the SWSbeam, � � � � , using � � � � � � ����� ���
 ��� � , with � the wavelength, � Planck’s constant and �
 the speed of light. The transition probabilities � were taken from Turner et al. (1977).Line fluxes were corrected for extinction using the average interstellar extinction lawby Fluks et al. (1994). For S106 IR we adopted the value of ��� = 13 �
 � 7 derived in theprevious section. The fact that the 0–0 S(3) line of H � , with a wavelength near the centerof the 9.7 � m amorphous silicate feature, was detected in Cep A indicates that it cannotsuffer from the same extinction as the continuum; the H � emission must originate ina spatially separate region from the continuum. Therefore we adopt a much smallervalue of ��� = 2 � , expected to be a reasonable value for an origin in either a shock orPDR, for the emission lines observed toward Cep A East.
 A useful representation of the H � data is to plot the log of � ��� � � & , the apparent
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7.4. MOLECULAR HYDROGEN EMISSION
 Fig. 7.7. H � excitation diagram for S106 (top) and Cep A East (bottom). ISO observa-tions of pure rotational lines are indicated by the circles. Triangles and squares indi-cate ground-based measurements of ro-vibrational lines from literature. The dashedlines give the Boltzmann distribution fits to the low-lying pure rotational lines and alllines with upper level energies above 5000 K. The solid line shows the sum of bothcontributions.
 column density for a given J upper level divided by the statistical weight, versus theenergy of the upper level, taken from Dabrowski (1984). These plots are shown inFig. 7.7. Also plotted in these figures are several measurements of H � ro-vibrationallines in S106 and Cep A from literature (Tanaka et al. 1989; Longmore et al. 1986;Bally & Lane 1982). Although these measurements were taken at the same positionson the sky as ours, the beam sizes used were different and hence one may expect to seesystematic differences in the derived specific intensities if the source of H � radiation ismore extended than the beam size. In fact only the S106 measurements by Longmoreet al. (1986), taken with the smallest beam diameter, 12
 � �
 , differ systematically fromthe other measurements, indicating that the extent of the H � emitting region in S106is probably somewhat larger than their beam size. This agrees well with the H � 1–0 S(1) image of the region by Hayashi et al. (1990). In Fig. 7.7 the Longmore et al.
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CHAPTER 7. YOUNG BIPOLAR NEBULAE S106 IR AND CEP A EAST
 Fig. 7.8. Theoretical relation between a) � � � � (H � ) and � for PDR models, b) � � � � (H � )and �
 � for J-shock models, and c) � � � � (H � ) and �� for C-shock models.
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7.4. MOLECULAR HYDROGEN EMISSION
 measurements of S106 were scaled to the Tanaka et al. (1989) data.The statistical weight � used in Fig. 7.7 is a combination of the rotational and nuclear
 spin components. We have assumed the high temperature equilibrium relative abun-dances of 3:1 for the ortho and para forms of H � (Burton et al. 1992). For a Boltzmanndistribution, the slope of this plot is inversely proportional to the excitation tempera-ture, while the intercept is a measure of the total column density of warm gas. Sincethe � coefficients for the H � lines are quite small, these lines are optically thin and theexcitation temperature will be close to the kinetic temperature of the gas.
 Using the formula by Parmar et al. (1991) and the rotational constants by Dabrowski(1984) to fit our data points in the low-lying pure rotational levels to a Boltzmann dis-tribution, we arrive at values of 490 K and 9 � 10 ��� cm �
 � and 740 K and 1 � 10 ��� cm ��
 for S106 IR and Cep A East, respectively. Using the distances to S106 and Cep A of1200 and 690 pc (Rayner 1994; Mel’nikov et al. 1995), this corresponds to total molecu-lar hydrogen masses of 0.08 and 0.007 M � within the SWS beam. Using the alternativedistance estimate towards S106 of 600 pc (Staude et al. 1982) would decrease the S106H � mass to 0.04 M � . The fitted Boltzmann distributions are shown as the leftmostdashed lines in Fig. 7.7. The fact that the points for the ortho and para form of H � lieon the same line proves that our assumption on their relative abundances is correct.
 As can be seen from Fig. 7.7, both the pure-rotational and ro-vibrational lines of H �
 with upper level energies higher than 5000 K deviate significantly from the leftmostdashed line. In both cases a Boltzmann distribution was fitted to these lines as well,shown as the rightmost dashed line in both figures. In the case of S106, the relativelocation of the 1–0 and 2–1 S(1)-lines in Fig. 7.7 are indicative of fluorescent excitationthrough UV pumping (Draine & Bertoldi 1996; Black & van Dishoeck 1997). The fittedBoltzmann distribution to the higher energy levels has thus no physical meaning, butmay still be useful to provide a simple parametrization of the relative population ofthe energy levels. In the case of Cep A, the lines may indicate the presence of a smallercolumn (10
 � �cm �
 � ) of hot (a few 1000 K) molecular hydrogen, in addition to the largecolumn of warm gas.
 Employing predictions of H � emission from PDR, J-shock and C-shock models byBurton et al. (1992), Hollenbach & McKee (1989) and Kaufman & Neufeld (1996), wedetermined the excitation temperature � � � � from the low-lying pure rotational levelsfrom these models as a function of density � and either incident FUV flux � (in unitsof the average interstellar FUV field G � = 1.2 � 10 �
 �erg cm �
 � s ��
 sr ��; Habing 1968) or
 shock velocity � � in an identical way as was done for the observations. The resultingrelations between � � � � and � or � � are shown in Fig. 7.8. As can be seen from these plots,the PDR and J-shock models predict a fairly small (200–540 K) range of resulting exci-tation temperatures, whereas in the C-shocks this range is much larger (100–1500 K).Furthermore, we see that in the model predictions for shocks the resulting � � � � does notdepend much on density, whereas for PDRs it does not depend much on � , suggestingthat once the mechanism of the H � emission is established, it can be used to constrain� � or � in a straightforward way.
 Comparing the excitation temperatures of 490 and 740 K for S106 and Cep A withthose plotted in Fig. 7.8, we note that for S106 this falls well within the range of PDR-
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 Fig. 7.9. CO excitation diagram for S106. The dashed line gives the fit of the Boltz-mann distribution to the data points.
 and C-shock model predictions, but are too high compared to the ones expected fromJ-shocks. The observed bright PAH emission features (Fig. 7.1) and the atomic fine-structure line spectrum (Sect. 7.5) point towards a PDR origin for the H � emissionin S106. The higher temperature for Cep A can only be reproduced by the C-shockmodels. Therefore we tentatively conclude that a dense ( � 10
 �cm �
 � ) PDR seems tobe the best candidate to explain the observed H � emission in S106 IR and a slow ( �
 20 km s ��) non-dissociative shock can explain the observed warm column of H � in
 Cep A East. Since the regions we’re looking at probably only fill part of the SWS beam,the absolute intensity of the H � emission listed in Table 7.1 can also be reproduced bythese same models by varying the beam filling factor.
 7.5 Carbon-monoxide emission linesIn S106 IR, several ro-vibrational emission lines due to gas-phase CO were detectedin the long-wavelength part of the LWS (Fig. 7.3). Similar to what was done for theH � emission in the previous section, we constructed a CO excitation diagram for S106,using molecular data from Kirby-Docken & Liu (1978). It is shown in Fig. 7.9. The tem-perature and column of CO resulting from the Boltzmann fit to this excitation diagramare 420 K and 5.6 � 10
 � �cm �
 � .The CO excitation temperature of 420 K is somewhat lower than that found from
 the H � lines, in agreement with what is expected from a PDR, in which the CO emissionarises in deeper embedded regions than the H � . We conclude that a PDR is the mostlikely candidate for the source of the gas-phase CO emission in S106.
 The observed CO lines have critical densities of around 10�
 cm �� . Therefore the
 observation of these lines in S106 also implies densities of this order of magnitude or
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 higher in the originating region. Assuming that these densities would exist in the en-tire S106 PDR would be implausible. If these CO lines do indeed arise in the large-scaleenvironment of S106, the PDR must therefore have a clumpy structure (e.g. Burton etal. 1990). An alternative explanation of the presence of these lines, would be to identifythe originating region with the surface of the extended disk-like structure surroundingS106 which could act like a PDR. With the present data-set we cannot make a distinc-tion between these two possibilities.
 7.6 Fine structure linesImportant constraints on the physical conditions in the line emitting region come fromthe observed fine structure lines. As a first step towards identifying the mechanismresponsible for the observed emission we can look at the mere presence of certainlines. The observed lines with high ionization potentials in S106, such as [O III], [Ar III],[Ne III], [Ni III], [Fe III] and [S IV] can only originate in the H II region surrounding S106.The PAH emission as well as the molecular lines observed towards S106 are indicativeof the presence of a PDR as well. This PDR might contribute to the observed [Fe II],[Ni II], [Si II], [O I] and [C II] emission. We thus need to model the fine-structure linesin S106 IR as arising in the combination of an H II model and a PDR.
 We have used the photo-ionization code CLOUDY (version 90.04; Ferland 1996) togenerate model predictions for line strengths for the H II region surrounding S106 IR,assuming a spherical geometry and constant hydrogen density throughout the region.We generated a grid of models in which the input spectrum, taken from Kurucz (1991)models for a stellar photosphere, and the electron density in the H II region were var-ied. The total luminosity of the model was fixed to the total bolometric luminosity ofS106 of 4.2 � 10
 �L � . The line ratios of the observed [O III] and [S III] fine structure lines
 are expected to depend mainly on density, and hardly on the temperature. Their be-haviour in our H II region model as well as the observed line ratios in S106 are shownin Fig. 7.10. From the fact that both line ratios agree on the thus obtained value forthe electron density in the H II region, 1.3–2.5 � 10 � cm �
 � , we conclude that our as-sumption of a constant density is reasonable. Several other lines ratios ([Ar II]/[Ar III],[Ne II]/[Ne III] and [S III]/[S IV]) depend mainly on the effective temperature of thestar and do not depend on density much. Their behaviour in the CLOUDY models forS106 are shown in Fig. 7.10 as well. From these plots, it can be seen that the sourceof ionizing photons should have a temperature between 37,000 and 40,000 K, corre-sponding to a spectral type of O6–O8. However, not all observed line ratios yield thesame temperature for the central star. Most likely this is due to the fact that the Ku-rucz models used for the input spectrum do not include the opacity shortward of theHe II ionization limit due to the stellar wind, which is expected to be strong in thecase of S106. The true temperature for the central source is therefore expected to bearound the lower range of temperatures deduced from the Kurucz synthetic photo-spheres, i.e. around 37,000 K. For illustrative purposes, we also show the ratio of [O I]63.2 � m/[O III] 51.8 � m for our model H II region, showing that virtually all the atomic
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 Fig. 7.10. CLOUDY model predictions for various emission line ratios from the S106H II region as function of electron density ��� and temperature of the ionizing star.The hatched regions between the dashed lines show the error interval of the observedratios in S106 IR. The solid lines show the computed ratios for ����� � � = 1.0–6.0, or � � =15,000–50,000 K. The heavy curves indicate the lines with ����� ��� = 3.0 or � �! = 40,000 K(best fit). (a) Behaviour of the [O III] 51.8 � m/[O III] 88.4 � m line flux ratio. (b) Thesame for the [S III] 18.7 � m/[S III] 33.5 � m ratio. (c) Same for the [Ar II] 7.0 � m/[Ar III]9.0 � m ratio. (d) Same for the [Ne II] 12.8 � m/[Ne III] 15.6 � m ratio. (e) Same for the[S III] 18.7 � m/[S IV] 10.5 � m ratio. (f) Same for the [O I] 63.2 � m/[O III] 51.8 � m ratio.
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 oxygen will be in the form of [O III] and that we can thus safely attribute all of theobserved [O I] emission to the PDR.
 To be able to explain the observed intensity of 1.3 � 10 �� erg s �
 �cm �
 �sr �
 �for the
 [Si II] line at 34.8 � m in S106, the Tielens & Hollenbach (1985) PDR models require adensity higher than � 10 � cm �
 � and � � 10 � G � . This regime can also reproduce theobserved ratios of [Si II] and the [Fe II] and [O I] lines, although to reproduce both theexact strength of the [Si II] emission and the relative strength to that to the [Fe II] linesrequires a [Fe II] depletion of � 30% higher than the one assumed in the Tielens &Hollenbach models. An alternative explanation could be that the PDR doesn’t fill theSWS aperture at 35 micrometer (33
 � �
 � 20� �
 ) completely, increasing the surface bright-ness of all lines. The predicted intensities of [S I] and [Fe I] are sufficiently low to beundetectable, in agreement with the observations.
 Towards Cep A East, only fine structure lines that can be produced in shocks wereobserved. In contrast to both C- and J-shocks, PDRs do not produce significant quan-tities of [S I] emission (Tielens & Hollenbach 1985). Therefore this line must be com-pletely due to one or more shocks. C-shocks only contain trace fractions of ions andhence cannot explain the observed [Fe II], [Si II] and [C II] emission. Hence the sim-plest hypothesis would be to try to explain the observed fine-structure lines in Cep Ain terms of a J-shock model. To explain the [S I] surface brightness of 1.0 � 10 �
 � erg s ��
 cm �� sr �
 �requires a moderately dense (10
 �–10 � cm �
 � ) pre-shock gas. If the shock doesnot fill the ISO beam completely, as is expected, this number will go up. The absenceof [Fe I] emission does indicate that we are dealing with higher (10 � –10
 �cm �
 � ) densi-ties, so line ratios seem to provide more reliable constraints in this case. However, theaperture sizes for lines measured at different wavelengths are also different in somecases, making this method only reliably applicable to line ratios measured in identicalSWS or LWS apertures. Therefore the ratio of [Fe II] 26.0 � m to [S I] 25.2 � m mightprovide the most reliable indicator of physical conditions in the shock. To reproducethe observed value of 0.26 with the Hollenbach & McKee (1989) J-shock models re-quires either moderately dense (10 � cm �
 � ) gas with a low (30 km s ��) shock velocity
 or a high (10�
 cm �� ) density with a faster ( � 60 km s �
 �) shock. To have the predicted
 [Fe I] emission sufficiently low to explain our non-detections of those, the moderatelydense, slow J-shock model is required. This regime also reproduces the relative [Si II]strength.
 As was discussed in the previous section, one or multiple J-shocks cannot repro-duce the observed H � emission (although a contribution to this can be expected). Thesuccess of the J-shock model in explaining the observed fine-structure lines and theabsence of PAH emission in Cep A East (Fig. 7.2; see also the discussion by Hodapp &Eiroa 1989), excluding the possibility of a significant contribution from a PDR, leads usto pose that a combination of one or more J- and C-shocks must be responsible for theobserved emission in Cep A. The presence of more than one type of shock in the regioncould be linked to the reported multiple episodes of outflow activity from the embed-ded source (Narayanan & Walker 1996). In the presence of both a J- and a C-shock,the [Si II] and [Fe II] emission would originate completely in the J-shock, whereas boththe C- and the J-shock would contribute to the observed [S I] and H � spectra. With the
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 J-shock parameters derived from the fine-structure lines, an additional C-shock com-ponent with a shock-velocity of about 20 km s �
 �is required to reproduce the observed
 pure rotational H � emission. The observed hot column of H � in Cep A may then be dueto formation pumping (the effect that H � gets re-formed with non-zero energy in thepost-shock gas after being dissociated in the shock front) in the J-shock. To have thero-vibrational lines of comparable intensity as the rotational lines (through collisionalexcitation) requires pre-shock densities of the order of 10
 �cm �
 � . For both S106 IR andCep A, predicted lines strengths of the best fit models are also listed in Table 7.1.
 7.7 Discussion and conclusionsIt is interesting to compare the derived results for the emission from the eastern lobeof Cep A with the results by Wright et al. (1996), obtained using the same instrument,for the western part of this same nebula. They derived a � � � � of 700 � 30 K for the H �
 lines with upper level energies up to 7000 K, and a temperature range up to 11,000 Kfor the higher upper level energies. They explained this H � emission as arising from acombination of at least two C-shocks with different pre-shock density, shock velocityand covering factor. In addition to this, they also reported emission from [Ne II], [S I]and [Si II], which they explained as arising in a planar J-shock with pre-shock densityof 10 � –10
 �cm �
 � and shock velocity 70–80 km s ��. Qualitatively, the detected lines in
 the eastern and western part of the nebula are well in agreement, suggesting a commonorigin. The main difference between the observed lines seems to be that they are muchmore intense in the western part of Cep A, indicating that the densities there are afactor of 100 higher than those obtained for the eastern lobe, but the shock velocitiesare comparable in both parts of the nebula. The similarity between these two parts ofCep A are in agreement with a scenario in which the driving source of the molecularoutflow, HW-2, went through multiple episodes of outflow activity, as suggested byNarayanan & Walker (1996). In this scenario, the J-shock component could be due tothe most recent period of enhanced mass loss, whereas one or more C-shocks couldbe due to older generations of outflows. Alternatively, the stellar wind material couldproduce a (fast) J-shock while the surrounding molecular cloud might be swept up bya slower C-shock.
 In section 7.6 we concluded that the atomic fine-structure lines toward S106 couldbe well explained as arising in a dense (10 � –10
 �cm �
 � ) PDR, with a high ( � 10 � G � )incident FUV flux. In section 7.6 we also showed that the central source in S106 is ofspectral type O6–O8, with a total luminosity of 4.2 � 10
 �L � . From a Kurucz (1991)
 model for a stellar photosphere with � �! = 37,000 K and $ % & � = 4.0, we compute thatsuch a star emits a total FUV (6–13.6 eV) flux of 3.6 � 10 � �
 erg s ��
 sr ��. To dilute
 this stellar FUV field to a value of 10 � –10�
 G � , the PDR must be at a location 3–10 �10 � AU away from the central star, corresponding to a projected distance of 5–17
 � �
 . Thisprojected distance is independent of the assumed distance towards S106. It is withinthe range allowed by the SWS entrance apertures and is compatible with an origin inthe � 30
 � �
 diameter region of H � emission in the H � 1–0 S(1) image of S106 by Hayashi et
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 al. (1990). We conclude that the central O6–O8 star of S106 is the most likely candidatefor the source of the FUV radiation field reaching the PDR.
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Chapter 8
 Star Formation in the BD+40�
 4124Group: A View From ISO
 M.E. van den Ancker, P.R. Wesselius and A.G.G.M. Tielens,A&A, submitted (1999)
 AbstractWe present the results of ISO SWS and LWS grating scans towards the three brightestmembers of the BD+40 � 4124 group in the infrared: BD+40 � 4124 (B2Ve), LkH � 224(A7e) and the embedded source LkH � 225. Emission from the pure rotational linesof H � , from rotational and ro-vibrational transitions of CO, from PAHs, from H I re-combination lines and from the infrared fine structure lines of [Fe II], [Si II], [S I], [O I],[O III] and [C II] was detected. These emission lines arise in the combination of a low-density ( � 10 � cm �
 � ) H II region with a clumpy PDR in the case of BD+40 � 4124. Thelower transitions of the infrared H I lines observed in BD+40 � 4124 are optically thick;most likely they arise in either a dense wind or a circumstellar disk. This same re-gion is also responsible for the optical H I lines and the radio continuum emission. Inthe lines of sight towards LkH � 224 and LkH � 225, the observed emission lines arisein a non-dissociative shock produced by a slow ( � 20 km s �
 �) outflow arising from
 LkH � 225. Toward LkH � 225 we also observe a dissociative shock, presumably lo-cated closer to the outflow source than the non-dissociative shock. In the line of sighttowards LkH � 225 we observed absorption features due to solid water ice and amor-phous silicates, and due to gas-phase H � O, CO and CO � . No solid CO � was detectedtowards LkH � 225, making this the first line of sight where the bulk of the CO � is inthe gas-phase.
 8.1 IntroductionThe BD+40 � 4124 region consists of a few tens of very young stars associated with theprobable Herbig Ae/Be stars BD+40 � 4124 (= V1685 Cyg), LkH � 224 (= V1686 Cyg)
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 and LkH � 225 (= V1318 Cyg), all of which have infrared excesses (Strom et al. 1972a;Hillenbrand et al. 1992). Together with NGC 6910, NGC 6914, the BD+41 � 3731 regionand IC 1318, it is part of the giant star forming region 2 Cyg, at a distance of about 1 kpc(Shevchenko et al. 1991). The stars in the BD+40 � 4124 region are significantly younger(ages less than 1 million years) than those in the surrounding OB associations, withthe low- and the high-mass stars having formed nearly simultaneously, leading someauthors to suggest that star formation in this association might have been induced bythe propagation of an external shock wave into the cloud core (Shevchenko et al. 1991;Hillenbrand et al. 1992). The IRAS and AFGL surveys showed a powerful infraredsource within the BD+40 � 4124 group, but the positional uncertainty did not allow toassign the flux to one of the individual objects in the region. More recent submmcontinuum maps of the region (Aspin et al. 1994; Di Francesco et al. 1997; Henninget al. 1998) clearly peak on LkH � 225, suggesting that it is also dominant in the far-infrared and may be identified with IRAS 20187+4111 (AFGL 2557).
 Aspin et al. (1994) have shown LkH � 225 to be a triple system oriented north-south. The most northern and southern components, separated by 5
 � �
 , appear stellarand are photometrically variable at optical and near-infrared wavelengths. The middlecomponent exhibits strong [S II] emission, suggesting it is a nebulous knot of shock-excited material, not unlike many Herbig-Haro objects (Magakyan & Movseyan 1997).Whereas BD+40 � 4124 dominates the association in the optical, the southern componentof LkH � 225 is brightest in the mid-infrared (Aspin et al. 1994). A K-band spectrumof LkH � 225-South by the same authors shows strong ro-vibrational emission lines ofmolecular hydrogen. Aspin et al. (1994) estimate the total luminosity of this object tobe � 1600 L � , which places it in the luminosity range of the Herbig Ae/Be stars.
 Palla et al. (1994) obtained near infrared, CO, C� �
 O, CS, and H � O maser observa-tions of the group. Their high resolution VLA data show that a H � O maser sourceis clearly associated with LkH � 225-South. Moreover, a density concentration in themolecular cloud (as evidenced by CS J=5–4 emission) and a CO outflow are both as-sociated with LkH � 225. In their model, LkH � 225 is at the center of a dense molec-ular core of mass � 280 M � , while BD+40 � 4124 lies near the periphery. Continuumradio emission has been detected from BD+40 � 4124 and a source 42
 � �
 to the east ofBD+40 � 4124 (Skinner et al. 1993).
 The infrared emission-line spectrum of young stellar objects (YSOs) such as thosein the BD+40 � 4124 group is dominated by the interaction of the central object with theremnants of the cloud from which it formed. If a young stellar object produces intenseUV radiation, either due to accretion or because of a high temperature of the centralstar, an H II region will develop, producing a rich ionic emission line spectrum. Atthe edge of the H II region, a so-called photodissociation or photon-dominated region(PDR) will be created, in which neutral gas is heated by the photoelectric ejection ofelectrons from grain surfaces in a strong UV field. Cooling of this neutral gas occursmainly through emission in atomic fine-structure and molecular lines, allowing us toprobe the physical conditions in the PDR through the study of its infrared emission-line spectrum. If the YSO has a strong, often collimated, outflow, it will cause a shockwave as the outflow hits the surrounding molecular cloud, heating the gas. In case
 108

Page 115
                        

8.2. OBSERVATIONS
 the shock has a velocity smaller than � 40 km s ��, it will not dissociate the molecular
 material and mainly cool through infrared molecular transitions. Because the physicalconditions from the pre-shock gas to the post-shock gas change gradually within sucha non-dissociative shock, they are often called C(ontinuous)-shocks. For higher shockvelocities, the molecules will be dissociated and cooling in the shock occurs mainlythrough atomic and ionic emission lines. In such a shock, the physical conditions fromthe pre- to the post-shock gas will change within one mean free path and therefore theyare usually termed J(ump)-shocks. In the post-shock gas of a J-shock, molecules willre-form and cool down the gas further. Therefore a dissociative shock will produce aninfrared spectrum consisting of a combination of ionic and molecular emission lines.
 In this chapter we present Infrared Space Observatory (ISO; Kessler et al. 1996) spec-troscopic data obtained at the positions of BD+40 � 4124, LkH � 224 and LkH � 225. Someof the H � lines included in this data-set were already analyzed in a previous letter (Wes-selius et al. 1996). Here we will re-analyze an extended set of H � data using the latestISO calibrations, in combination with new data on infrared fine-structure lines, gas-phase molecular absorption bands and solid-state emission features in the BD+40 � 4124group. We will show that the infrared emission lines arise from the combination of aH II region and a PDR at the position of BD+40 � 4124, from a non-dissociative shock atthe position of LkH � 224, and from the combination of a non-dissociative and a disso-ciative shock at the position of LkH � 225. We will also discuss the unusual absorption-line spectrum seen in the line of sight towards LkH � 225 and briefly discuss its impli-cations for the physical and chemical evolution of hot cores.
 8.2 ObservationsWe obtained ISO Short Wavelength (2.4–45 � m) Spectrometer (SWS; de Graauw et al.1996a) and Long Wavelength (43–197 � m) Spectrometer (LWS; Clegg et al. 1996) grat-ing scans at the positions of BD+40 � 4124, LkH � 224 and LkH � 225. For all three posi-tions, both SWS scans covering the entire SWS wavelength range (“AOT 01”) and muchdeeper scans covering small wavelength regions around particularly useful diagnosticlines (“AOT 02”) were obtained. For LWS only scans covering the entire wavelengthregion were obtained. A full log of the observations is given in Table 8.1.
 Data were reduced in a standard fashion using calibration files corresponding toISO off-line processing software (OLP) version 7.0, after which they were corrected forremaining fringing and glitches. To increase the S/N in the final spectra, the detectorswere aligned and statistical outliers were removed, after which the spectra were re-binned to a lower spectral resolution. Figure 8.1 shows the resulting ISO spectra. Plotsof all detected lines, rebinned to a resolution � � � � of 2000 with an oversampling fac-tor of four (SWS), or averaged across scans (LWS), are presented in Figs. 8.2–8.4. Linefluxes for detected lines and upper limits (total flux for line with peak flux 3 � ) for themost significant undetected lines are listed in Table 8.2.
 For BD+40 � 4124 and LkH � 224, all detected lines appear at their rest wavelengthwithin the accuracy of the ISO spectrometers. For LkH � 225, all lines in the SWS spec-
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CHAPTER 8. STAR FORMATION IN THE BD+40 � 4124 GROUP: A VIEW FROM ISO
 Fig. 8.1. Combined SWS/LWS full grating spectra of (from top to bottom)BD+40 � 4124, LkH � 224 and LkH � 225 with the most prominent features identified.
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8.2. OBSERVATIONS
 Fig. 8.2. Detected lines in BD+40 � 4124, rebinned to heliocentric velocities. The greylines show the instrumental profiles for a point source and an extended source fillingthe entire aperture.
 tra are systematically shifted by �� 100 km s �
 �. This could either be a reflection of
 the real spatial velocity of LkH � 225 or be caused by a slight offset between our point-ing, based on the optical position of the source, and the position of the infrared source.For all three sources, the lines are unresolved, indicating that the velocity dispersion issmaller than a few hundred km s �
 �
 For each complete spectral scan, the SWS actually makes twelve different gratingscans, each covering a small wavelength region (“SWS band”), and with its own opticalpath. They are joined to form one single spectrum (Fig. 8.1). Because of the variation ofthe diffraction limit of the telescope with wavelength, different SWS bands use aper-tures of different sizes. For a source that is not point-like, one may therefore see adiscontinuity in flux at the wavelengths where such a change in aperture occurs. Thiseffect can indeed be seen in some of our spectra, indicating the presence of extendedfar-infrared emission throughout the region.
 Since both grating spectrometers on board ISO use apertures that are fairly large
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CHAPTER 8. STAR FORMATION IN THE BD+40 � 4124 GROUP: A VIEW FROM ISO
 Fig. 8.3. Same as Fig. 8.2 for LkH � 224.
 Fig. 8.4. Same as Fig. 8.2 for LkH � 225.
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8.3. SPECTRAL ENERGY DISTRIBUTIONS
 Table 8.1. Log of ISO observations in the BD+40 � 4124 region.
 Object AOT Rev. Date JD � 2450000
 BD+40 � 4124 SWS 02 142 07/04/1996 181.037SWS 02 159 24/04/1996 197.635SWS 01 355 05/11/1996 393.283LWS 01 768 23/12/1997 805.525
 LkH � 224 SWS 02 142 07/04/1996 180.960SWS 01 858 22/03/1998 894.920
 LkH � 225 SWS 02 142 07/04/1996 180.996SWS 02 355 05/11/1996 393.306SWS 01 858 22/03/1998 894.889LWS 01 142 07/04/1996 181.017
 compared to the separation of sources in most star forming regions, some caution isappropriate in interpreting such measurements. We created a plot with the positions ofthe SWS apertures, overlaid on a K
 �
 -band image of the region (Hillenbrand et al. 1995),shown in Fig. 8.5. As can be seen from this figure, only one strong near-infrared sourceis included in the BD+40 � 4124 and LkH � 224 measurements, whereas the LkH � 225measurement only includes the question-mark shaped infrared nebula formed by thepoint-like objects LkH � 225-North and LkH � 225-South and the bridging nebula LkH �225-Middle. ISO-LWS has a beam that is larger (61–83
 � �
 FWHM) than the separation ofthe objects studied here. Therefore the LWS measurements of BD+40 � 4124 and LkH �225 partly cover the same region. The LWS spectrum of LkH � 224 shown in Fig. 8.1 isa weighted average of these spectra.
 Accuracies of the absolute flux calibration in the SWS spectra range from 7% in theshort-wavelength ( � 4.10 � m) part to � 30% in the long wavelength ( � 29 � m) part(Leech et al. 1997). The LWS absolute flux calibration is expected to be accurate atthe 7% level (Trams et al. 1997). Note that the applied flux calibration is based onthe assumption that we are looking at a point source. For an extended source, thediffraction losses will be underestimated and in particular at the long-wavelength partof the LWS, these corrections will exceed the quoted uncertainty.
 8.3 Spectral energy distributionsA Spectral Energy Distribution (SED) for BD+40 � 4124 was constructed by combiningUV, optical, infrared, submm and radio data of BD+40 � 4124 from literature (Wesseliuset al. 1982; Strom et al. 1972a; Terranegra et al. 1994; Hillenbrand et al. 1992, 1995;Cohen 1972; Lorenzetti et al. 1983; Di Francesco et al. 1997; Corcoran & Ray 1998; Skin-ner et al. 1993; Bertout & Thum 1982) with our new ISO spectra (Fig. 8.6a). As can beseen from this plot, the optical to submm photometry forms a smooth curve. At radio
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 Table 8.2. Observed and extinction-corrected line fluxes and model predictions (in 10 � �� W m � � ) for programme stars.Line � Beam AOT BD+40
 �
 4124 LkH � 224 LkH � 225[ �m] [10 � sr] Observed Ext. corr. Model Observed Ext. Corr. Model Observed Ext. Corr. Model
 H 0–0 S(0) 28.2188 1.64 S02 � 0.66 � 0.68 0.02 � 0.95 � 0.98 0.03 � 1.38 � 1.63 0.04H 0–0 S(1) 17.0348 1.15 S02 0.54 �0.18 0.57 �0.19 0.54 1.01 �0.33 1.07 �0.35 1.04 0.78 �0.26 1.05 �0.35 1.34H 0–0 S(2) 12.2786 1.15 S02 0.71 �0.23 0.76 �0.25 0.46 1.27 �0.42 1.36 �0.45 1.13 2.18 �0.93 3.08 �1.31 1.79H 0–0 S(3) 9.6649 0.85 S02 0.77 �0.24 0.91 �0.28 0.90 1.55 �0.31 1.60 �0.37 2.06 2.80 �0.73 6.59 �1.73 5.47H 0–0 S(4) 8.0251 0.85 S02 0.10 �0.05 0.11 �0.05 0.16 0.69 �0.23 0.73 �0.24 0.79 1.71 �0.46 2.27 �0.60 2.29H 0–0 S(5) 6.9095 0.85 S02 0.25 �0.11 0.25 �0.12 0.13 1.17 �0.25 1.21 �0.26 0.99 4.03 �0.63 4.73 �0.74 4.32H 0–0 S(6) 6.1086 0.85 S02 � 0.80 � 0.83 0.01 � 0.63 � 0.65 0.08 � 2.56 � 3.08 0.56H 0–0 S(7) 5.5112 0.85 S02 � 0.81 � 0.84 0.00 � 1.30 � 1.35 0.04 3.51 �0.79 4.33 �0.97 0.45H 0–0 S(8) 5.0531 0.85 S01 � 1.83 � 1.92 0.00 � 3.55 � 3.72 0.00 0.81 �0.40 1.03 �0.51 0.06H 0–0 S(9) 4.6946 0.85 S02 � 1.16 � 1.22 0.00 � 2.55 � 2.69 0.00 3.04 �1.01 3.97 �1.31 0.05H 0–0 S(10) 4.4099 0.85 S02 � 0.42 � 0.44 0.00 � 0.42 � 0.44 0.00 � 0.63 � 0.85 0.00H 0–0 S(11) 4.1813 0.85 S02 � 0.74 � 0.78 0.00 � 1.08 � 1.15 0.00 0.67 �0.22 0.93 �0.31 0.00H 1–0 Q(1) 2.4066 0.85 S01 � 0.83 � 0.99 0.00 � 1.63 � 1.93 0.00 1.21 �0.20 2.98 �0.50 2.59H 1–0 Q(2) 2.4134 0.85 S01 � 0.56 � 0.67 0.00 � 1.51 � 1.79 0.00 � 1.45 � 3.53 0.66H 1–0 Q(3) 2.4237 0.85 S01 � 0.81 � 0.97 0.00 � 1.43 � 1.70 0.00 1.36 �0.16 3.28 �0.39 1.31H 1–0 Q(4) 2.4475 0.85 S01 � 0.52 � 0.61 0.00 � 1.19 � 1.41 0.00 � 1.06 � 2.51 0.22H 1–0 O(2) 2.6269 0.85 S01 � 2.82 � 3.26 0.00 � 1.71 � 1.98 0.00 � 1.07 � 2.28 0.70H 1–0 O(3) 2.8025 0.85 S01 � 0.63 � 0.71 0.00 � 1.17 � 1.33 0.00 1.75 �0.15 3.39 �0.30 2.45H 1–0 O(4) 3.0039 0.85 S01 � 0.17 � 0.19 0.00 � 0.54 � 0.61 0.00 0.25 �0.10 0.44 �0.18 0.70H 1–0 O(5) 3.2350 0.85 S01 � 0.27 � 0.30 0.00 � 0.89 � 0.99 0.00 1.00 �0.08 1.65 �0.14 0.88H 1–0 O(6) 3.5008 0.85 S01 � 0.47 � 0.51 0.00 � 0.72 � 0.79 0.00 � 0.35 � 0.53 0.11CO  =14–13 185.999 12.2 L01 2.01 �0.32 2.01 �0.32 2.01 – – – 3.58 �0.46 3.59 �0.46 3.29CO  =15–14 173.631 12.2 L01 1.95 �0.29 1.95 �0.29 1.95 – – – 2.91 �0.39 2.92 �0.39 2.85CO  =16–15 162.812 11.6 L01 1.78 �0.31 1.78 �0.31 1.85 – – – 2.45 �0.45 2.46 �4.56 2.41CO  =17–16 153.267 11.6 L01 1.65 �0.33 1.65 �0.33 1.72 – – – 2.01 �0.35 2.01 �0.36 1.98H I Pf � 7.4600 0.85 S02 0.46 �0.15 0.48 �0.16 0.48 � 0.33 � 0.34 – � 1.18 � 1.38 –H I Pf � 4.6539 0.85 S02 0.81 �0.29 0.85 �0.31 1.21 � 0.87 � 0.92 – � 1.23 � 1.61 –H I Pf � 3.7406 0.85 S02 0.89 �0.18 0.96 �0.20 1.31 � 0.21 � 0.22 – � 0.27 � 0.39 –H I Pf
 �
 3.2971 0.85 S01 1.38 �0.24 1.51 �0.25 1.41 � 0.58 � 0.64 – � 0.29 � 0.46 –H I Pf � 3.0393 0.85 S01 0.94 �0.12 1.05 �0.13 1.32 � 0.62 � 0.69 – � 0.26 � 0.45 –H I Br � 4.0523 0.85 S02 2.71 �0.54 2.90 �0.58 2.90 � 1.01 � 1.08 – � 1.09 � 1.54 –H I Br � 2.6259 0.85 S01 3.40 �0.30 3.94 �0.35 5.05 � 1.70 � 1.96 – � 1.15 � 2.44 –
 �
 Fe I] (
 � ��� –
 � ��� ) 24.0423 1.15 S02 � 0.17 � 0.18 0.00 � 0.15 � 0.15 – � 0.58 � 0.72 0.03
 �
 Fe I] (
 � �� –
 � � ) 34.7133 2.01 S02 � 0.40 � 0.41 0.00 � 0.49 � 0.50 – � 1.45 � 1.63 0.01
 �
 Fe II] (
 � ��� � –
 � ��� � ) 17.9410 1.15 S02 � 0.10 � 0.10 0.00 � 0.19 � 0.20 0.00 � 0.16 � 0.23 0.51
 �
 Fe II] (
 � � � � –
 � � � � ) 25.9882 1.15 S02 0.07 �0.03 0.07 �0.03 0.07 � 0.22 � 0.23 0.00 0.33 �0.17 0.40 �0.20 3.27
 �
 Fe II] (
 � � � � –
 � � � � ) 35.3491 2.01 S02 � 0.44 � 0.45 0.01 � 0.77 � 0.79 0.00 � 0.92 � 1.03 0.90
 �
 S I] (
 � � –
 � �� ) 25.2490 1.15 S02 � 0.14 � 0.14 0.00 0.16 �0.05 0.17 �0.05 0.16 0.58 �0.16 0.70 �0.20 0.78
 �
 Si II] (
 � � –
 �� � ) 34.8140 2.01 S02 2.32 �0.77 2.37 �0.78 2.31 2.42 �0.80 2.48 �0.82 0.00 3.05 �1.01 3.43 �1.13 3.06
 �
 O I] (
 � � –
 � �� ) 63.1840 16.3 L01 70.36 �4.95 70.99 �4.99 87.8 – – – 65.97 �4.78 69.03 �5.01 58.5
 �
 O I] (
 � �� –
 � ��! ) 145.526 8.82 L01 4.15 �0.40 4.16 �0.40 3.69 – – – � 9.48 � 9.57 0.82
 �
 O III] (
 � � –
 � � ) 51.8145 15.7 L01 7.99 �1.20 8.09 �1.21 8.09 – – – � 12.1 � 12.9 –
 �
 O III] (
 � � –
 � �! ) 88.3562 14.8 L01 8.31 �0.78 8.35 �0.78 8.35 – – – 8.27 �0.94 8.46 �0.96 –
 �
 C II] (
 �� � –
 �� � ) 157.741 11.6 L01 51.75 �3.64 51.83 �3.64 51.8 – – – 62.54 �4.63 63.03 �4.67 0.45
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 Fig. 8.5. SWS aperture positions for our measurements of (from right to left)BD+40 � 4124, LkH � 224 and LkH � 225 superimposed on a K
 �-band image of the re-
 gion. The rectangles indicate the apertures (in increasing size) for SWS bands 1A–2C(2.4–12.0 � m), 3A–3D (12.0–27.5 � m), 3E (27.5–29.5 � m) and 4 (29.5–40.5 � m). Solidand dashed rectangles give the orientation of the SWS aperture for the AOT S02 andS01 observations, respectively. For clarity, only the smallest aperture is shown for theAOT S02 observations.
 wavelengths the slope of the energy distribution appears significantly flatter. We in-terpret this SED as the sum of three components: continuum emission from the centralstar in the UV and optical, thermal emission from dust heated by the central star in theinfrared to submm and free-free emission from the stellar wind or an H II region at cmwavelengths. The SWS spectrum of BD+40 � 4124 shows a rising continuum componentstarting around 13 � m. This component is not present in the infrared photometry byCohen (1972). This could be due to the smaller aperture size or the chopping throwused for background subtraction by Cohen. We interpret this second dust component,only visible in the ISO data, as diffuse emission throughout the star forming region.
 There is general consensus in literature that the spectral type of BD+40 � 4124 isabout B2 Ve+sh (Merrill et al. 1932; Herbig 1960; Strom et al. 1972b; Swings 1981;Finkenzeller 1985; Hillenbrand et al. 1995), corresponding to an effective temperature� �! = 22,000 K and surface gravity $�%'& � = 4.0 (Schmidt-Kaler 1982). With this spectraltype and the optical photometry by Strom et al. (1972a) we arrive at a value of � � � � �
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CHAPTER 8. STAR FORMATION IN THE BD+40 � 4124 GROUP: A VIEW FROM ISO
 = 0 �� 97 towards the optical star. This value agrees well with the � � � � � derived from
 the diffuse interstellar band at 5849A (Oudmaijer et al. 1997). With this � � � � � valueand assuming a normal interstellar extinction law (i.e. � � = ������� � � � � = 3.1), wecorrected the data for extinction.
 A Kurucz (1991) stellar atmosphere model with � �! and $ % &� corresponding to thestar’s spectral type (assuming solar abundance) was fitted to the extinction-correctedUV to optical SED. The fit is also shown in Fig. 8.6a. As can be seen from this figure,the SED fit is not perfect in the UV. Possibly a UV excess due to a strong stellar windis present in BD+40 � 4124. The fitted Kurucz model was used to compute an appar-ent stellar luminosity � � � � � � � � for BD+40 � 4124, which was converted to an absolutestellar luminosity using the BD+40 � 4124 distance estimate of 1 kpc by Shevchenko etal. (1991). Infrared luminosities were computed by fitting a spline to the infrared tomm data and subtracting the Kurucz model from this fit. The derived values for theoptical and infrared luminosity of BD+40 � 4124 are 6.4 � 10 � and 3.1 � 10 � L � , respec-tively. These luminosities place the star close to the zero-age main sequence positionof a 10 M � star in the Hertzsprung-Russell diagram (HRD).
 We followed the same procedure to construct a SED for LkH � 224, combining opti-cal, infrared and submm photometry from literature (Strom et al. 1972a; Shevchenko,personal communication; Hillenbrand et al. 1995; Cohen 1972; Di Francesco et al. 1997)with our new ISO spectra. It is shown in Fig. 8.6b. Since LkH � 224 is strongly variablein the optical, the data used in the SED were selected to be obtained near maximumsystem brightness, when available. The optical to infrared photometry of LkH � 224forms a smooth curve in the SED, which we interpret as due to continuum emissionfrom the star in the optical, and thermal emission from dust heated by the central starin the infrared.
 There is no agreement in literature on the spectral type of LkH � 224. Wenzel (1980)classified the star spectroscopically as B8e, whereas Hillenbrand et al. (1995) obtaineda spectral type of B5 Ve. Corcoran & Ray (1997) derived a spectral type of A0 for LkH �224, based upon the relative strength of the He I
 � 4471 and Mg II� 4481 lines. In the op-
 tical, LkH � 224 shows large-amplitude photometric variations ( � 3 � ) due to variableamounts of circumstellar extinction (Wenzel 1980; Shevchenko et al. 1991, 1993). In thegroup of Herbig Ae/Be stars, these large-amplitude variations are only observed whenthe spectral type is A0 or later (Chapter 3). Therefore we favour a later spectral typethan B for LkH � 224. The detection of the Ca II H and K lines in absorption (Magakyan& Movseyan 1997) also seems to favour a later spectral type than mid-B. Recent opticalspectroscopy of LkH � 224 by de Winter (personal communication) shows strong, vari-able, P-Cygni type emission in H � . The higher members of the Balmer series (up toH15) are present and in absorption, together with the Ca II H and K lines. Numerousshell lines are present in the spectrum as well, which could hinder spectral classifica-tion solely based upon red spectra. From the available optical spectroscopy, we classifyLkH � 224 as A7e+sh, corresponding to � �! = 7850 K. We estimate the uncertainty inthis classification to be around 2 subclasses, or 400 K.
 With the new spectral type of A7e+sh and the optical photometry by Strom et al.(1972a), we derive an � � � � � at maximum system brightness for LkH � 224 of 0 �
 � 96.
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 Fig. 8.6. Observed (squares) and extinction-corrected (circles) spectral energy distri-butions of BD+40 � 4124 (top), LkH � 224 (middle) and LkH � 225 (bottom). Also shown(lines) are the ISO spectra and a Kurucz model fitted to the extinction-corrected UVto optical photometry for each object.
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CHAPTER 8. STAR FORMATION IN THE BD+40 � 4124 GROUP: A VIEW FROM ISO
 Again fitting a Kurucz model to the extinction-corrected photometry, we derive val-ues for the optical and infrared luminosity of LkH � 224 of 1.1 � 10 � and 2.7 � 10 � L � ,respectively. The good fit of the SED to the Kurucz model with � �! = 7850 K showsthat the photometry is consistent with our adopted spectral type of A7e for LkH � 224.Comparing the derived parameters of LkH � 224 with the pre-main sequence evolu-tionary tracks by Palla & Stahler (1993), we see that it is located in the HRD at thelocation of a 3 � 10 � yr old 3.5 M � star. This brings the age of the star in good agree-ment with those of the low-mass members of the BD+40 � 4124 group (Hillenbrand etal. 1995).
 Again the same procedure as above was followed to construct a SED for LkH �225 (Fig. 8.6c), combining optical to radio measurements from literature (Shevchenko,personal communication; Hillenbrand et al. 1995; Cohen 1972; Weaver & Jones 1992; DiFrancesco et al. 1998; Henning et al. 1998; Cohen et al. 1982) with our ISO data. Thesedata refer to the sum of all components in this object. Since LkH � 225 shows strongvariability in the optical and infrared, only data obtained near maximum brightnesswas used in the SED. Like in BD+40 � 4124, the SED of LkH � 225 consists of a smoothcontinuum ranging from the optical to the submm. In view of the knowledge of thenature of LkH � 225 from literature, this SED must be interpreted as the sum of the threecomponents of LkH � 225 in the optical to submm, each consisting of a hot componentwith circumstellar dust emission. The plotted IRAS fluxes of IRAS 20187+4111 (Weaver& Jones 1992) are smaller than those in the LkH � 225 LWS spectrum. Most likely, thisis due to the background subtraction applied on the IRAS data. This could mean that acool component is present as well throughout the region, covering an area that is largerthan the size of the IRAS detectors. In view of submm maps of the region (Aspin et al.1994; Henning et al. 1998), this seems plausible.
 As can be seen in Fig. 8.6c, below 8 � m the flux levels in the SWS spectrum areconsiderably smaller than those from ground-based photometry at maximum bright-ness. At longer wavelengths they agree. By extrapolating our ISO SWS spectrum, wededuce that the total � band magnitude of LkH � 225 was about 8 �
 � 3 at the time of ourobservation. This is within the range of values present in literature. Above 10 � m, theSWS flux levels are in agreement with ground-based measurements, suggesting thatthe large-amplitude variability of LkH � 225 is limited to the optical to near-infraredspectral range.
 The spectral type of LkH � 225 is very uncertain. Hillenbrand et al. (1995) givea spectroscopic classification of mid A–Fe for both LkH � 225-North and LkH � 225-South, whereas Wenzel (1980) derives a spectral type of G–Ke for the sum of both com-ponents. Aspin et al. (1994) suggested the southern component to be of intermediate-mass, based on its high bolometric luminosity. Unlike for BD+40 � 4124 and LkH � 224,this makes the direct derivation of � � � � � very uncertain. Adopting � � � � � =4 �
 � 97, corresponding to � � = 15 �� 4 derived from the silicate feature in the next section,
 results in an optical slope in the energy distribution that is steeper than the Rayleigh-Jeans tail of a black body. This could be because the extinction at the time of the opticalobservations was smaller than during the ISO observations. Therefore we used a ratheruncertain value of � � � � � = 2 �
 � 36, based on the observed � � � � colour of LkH �
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 225 and the intrinsic colours of a F0 star, to correct the photometry of LkH � 225 forextinction.
 To obtain a rough measure for the total luminosity of LkH � 225, we fitted a Kuruczmodel with � �! = 7200 K, corresponding to a spectral type of F0, to the extinction-corrected optical photometry. This results in values of 5.9 � 10 � and 1.6 � 10 � L � forthe total optical and infrared luminosities of LkH � 225. We conclude that at least oneof the stars in the LkH � 225 system must be a massive (5–7 M � ) pre-main sequenceobject in order to explain these luminosities.
 8.4 Solid-state featuresThe ISO full grating scans of BD+40 � 4124 consist of a relatively smooth continuum,with a number of strong emission lines superimposed. The familiar unidentified in-frared (UIR) emission features at 3.3, 6.2, 7.6, 7.8, 8.6 and 11.3 � m, often attributedto polycyclic aromatic hydrocarbons (PAHs), are prominently present. Possibly the12.7 � m feature also observed in other sources showing strong PAH emission (Bein-tema et al. 1996) is present as well. No 9.7 � m amorphous silicate feature, either inemission or in absorption, is visible in the BD+40 � 4124 SWS spectrum. The slight cur-vature in the ground-based 8–13 � m BD+40 � 4124 spectrum obtained by Rodgers &Wooden (1997), which they interpreted as a silicate feature in emission, is absent in ourSWS data.
 The continuum in BD+40 � 4124 seems to consist of two distinct components, onefrom 2.4–13 � m and the other from 13–200 � m. In the SWS range, it is well fit by thesuperposition of two blackbodies of 320 and 100 K. For the LWS spectrum a significantexcess at the long-wavelength part remains after the black-body fit. Probably a rangein temperatures is present starting from 100 K down to much lower temperatures. Thejumps in the spectrum at the positions corresponding to a change in aperture suggestthat this component is caused by diffuse emission in the star forming region.
 Remarkably, the line flux measured in the 3.3 � m PAH feature of BD+40 � 4124 (1.1 �10 �
 � �W m �
 � ) is much larger than the 2.0 � 10 �� � W m �
 � upper limit obtained by Brookeet al. (1993). PAH features also appear absent in the 8–13 � m HIFOGS spectrum shownby Rodgers & Wooden (1997). This could either be an effect of the different aperturesize used (20
 � �
 � 14� �
 for SWS versus a 1 �� �
 4 circular aperture by Brooke et al.) in case thePAH emission is spatially extended, or be due to time-variability of the PAH emission.If the first explanation is correct, the PAH emission should come from a region with adiameter larger than 3 �
 � �
 2 and hence be easily resolvable with ground-based imaging.The ISO spectrum of LkH � 224 consists of one single smooth continuum, with a
 few emission lines superimposed. No solid-state emission or absorption is apparent inthe SWS spectrum. Again the slight curvature seen in the HIFOGS 8–13 � m spectrumof LkH � 224 (Rodgers & Wooden 1997) is absent in our SWS data. In view of the factthat most Herbig Ae stars show strong silicate emission in the 10 � m range (e.g. Chap-ter 5), the absence of the silicate feature is quite remarkable. It means that the dustemission must come from a region which is completely optically thick up to infrared
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CHAPTER 8. STAR FORMATION IN THE BD+40 � 4124 GROUP: A VIEW FROM ISO
 wavelengths and yet only produce 3 magnitudes of extinction towards the central starin the optical. It is obvious that such a region cannot be spherically symmetric, butmust be highly flattened or have a hole through which we can seen the central starrelatively unobscured. A dusty circumstellar disk might be the prime candidate forsuch a region. The absence of silicate emission in LkH � 224 might then be explainedby either an intrinsically higher optical depth in its circumstellar disk than those sur-rounding other Herbig Ae stars, a view supported by its relative youth, or be causedby a nearly edge-on orientation of the circumstellar disk.
 The infrared continuum of LkH � 224 cannot be fit by a single blackbody. Rather asum of blackbodies with a range of temperatures starting at several hundreds Kelvinsand continuing to temperatures of a few tens of K are required to fit the spectrum ad-equately. Again the jumps in the spectrum at the positions corresponding to a changein aperture are present, suggesting that at the longer wavelengths we are looking atdiffuse emission in the star forming region. However, the slope of the continuum inLkH � 224 is significantly different from that of the cool component in BD+40 � 4124.This could either be due to a difference in the maximum temperature or to a differencein temperature gradient of the diffuse component between the two positions.
 The SWS spectrum of LkH � 225 looks very different. Again we have a strong,smooth continuum with many emission lines, but now also absorption lines due togaseous molecular material as well as strong absorption features due to solid-statematerial are present. The familiar 9.7 � m absorption feature due to the Si–O stretchingmode in amorphous silicates is strong. Apart from a 20% difference in the absolute fluxlevels, the silicate feature looks very similar to what was found by IRAS LRS (Olnon etal. 1986), suggesting that it is constant in time. The integrated optical depth ( �� ��� � � � )of the 9.7 � m feature in the ISO SWS spectrum is 196 cm �
 �. The 18 � m feature due
 to the bending mode of Si–O is also present in absorption with an integrated opticaldepth of 11 cm �
 �. The O–H bending mode of water ice at 3.0 is present in absorption
 as well (156 cm ��).
 Using intrinsic band strengths from literature (Tielens & Allamandola 1987; Ger-akines et al. 1995), we have converted the integrated optical depths of the 9.7 � msilicate and 3.0 � m H � O features to column densities. The results are a column of 1.6
 � 10� �
 molecules for the silicates and 7.8 � 10���
 molecules for H � O ice. The 2:1 ratio ofthese two species is within the range of what is found in other lines of sight (Whittetet al. 1996 and references therein). Curiously, CO � ice, which invariably accompaniesH � O ice in all other lines of sight studied by ISO (Whittet et al. 1996; Boogert et al.1999; Gerakines et al. 1999) is absent in LkH � 225. The derived upper limit on thesolid CO � /H � O ratio is 0.04, much less than the canonical value of 0.15.
 No aperture jumps are visible in the SWS spectrum of LkH � 225. The bulk of thecontinuum flux must therefore come from an area that is small compared to the small-est SWS aperture (20
 � �
 � 14� �
 ). The discontinuity between the SWS and LWS spectrashows that although LkH � 225 itself is probably the strongest far-infrared source inthe region, the total far-infrared flux of the group is dominated by the diffuse com-ponent. Like in LkH � 224, the SWS spectrum of LkH � 225 cannot be fit well with asingle blackbody. Again a sum of blackbodies with a range of temperatures starting at
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 several hundreds and continuing to temperatures of a few tens of K are required to fitthe spectrum adequately.
 PAHs appear absent in our LkH � 225 SWS spectrum. In view of the claim byDeutsch et al. (1994) that the southern component of LkH � 225 is the strongest UIRemitter in the region, this is remarkable. One possible explanation for this appar-ent discrepancy could be the large degree of variability ( � 3 � in � ; Allen 1973) ofLkH � 225. In this case the component responsible for the PAH emission should havebeen much fainter than the other component at the time of observation. However, As-pin et al. (1994) showed the southern component to be dominant longward of 3 � m.Comparison of our LkH � 225 spectrum with infrared photometry by previous authorsshows that the source was not near minimum brightness at the time of the SWS ob-servation, making the explanation that the southern component of LkH � 225 was faintimprobable. The most likely explanation for the apparent discrepancy between ournon-detection and the reported UIR emission (Deutsch et al. 1994) might thereforebe that the UIR emission within the southern component of LkH � 225 is variable intime. Note that because the gas cooling timescale is much longer than the PAH coolingtimescale, if PAH emission has been present within recent years, gas emission from aremnant PDR might be expected in the vicinity of LkH � 225.
 Since extinction in the continuum surrounding the 9.7 � m feature is small comparedto the extinction within this feature, the extinction � � at wavelength � across a non-saturated 9.7 � m feature can simply be obtained from the relation � � � � � �
 � $ % & � � � � � � .Using an average interstellar extinction law which includes the silicate feature (Flukset al. 1994), we can then convert these values of � � to a visual extinction, resulting ina value of ��� = 15 �
 � 4 � 0 �� 2 toward LkH � 225. This value is significantly smaller than
 the ��� � 50 � obtained from the C� �
 O column density towards LkH � 225 (Palla et al.1995). Although smaller, our estimate of ��� is still compatible with the value of 25 � �
 9 � derived from the ratio of the 1–0 S(1) and Q(3) lines of H � (Aspin et al. 1994).
 8.5 Gas-phase molecular absorption linesIn the SWS spectrum of LkH � 225 several absorption bands are present due to a largecolumn of gas-phase CO, CO � and H � O in the line of sight. They are shown in Fig. 8.7.Molecular absorption bands are absent in the BD+40 � 4124 and LkH � 224 spectra. Wecompared the observed gas-phase absorption lines to synthetic gas-phase absorptionbands computed using molecular constants from the HITRAN 96 database (Rothmannet al. 1996). First the relative population of the different levels within one moleculewere computed for an excitation temperature � ��� . For the relative abundances of theisotopes, values from the HITRAN database were adopted. A Voigt profile was takenfor the lines, with a Doppler parameter � =
 ��� � � �
 � �� for the Gaussian component of theVoigt profile and the lifetime of the considered level times � � ��� for the Lorentz compo-nent. The optical depth � as a function of wavelength was then computed by evalu-ating the sum of all integrated absorption coefficients, distributed on the Voigt profile.Synthetic absorption spectra were obtained by computing �����
 � � � � . This procedure
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 Fig. 8.7. Detected gas-phase molecular absorption bands in LkH � 225 with the continuum normalized to unity (top curves). Also shown(bottom curves) are the best fits of the computed absorption spectra, shifted for clarity. The large plots show the AOT 01 SWS data, whereasthe insets show the AOT 02 data containing molecular bands. (a) Observed CO ro-vibrational lines, compared to a ���� = 300 K, � = 5 km s � � ,
 �(CO) = 10
 cm � model. (b) H O � band, with a ��� = 300 K, � = 5 km s � � , �(H O) = 10
 ��
 cm � model. (c) gas-phase CO �  band,with a ��� = 300 K, � = 5 km s � � , �(CO ) = 3 � 10
 � �
 cm � model. (d) gas-phase CO � band, with a ��� = 300 K, � = 5 km s � � , �(CO ) = 3
 � 10
 � �
 cm � model.
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8.6. HYDROGEN RECOMBINATION LINES
 for computing absorption spectra is nearly identical to that followed by Helmich et al.(1996) and Dartois et al. (1998). For comparison with the observations, the spectra wereconvolved with the ISO SWS instrumental profile. For the AOT 02 observations, theinstrumental profile is nearly Gaussian with a wavelength-dependent resolving power� � � � � � � � ranging between 1400 and 3000 (Leech et al. 1997). For our AOT 01observations, the resolution is a factor four lower.
 Best fits of the synthetic absorption spectra to the observed CO, CO � and H � O bandsare also shown in Fig. 8.7. Because of the relatively low signal to noise in the spectra,the fits for the different absorption bands were not done independently, but � ��� and �
 were required to be the same for all species. This procedure is only valid if the differ-ent molecular species are co-spatial. The results of similar fitting procedures in otherlines of sight (e.g. van Dishoeck et al. 1996; Dartois et al. 1998; Boogert 1999) suggestthat this is the case. Satisfactory fits to the data could be obtained for excitation tem-peratures of a few 100 K and a Doppler parameter � between 3 and 10 km s �
 �. The
 derived column of warm CO � is several times 10���
 cm �� . For H � O it is about 10
 � � cm �� ,
 whereas the column of gas-phase CO is in the range 10� � –10 � �
 cm �� .
 The derived values of � are much higher than those expected from purely thermalbroadening ( � � � �����
 �� � � � � km s �
 �, with � the molecular weight in amu; Spitzer 1978).
 This must be caused by macroscopic motion within the column of warm gas in our lineof sight toward LkH � 225. The fact that our deduced values of � are within the rangeof those found toward hot cloud cores (Helmich et al. 1996; van Dishoeck & Helmich1996; Dartois et al. 1998) suggests that it is due to turbulence within the cloud ratherthan a dispersion in large-scale motion such as infall or rotation.
 8.6 Hydrogen recombination linesThe ISO SWS spectrum of BD+40 � 4124 contains several emission lines of the Pfundand Brackett series of H I. No H I lines were detected in LkH � 224 and LkH � 225. Thelines fluxes for BD+40 � 4124 were corrected for extinction using the value of ��� = 3 �
 � 0derived in section 8.3. We combined these data with ground-based measurements ofemission lines in the Brackett and Paschen series (Harvey 1984; Hamann & Persson1992; Rodgers & Wooden 1992) for BD+40 � 4124 to create plots of the H I line flux ratioas a function of upper level quantum number � (Fig. 8.8). The fact that the valuesfor the Brackett series lie on a continuous curve shows that they are not influencedmuch by the different beam sizes used, indicating that they must originate in a compactregion.
 In Fig. 8.8 we also show predicted values for Menzel & Baker (1938) Case B recom-bination for a range of temperatures from 1000 to 30,000 K and densities from 10 � to10 � cm �
 � , taken from Storey & Hummer (1995). The fit of the Case B values to the datais poor, indicating that at least the lower lines in the Pfund and Brackett series are notoptically thin, as assumed in Case B recombination theory, but have �
 � 1. An errorin our estimate of the extinction towards the line emitting region cannot reconcile ourobservations with the Case B values. The poor fit of the Case B model predictions to
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CHAPTER 8. STAR FORMATION IN THE BD+40 � 4124 GROUP: A VIEW FROM ISO
 Fig. 8.8. Extinction-corrected H I line flux ratios in BD+40 � 4124 for (from top to bot-tom) the Pfund, Brackett and Paschen series. Also shown (dotted lines) are theoreticalvalues for Case B recombination for � = 1000–30,000 K and � = 10 � –10 � cm �
 � . Thedashed lines give model predictions for an optically thick static slab of gas with tem-peratures (from bottom to top) between 1000 and 100,000 K. The gray solid line showsthe best fit of the LTE fully ionized wind model.
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8.7. MOLECULAR HYDROGEN EMISSION
 the observed H I line fluxes means that the lines do not originate in the low-densityH II region responsible for the [O III] emission (section 8.8).
 In the limit that all lines are optically thick, the line flux ratios of a static slab of gasin local thermodynamic equilibrium (LTE) will be dominated by the wings of the lineprofile. Such a slab of gas will produce line fluxes � � � � � � � � � � � ��� , with � the Planckfunction for an electron temperature � � , and � �� the oscillator strength for the transition(Drake & Ulrich 1980). In Fig. 8.8 we also show these values for a range of electrontemperatures between 1000 and 100,000 K. Again this simple model cannot reproducethe observed line flux ratios in BD+40 � 4124, especially for Pf � /Br � and Br � /Br � . Themost likely explanation for the poor fit is that the lines are more broadened than dueto the Stark wings of the line profile, probably due to macroscopic motion of the gas.
 The poor fit of both the Case B values and the optically thick static slab model showsthat we are not looking at an optically thick static slab of gas, but at an optically thickionized gas with a significant velocity dispersion. Most likely it originates either in anionized wind, or in an ionized gaseous disk surrounding BD+40 � 4124. Without infor-mation on the kinematics of the gas, the distinction between these two cases is hard tomake. To qualitatively show that such a model can indeed reproduce the observations,we also show in Fig. 8.8 the best fit of a simple LTE model for a totally ionized windfollowing the treatment of Nisini et al. (1995). This best fit model has a rather highmass loss rate ( � 10 �
 �M � yr �
 �), arising from a compact region ( � 12 R " ) in radius.
 However, the assumption of LTE will cause this simple model to significantly over-estimate the mass loss rate (Bouret & Catala 1998), whereas the assumption that thewind is completely ionized will cause an underestimate of the size of the line emittingregion. Therefore the values given here should be approached as lower, respectivelyupper limits. Also, a model for an ionized gaseous disk surrounding BD+40 � 4124 maygive equally good fits to the data.
 If the lower lines in the Pfund and Brackett series are optically thick, the region inwhich these lines originate should also produce optically thick free-free emission atradio wavelengths. In the simple wind model employed above, the Br � line flux isrelated to the 6 cm continuum flux by the relation ��� (mJy) = 1.4 � 10
 � � ��� �� (W m �
 � )� �
 � � �� , with � � the wind velocity in units of 100 km s �
 �(Simon et al. 1983). Assum-
 ing � � � � , this relation yields 0.39 mJy for BD+40 � 4124, in excellent agreement withthe observed 6 cm flux of 0.38 mJy (Skinner et al. 1993). Although highly simplified,this analysis does show that the region responsible for the H I line emission can alsoproduce sufficient amounts of radio continuum emission to account for the observedfluxes and that our interpretation of the radio component in the SED as free-free emis-sion (section 8.3) is correct.
 8.7 Molecular hydrogen emissionAt all three observed positions in the BD+40 � 4124 region we detected emission frompure rotational lines of molecular hydrogen. They are listed in Table 8.1 and are shownin Figs. 8.2–8.4. For BD+40 � 4124 and LkH � 224, 0–0 S(0) to S(5) were detected. For
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CHAPTER 8. STAR FORMATION IN THE BD+40 � 4124 GROUP: A VIEW FROM ISO
 LkH � 225 pure rotational lines up to S(10) as well as several ro-vibrational lines weredetected. It is clear that in LkH � 225 the 0–0 S(6) line escaped detection because of itsunfortunate location in the H � O gas phase �
 � absorption band (Fig. 8.7b). The line fluxof the 0–0 S(5) line may also be slightly ( � 10%) underestimated because of this. Wehave detected significantly more lines than the preliminary results reported in the A&AISO First Results issue (Wesselius et al. 1996), both because of improvements in theSWS data reduction since 1996 and because additional data were obtained. Thereforea new analysis of these H � lines is in place.
 From the H � line fluxes � � � � it is possible to calculate the apparent column densitiesof molecular hydrogen in the upper � levels, averaged over the SWS beam, � � � � ,using � � � � � � ����� ���
 ��� ��� � , with � the wavelength, � Planck’s constant and � the speed of
 light. The transition probabilities � �� were taken from Turner et al. (1977). Line fluxeswere corrected for extinction using � � � � � �
 ��� � ��� � �� � � ��� � using the average interstellar
 extinction law by Fluks et al. (1994). For both BD+40 � 4124 and LkH � 224 we used � � =3 �
 � 0, valid for the optical stars. For LkH � 225 we used the ��� = 15 �� 4 derived in section
 8.4.A useful representation of the H � data is to plot the log of � � � � � � , the apparent
 column density in a given energy level divided by its statistical weight, versus theenergy of the upper level. The statistical weight � is the combination of the rotationaland nuclear spin components. It is � � ��� �
 � for para-H � (odd � ) and �� ��� �
 � timesthe Ortho/Para ratio for ortho-H � (even � ). We have assumed the high temperatureequilibrium relative abundances of 3:1 for the ortho and para forms of H � (Burton etal. 1992). The resulting excitation diagrams are shown in Fig. 8.9. For LkH � 225 wealso included the measurements of the H � ro-vibrational lines by Aspin et al. (1994).For the lines in common, their values differ somewhat with ours, although the lineratios agree. This is probably an effect of their smaller beam size and indicates that inour measurements the beam filling factor is smaller than one. In Fig. 8.9 the values ofAspin et al. were scaled to our measurements.
 In case the population of the energy levels is thermal, all apparent column densitiesshould lie on a nearly straight line in the excitation diagram. The slope of this line isinversely proportional to the excitation temperature, while the intercept is a measureof the total column density of warm gas. As can be seen from Fig. 8.9, this is indeedthe case in all three stars for the pure rotational lines with an upper level energy up to5000 K. The fact that the points for ortho and para H � lie on the same line proves thatour assumption on their relative abundances is correct. We have used the formula forthe H � column density for a Boltzmann distribution given by Parmar et al. (1991) to fitour data points in the low-lying pure rotational levels, using the rotational constantsgiven by Dabrowski (1984), varying the excitation temperature and column density.The results are shown as the dashed lines in Fig. 8.9.
 In Chapter 7, we employed predictions of H � emission from PDR, J-shock and C-shock models (Burton et al. 1992; Hollenbach & McKee 1989; Kaufman & Neufeld1996), to determine the excitation temperature from the low-lying pure rotational lev-els as a function of density � and either incident FUV flux � (in units of the averageinterstellar FUV field G � = 1.2 � 10 �
 �erg cm �
 � s ��
 sr ��; Habing 1968) or shock velocity
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 Fig. 8.9. H � excitation diagrams for BD+40 � 4124 (top), LkH � 224 (middle) and LkH �
 225 (bottom). ISO observations of pure rotational lines are indicated by the filleddots. Squares, triangles and stars indicate measurements of ro-vibrational lines fromthe SWS spectra and from Aspin et al. (1994). Formal errors for most measurementsare smaller than the plot symbol. The dashed lines gives the Boltzmann distributionfits to the low-lying pure rotational lines.
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CHAPTER 8. STAR FORMATION IN THE BD+40 � 4124 GROUP: A VIEW FROM ISO
 Fig. 8.10. Continuum-subtracted 2.35–3.30 � m SWS spectrum of LkH � 225. Alsoshown (bottom curve) is a synthetic H � spectrum with � ����� = 710 K, corrected for anextinction of � � = 15 �� 4.
 � � in an identical way as was done for the observations presented here. We arrivedat the conclusion that the PDR and J-shock models allow a fairly small (200–540 K)range of excitation temperatures, whereas for C-shocks this range is much larger (100–1500 K). In the model predictions for shocks, � ����� does not depend much on density,whereas for PDRs it does not depend much on � . Once the mechanism of the H � emis-sion is established, it can therefore be used to constrain � � or � in a straightforwardway.
 The values for � ����� measured for LkH � 224 and LkH � 225 fall outside the range of� ����� values predicted by either PDR or J-shock models. They are similar to the valuesfound in other regions containing shocks (Chapter 7, 9). If the observed pure rotationalH � emission is indeed due to a planar C-shock, its shock velocity should be around20 km s �
 �. In section 8.4 we saw that our BD+40 � 4124 SWS full grating scan contains
 strong emission in the PAH bands. This indicates that a PDR is present at that location.If we assume that the observed H � emission is entirely due to this PDR, the observed� ����� of 470 K points to a rather high ( �� 5 � 10 � ) density within the PDR.
 For LkH � 225, ro-vibrational as well as pure rotational emission from H � was de-tected (Fig. 8.10). Both the higher pure rotational lines and the ro-vibrational linessignificantly deviate from the straight line defined by the lower pure rotational linesin the excitation diagram and do not form a smooth line by themselves, as expected inthe case of multiple thermal components. Such a situation can either occur because offluorescence of H � in a strong UV field (Black & van Dishoeck 1987; Draine & Bertoldi1996), be due to X-ray or EUV heating (Wolfire & Konigl 1991; Tine et al. 1997), or bedue to the formation energy of re-formed H � in post-shock gas (Shull & Hollenbach1978). Although the H � spectra resulting from the possible formation mechanisms dodiffer in the relative prominence of transitions with � � � 2 (Black & van Dishoeck
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 1987), the distinction between these situations is rather difficult to make with the de-tected lines in LkH � 225.
 By summing all the apparent column densities for the ro-vibrational and higherpure rotational lines we obtain an estimate for the observed total column of non-thermal H � in LkH � 225 of 2 � 10
 � �cm �
 � , corresponding to 2 � 10 ��
 M � or 0.3 earthmasses within the SWS beam. This value of � (H �
 � ) is within the range predicted byUV fluorescence models. However, the absence of PAH emission in LkH � 225 at thetime of the ISO observations suggests that there was no strong UV radiation field atthat time. Therefore we consider the possibility that the ro-vibrational H � emissionoriginates in a shock more likely.
 Interestingly, in LkH � 225 we have detected two pairs of lines arising from thesame energy level: the 1–0 Q(1) & 1–0 O(3) and the 1–0 Q(3) & 1–0 O(5) lines. Forthese pairs of lines � � � � must be identical. Therefore they can be used to derive adifferential extinction between the two wavelengths of the lines using � � � � � � � � � �
 � =� �
 � $�%'&� � � � � � � ��� �� � � � � � ��� ��� . Using the interstellar extinction curve by Fluks et al. (1994), we can
 then convert the differential extinction to a value of ��� . The results of this procedureare values for � � of 60 � � 20 � and 40 � � 20 � for the 1–0 Q(1) & 1–0 O(3) and 1–0 Q(3) &1–0 O(5) line pairs, respectively. These extinction values are somewhat larger than the15 �
 � 4 � 0 �� 2 derived from the silicate feature in section 8.4. But they agree well with � �
 � 50 � obtained from the C� �
 O column density towards LkH � 225 (Palla et al. 1995).If the slope of the infrared extinction law is approximately interstellar, the extinctiontowards the region producing the low-lying pure rotational H � lines in LkH � 225 mustbe smaller than this value though; such a large extinction would cause the extinction-corrected 0–0 S(3) line to deviate significantly from the thermal distribution line in theexcitation diagram, since it is located within the 9.7 � m silicate feature in the extinctioncurve. We conclude that in LkH � 225 either there must be two distinct sources ofH � emission, a 710 K thermal component suffering little extinction – presumably a C-shock – and a heavily extincted, deeply embedded component – possibly a J-shock, orthe slope of the infrared extinction law towards this region must be much steeper thaninterstellar.
 8.8 Carbon-monoxide emission linesAt both the positions of BD+40 � 4124 and LkH � 225, several emission lines due to gas-phase CO were detected in the long-wavelength part of the LWS spectra (Table 8.2).Similar to what was done for the H � emission in the previous section, we constructedCO excitation diagrams, using molecular data from Kirby-Docken & Liu (1978). Theyare shown in Fig. 8.11. The temperature and column of CO resulting from the Boltz-mann fit to these excitation diagrams are 500 K and 8.1 � 10
 � �cm �
 � and 300 K and1.9 � 10
 ���cm �
 � for BD+40 � 4124 and LkH � 225, respectively. We estimate the errors inthese fit parameters to be around 50 K in temperature and 50% in CO column.
 The observed CO lines have critical densities of around 10�
 cm �� . Therefore the
 observation of these lines also implies densities of at least this order of magnitude in
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CHAPTER 8. STAR FORMATION IN THE BD+40 � 4124 GROUP: A VIEW FROM ISO
 Fig. 8.11. CO excitation diagrams for BD+40 � 4124 (top) and LkH � 225 (bottom). Thedashed lines give the fit of the Boltzmann distribution to the data points.
 the originating region. The CO excitation temperature of 500 K found at the position ofBD+40 � 4124 is comparable to that found from the H � lines. The CO/H � mass fractionof 0.01 is compatible for what one would expect for the warm gas in a PDR. However,assuming that densities of around 10
 �cm �
 � would exist in the entire BD+40 � 4124 PDRwould be implausible. We therefore conclude that if these CO lines and the H � bothoriginate in the large-scale environment of BD+40 � 4124, the PDR must have a clumpystructure (e.g. Burton et al. 1990).
 The CO emission arising from the neighbourhood of LkH � 225 is remarkably dif-ferent from that seen in H � : here the excitation temperature of the CO is much lowerthan that found in H � . The CO/H � mass fraction of 0.03 is also much higher than thatfound at the position of BD+40 � 4124. It seems likely that another component than theC-shock responsible for the H � emission needs to be invoked to explain the low COexcitation temperature. Again this region must have densities of around 10
 �cm �
 � . Apossible disk or extended envelope around LkH � 225 could have both the temperatureand densities required to explain the observed CO spectrum.
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8.9. ATOMIC FINE STRUCTURE LINES
 Fig. 8.12. Behaviour of the [O III] 51.8 � m/88.4 � m line flux ratio as a function of elec-tron density � � (solid lines). The curves for temperatures between 5,000 and 50,000 K(from right to left) are nearly identical. The hatched region between the dashed linesshows the error interval of the observed [O III] ratio in BD+40 � 4124.
 8.9 Atomic fine structure linesIn order to interpret our observations as arising in either a PDR, C-Shock or J-shock,we compare our results with theoretical models of such regions (Tielens & Hollenbach1985; Hollenbach & McKee 1989; Kaufman & Neufeld 1996). Important constraintscome from the observed fine structure lines. The mere presence of certain lines helpsus to identify the mechanism responsible for the observed emission. In contrast to bothC- and J-shocks, PDRs do not produce significant quantities of [S I] emission (Tielens& Hollenbach 1985). C-shocks only contain trace fractions of ions and hence cannotexplain the [Fe II], [Si II] or [C II] emission.
 In BD+40 � 4124 the H � lines and the presence of PAH emission strongly suggestthe presence of a PDR. No [S I] was detected, so no shock is required to explain theemission from this region. The [Fe II] and [Si II] emission observed at the position ofBD+40 � 4124 may also originate in a PDR. The [O III] emission lines detected by SWScannot be produced in a PDR. The ratio of the [O III] 52 and 88 � m lines is sensitiveto the electron density � � in the line forming region. It hardly depends on the temper-ature. We computed the expected ratio for a range of temperatures and densities, inthe approximation that we can treat [O III] as a five level ion following the treatmentby Aller (1984), using collisional strengths from Aggarwal et al. (1982). The resultsare shown in Fig. 8.12. We conclude that the [O III] lines observed by LWS are formedin a H II region with � � = 0.6–2.2 � 10 � cm �
 � . In view of the 22,000 K effective tem-perature of BD+40 � 4124, it is surprising that [O III] emission is detected, since simplephoto-ionization models predict that for stars with � � � 32,000 K most oxygen shouldremain neutral. Clearly another ionization model must be present here. Possibly the
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 region also responsible for the H I lines could collisionally ionize the oxygen and weare observing the outer, low-density part of an ionized wind.
 Apart from the PDR, a H II region surrounding BD+40 � 4124 may also contributesignificantly to the observed [Fe II] and [Si II] emission. Therefore we have used thephoto-ionization code CLOUDY (version 90.04; Ferland 1996) to generate model predic-tions for line strengths for an H II region surrounding BD+40 � 4124. A Kurucz (1991)model with parameters appropriate for BD+40 � 4124 was taken as the input spectrum,and a spherical geometry and a constant electron density of 2 � 10 � cm �
 � throughoutthe H II region were assumed. According to this model, 30% of the observed [Si II]34.82 � m flux and 40% of the 25.99 � m [Fe II] flux will originate in the H II region.From comparing the remainder of the fluxes of the atomic fine structure lines to thePDR models of Tielens & Hollenbach (1985), we derive that the PDR should be fairlydense ( � 10
 �cm �
 � ) and have an incident far-UV field of about 10�
 G � . The extent ofthis PDR should be around 180 square arcseconds, or about half of the SWS beam.
 In view of the observed H � spectrum (section 8.7), a C-shock appears the most likelycandidate for explaining the observed [S I] emission in LkH � 224. A C-shock with ashock velocity of around 20 km s �
 �can explain both the H � and [S I] emission. How-
 ever, the density and extent of the region are poorly constrained: the emission mayeither arise in a dense ( � 10
 �cm �
 � ) region of only a few square arcseconds, or arise ina region of about 10 � –10
 �cm �
 � with a high beam filling factor. Since it is observed inthe largest SWS aperture, the observed [Si II] emission could be due to contaminationfrom LkH � 225 (see Fig. 8.5).
 For LkH � 225 the situation appears more complicated. The detection of [S I] clearlyshows that a shock must be present in the region. A C-shock can explain the observedthermal H � component, with similar parameters as for LkH � 224, but can only ex-plain part of the [S I] emission. The [Fe II] and [Si II] emission could either come froma deeply embedded H II region, a deeply embedded PDR, or a J-shock. In view of ne-cessity to have an additional source of [S I] emission, the most likely candidate mightbe a J-shock. A J-shock model with � � � 60 km s �
 �and � � 10
 �–10 � cm �
 � can indeedreproduce the observed [S I] and [Si II] intensities. However, to reproduce the observed[Fe II] 26.0 � m strength, iron would have to be about eight times more depleted thanassumed in the Tielens & Hollenbach PDR models. The observed [C II] 157.7 � m emis-sion at the position of LkH � 225 cannot be explained by shocks. This could very wellbe due to contamination by the BD+40 � 4124 PDR or the galactic [C II] background,however.
 Fit parameters for the PDR, J-shock and C-shock models used to explain the H � , COand fine structure emission lines are listed in Table 8.3. The summed model predictionsfor the line fluxes are listed in Table 8.2.
 8.10 Discussion and conclusionsIn the previous sections we have seen that in a small OB association like the BD+40 � 4124group, different phenomena contribute to at first glance similar line spectra. The emis-
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8.10.D
 ISCUSSIO
 NA
 ND
 CON
 CLUSIO
 NS
 Table 8.3. Model parameters for the emission line fits.
 Object PDR C-shock J-shock
 � [cm � �
 ] � [G �] � [10 � �
 sr] � [cm � �
 ] �� [km s �
 ] � [10 � �
 sr] � [cm � �
 ] �� [km s � ] � [10 � �
 sr]
 BD+40 � 4124 10
 �
 /10
 
 10
 �
 /10
 �
 0.55/0.05 – – – – – –LkH � 224 – – – � 10
 �
 20 � 0.10 – – –LkH � 225 – – – � 10
 �
 20 � 0.20 10
 �
 –10
 �
 60 0.12
 Table 8.4. Comparison of gas-phase and solid-state absorption column densities (in cm � �) towards YSOs.
 Object gas-phase column solid column gas/solid ratio Ref.CO CO � H �O CO CO � H �O CO CO � H �O
 LkH � 225 10
 �
 –10
 �
 1–5 � 10
 �
 0.5–3 � 10
 � � 6 � 10
 � � 3 � 10
 7.8 � 10
 � � 16 � 3 � 13 (1)T Tau 10
 �
 –10
 � � 1 � 10
 � � 1 � 10
 � � 5 � 10
 �
 1.4 � 10
 �
 5.4 � 10
 � � 20 � 0.7 � 1.9 (2)AFGL 4176 2 � 10
 �
 5 � 10
 �
 2 � 10
 � � 5 � 10
 
 1.2 � 10
 �
 9 � 10
 � � 400 � 0.04 � 2.2 (3,4,5,6)W33A 4.0 � 10
 �
 – 1.0 � 10
 �
 9.0 � 10 �
 1.5 � 10
 �
 2.8 � 10
 � � 40 – � 0.04 (3,7,8,9)AFGL 2136 1.0 � 10
 �
 1 � 10
 
 2 � 10
 �
 1.8 � 10 �
 6.1 � 10
 �
 5.0 � 10
 � � 50 � 0.02 � 0.4 (3,4,5,6)RAFGL 7009S 6.1 � 10
 �
 1.0 � 10
 � � 2 � 10
 �
 1.8 � 10
 �
 2.5 � 10
 �
 1.1 � 10
 � � 3.4 � 0.04 � 0.18 (10)Elias 29 � 1 � 10
 �
 – � 9 � 10
 �
 1.7 � 10
 �
 6.5 � 10
 �
 3.0 � 10
 � � 55 – � 0.3 (9)AFGL 2591 1.1 � 10
 �
 1 � 10
 
 2 � 10
 � � 4 � 10
 
 2.7 � 10
 �
 1.7 � 10
 � � 270 � 0.04 � 1.1 (3,4,5,6)NGC 7538 IRS9 1.4 � 10
 �
 8.0 � 10
 � � 3 � 10 �
 1.0 � 10
 �
 1.2 � 10
 �
 8.0 � 10
 � � 14 � 0.01 � 0.04 (3,4,5,6)
 References: (1) This paper; (2) Chapter 9; (2) Mitchell et al. (1990); (3) van Dishoeck et al. (1996); (4) de Graauw et al. (1996b); (5) van Dishoeck& Helmich (1996); (6) Chiar et al. (1998); (7) Gerakines et al. (1999); (8) Boogert (1999); (9) Dartois et al. (1998).
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 sion at the position of BD+40 � 4124 is well reproduced by the combination of a H IIregion around BD+40 � 4124 with a PDR. In Section 8.7 we derived values of the far-UVradiation field for its PDR from the observed emission lines. It is useful to comparethose values to those expected from the central star to see whether that is a sufficientsource of radiation, or another exciting source needs to be invoked. From the Kurucz(1991) model with � �! = 22,000 K and $�% &� � �
 � � , fitted to the extinction-correctedUV to optical SED of BD+40 � 4124 (section 8.3), we compute that BD+40 � 4124 has atotal far-UV (6–13.6 eV) luminosity of 3.2 � 10 � L � . At a location 5 � 10 � AU fromthe central star, this field will have diluted to the value of 10 � G � obtained from theinfrared lines. At the BD+40 � 4124 distance of 1 kpc, this corresponds to an angularseparation of 5
 � �
 , consistent with the constraints imposed by the SWS aperture. Weconclude that BD+40 � 4124 can indeed be responsible for the incident UV flux upon thePDR observed in that vicinity. Compared to the far-UV luminosity of BD+40 � 4124, theother two sources only show little UV emission (3 and 6 L � for LkH � 224 and 225,respectively), explaining why we don’t observe a PDR at those positions.
 For LkH � 224 we showed that the infrared emission-line spectrum could be ex-plained by a single non-dissociative shock. A C-shock with very similar parametersmay also be present at the position of LkH � 225. Comparing our ISO SWS aperturepositions (Fig. 8.5) with the image of the bipolar outflow centered on LkH � 225 (Pallaet al. 1995), we note that this outflow covers both LkH � 224 and LkH � 225. One pos-sible identification for the C-shock in both LkH � 224 and LkH � 225 might therefore bethe shock created as the outflow originating from LkH � 225 drives into the surround-ing molecular cloud.
 Apart from the large-scale C-shock, we have seen that probably a J-shock is presentin LkH � 225 as well. This can be naturally identified with the Herbig-Haro knot LkH �225-M observed in [S II] in the optical (Magakyan & Movseyan 1997). It remains un-clear whether the ro-vibrational H � lines observed in this object are due to H � fluores-cence by Ly � photons or to H � re-formation in the post-shock gas. Spectroscopy oflines with higher � is required to clarify this.
 In the line of sight toward LkH � 225, a large column consisting of warm gas-phaseCO, CO � and H � O and solid water ice and silicates was detected. The column of gas-phase water was found to be about 10 times higher that that of water ice. No CO � icewas detected toward LkH � 225, demonstrating that the bulk of the CO � is in the gas-phase. In Table 8.4 we compare the derived gas/solid ratio for LkH � 225 with thosefound in the lines of sight towards other young stellar objects. Both the H � O and CO �
 gas/solid ratios are much higher than those found in other YSOs. For CO � , the lowerlimit to the gas/solid is even a factor 100 higher than that found in the source with thepreviously reported highest ratio! At this point we can only speculate as to why thisis the case. One possible explanation could be that the radiation field of BD+40 � 4124 isheating the outer layers of the LkH � 225 envelope, evaporating the CO � ice. If this isthe case, BD+40 � 4124 should be located closer to the observer than LkH � 225, suggest-ing that LkH � 225 is located at the far side of the “blister” in which the BD+40 � 4124group is located. Another explanation could be that the LkH � 225 core itself is un-usually warm. Since the abundance of gas-phase water is sensitive to the temperature
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 (Charnley 1997), this would also explain the high abundance of water vapour in theline of sight toward LkH � 225. Because LkH � 225 is less massive than the luminousobjects in which the previous gas/solid ratios have been determined, this high tem-perature might reflect a more evolved nature of the LkH � 225 core. Future research,such as a temperature determination from gas-phase CO measurements, should beable to distinguish between these possibilities and show whether we have discoveredthe chemically most evolved hot core known to date, or are looking through a line ofsight particularly contaminated by a nearby OB star.Acknowledgements. This chapter is based on observations with ISO, an ESA project with in-struments funded by ESA Member States (especially the PI countries: France, Germany, theNetherlands and the United Kingdom) and with the participation of ISAS and NASA. The au-thors would like to thank Ewine van Dishoeck for her help in obtaining the BD+40 � 4124 LWSdata and Dolf de Winter for making his optical spectra of LkH � 224 available to us. We thankAdwin Boogert and Issei Yamamura for helpful discussions on the molecular absorption spec-tra. Lynne Hillenbrand kindly provided the K
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Chapter 9
 ISO Spectroscopy of Shocked Gas inthe Vicinity of T Tau
 M.E. van den Ancker, P.R. Wesselius, A.G.G.M. Tielens,E.F. van Dishoeck and L. Spinoglio, A&A, in press (1999)
 AbstractWe present the results of ISO SWS and LWS spectroscopy of the young binary systemT Tau. The spectrum shows absorption features due to H � O ice, CO � ice, gas-phaseCO and amorphous silicate dust, which we attribute to the envelope of T Tau S. Wederive an extinction of � � = 17 �� 4 0 �� 6 towards this source. Detected emission linesfrom H I arise in the same region which is also responsible for the optical H I linesof T Tau N. These lines most likely arise in a partially ionized wind. Emission fromthe infrared fine-structure transitions of [S I], [Ar II], [Ne II], [Fe II], [Si II], [O I] and[C II] was also detected, which we explain as arising in a � 100 km s �
 �dissociative
 shock in a fairly dense (5 10�
 cm �� ) medium. Pure rotational and ro-vibrational
 emission from molecular hydrogen was detected as well. We show the H � emissionlines to be due to two thermal components, of 440 and 1500 K respectively, whichwe attribute to emission from the dissociative shock also responsible for the atomicfine-structure lines and a much slower ( � 35 km s �
 �) non-dissociative shock. The
 1500 K component shows clear evidence for fluorescent UV excitation. Additionally,we found indications for the presence of a deeply embedded ( � � � 40 � ) source ofwarm H � emission. We suggest that this component might be due to a shock, causedby either the outflow from T Tau S or by the infall of matter on the circumstellar diskof T Tau S.
 9.1 IntroductionT Tauri (HD 284419) might well be the most studied young stellar object in the sky. Itwas initially thought of as the prototype of a class of low-mass pre-main sequence stars,
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 but is now known to be a very unique young binary system. An infrared companion,T Tau S, was discovered 0 �
 � �
 7 south of the optically bright K0–1e T Tauri star T Tau N(Dyck et al. 1982), corresponding to a projected separation of 100 AU at the 140 pcdistance of the Taurus-Auriga complex (Kenyon et al. 1994; Wichmann et al. 1998).Reports of a third stellar component in the T Tau system (Nisenson et al. 1985; Mai-hara & Kataza 1991) remain unconfirmed (Gorham et al. 1992; Stapelfeldt et al. 1998).Whereas T Tau N dominates in the optical and at submm wavelengths, the brightnessof the system in the infrared is dominated by T Tau S (Hogerheijde et al. 1997). Both TTau N and S display irregular photometric variability, possibly connected to variationsin the rate of accretion of material onto the stellar surface (Herbst et al. 1986; Ghez etal. 1991). Recent HST imaging failed to detect T Tau S in the � band down to a lim-iting magnitude of 19 �
 � 6, showing that � � � 7 � towards this source (Stapelfeldt et al.1998). T Tau N, on the other hand, only suffers little extinction ( ��� = 1 �
 � 39; Kenyon &Hartmann 1995). Proper-motion studies (Ghez et al. 1995) as well as the discovery of abridge of radio emission connecting both components (Schwartz et al. 1986) prove be-yond doubt that both stars are physically connected, demonstrating that a significantamount of dust must be present within the binary system itself.
 In the last few years, millimeter interferometry has revealed the presence of a cir-cumstellar disk with a total mass of 10 �
 � M � around the optically bright component TTau N. The presence of a cicumstellar disk around T Tau S is suggested by mid-infraredemission, but the millimeter interferometric data show that its mass is substantially lessthan that around T Tau N (Hogerheijde et al. 1997; Akeson et al. 1998). Lunar occulta-tion observations of the T Tau system show that these disks must be smaller than 1 AUat 2.2 � m (Simon et al. 1996). In addition to this, an envelope or circumbinary diskof similar mass as the T Tau N disk is required to fit the energy distribution and po-larization properties of the system (Weintraub et al. 1992; Whitney & Hartmann 1993;Calvet et al. 1994; Hogerheijde et al. 1997). On larger spatial scales, two nebulae areassociated with the T Tau system. A small ( � 10
 � �
 ) cloud, Burnham’s nebula (HH 255),is centered on the binary and shows a line spectrum typical of Herbig-Haro objects(Robberto et al. 1995). A spatially separated arc shaped cloud, Hind’s nebula (NGC1555) is located 30
 � �
 to the west. Recent maps at 450 and 850 � m have detected a ClassI protostar in Hind’s nebula, suggesting that star formation in the vicinity of T Tau ismore active than previously thought (Weintraub et al. 1999).
 The kinematics of molecular material in the vicinity of T Tau have been found to bevery complex. Submm observations of CO and HCO � (Knapp et al. 1977; Edwards &Snell 1982; Levreault 1988; van Langevelde et al. 1994a; Momose et al. 1996; Schuster etal. 1997; Hogerheijde et al. 1998) suggest that both components of T Tau drive separatebipolar outflows and that at least one of these is directed close to the line of sight. Oneven larger scales, Reipurth et al. (1997) discovered a giant Herbig-Haro flow (HH355) with a projected extent of 38 arcminutes (1.55 pc at 140 pc), aligned with the axisof the outflow from T Tau S, which they explained as being due to multiple eruptionsof material while the flow axis is precessing. Ray et al. (1997) showed that T Tau S hasrecently ejected two large lobes of mildly relativistic particles, demonstrating that theemergent picture might be further complicated by significant time-variability in the
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9.1. INTRODUCTION
 Fig. 9.1. Combined SWS/LWS full grating spectra for T Tau with the most prominentfeatures identified. The apparent dips at 12 and 28 � m as well as the bump around52 � m are artefacts of the data reduction process. Also shown (dots) is ground-basedphotometry of T Tau N with a dust shell model fit to these points (dashed line). Thegrey curve shows the model-subtracted ISO spectra.
 outflow rate.
 In this chapter we present new Infrared Space Observatory (ISO; Kessler et al. 1996)spectroscopy of the T Tau system. In Sections 9.3 and 9.4 we analyze solid-state andgas-phase absorption features and show that these are fairly typical for the envelopeof an embedded low-mass young stellar object. In section 9.5 we briefly discuss theinfrared H I lines and argue that these have the same origin as the optical lines. Insections 9.6 and 9.7 we will discuss the observed H � spectrum and the atomic fine-structure lines, and show that these are due to shocked gas. In the discussion (Sect.9.8) we will argue that the most likely candidate for a highly embedded molecularshocked gas component is an accretion shock in a circumstellar disk. The presentationof the ISO data on the CO, H � O and OH emission line spectrum of T Tau is left to asubsequent paper (Spinoglio et al. 1999). We anticipate that the analysis of these datashows that the physical picture outlined here is confirmed.
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CHAPTER 9. ISO SPECTROSCOPY OF SHOCKED GAS IN THE VICINITY OF T TAU
 Fig. 9.2. Detected lines in T Tau. The velocities are heliocentric. The grey lines indicatethe instrumental profiles for a point source and an extended source filling the entireaperture.
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9.1. INTRODUCTION
 Table 9.1. Observed and extinction-corrected ( ��� = 1 �� 39) line fluxes and model pre-
 dictions (in 10 �� �
 W m �� ) for T Tau.
 Line�
 Beam AOT Observed Model[ � m] [10 ��� sr] Measured Ext. corr. J-Shock C-Shock Total
 H � 0–0 S(0) 28.2188 1.64 S02 ! 4.67 ! 4.74 0.06 0.01 0.07H � 0–0 S(1) 17.0348 1.15 S02 1.80 � 0.59 1.85 � 0.61 1.50 0.35 1.85H � 0–0 S(2) 12.2786 1.15 S02 ! 9.68 ! 9.99 1.10 0.76 1.86H � 0–0 S(3) 9.6649 0.85 S02 6.81 � 1.95 7.36 � 2.10 1.94 5.26 7.20H � 0–0 S(4) 8.0251 0.85 S02 3.17 � 1.05 3.25 � 1.07 0.24 3.38 3.62H � 0–0 S(5) 6.9095 0.85 S02 13.58 � 2.63 13.78 � 2.67 0.14 13.65 13.79H � 0–0 S(6) 6.1086 0.85 S02 ! 8.07 ! 8.21 0.01 4.55 4.56H � 0–0 S(7) 5.5112 0.85 S02 11.03 � 2.63 11.24 � 2.68 0.00 10.65 10.65H � 0–0 S(8) 5.0531 0.85 S02 ! 4.52 ! 4.62 0.00 2.22 2.22H � 0–0 S(9) 4.6946 0.85 S02 2.87 � 0.95 2.94 � 0.97 0.00 3.40 3.40H � 0–0 S(10) 4.4099 0.85 S02 ! 3.13 ! 3.21 0.00 0.48 0.48H � 0–0 S(11) 4.1813 0.85 S02 ! 4.67 ! 4.81 0.00 0.51 0.51H � 0–0 S(12) 3.9960 0.85 S02 ! 2.84 ! 2.93 0.00 0.05 0.05H � 1–0 Q(1) 2.4066 0.85 S01 5.96 � 1.97 6.46 � 2.13 0.00 10.14 10.14H � 1–0 Q(2) 2.4134 0.85 S01 1.96 � 0.65 2.13 � 0.70 0.00 3.19 3.19H � 1–0 Q(3) 2.4237 0.85 S01 4.52 � 1.20 4.90 � 1.30 0.00 8.86 8.86H � 1–0 Q(4) 2.4475 0.85 S01 0.59 � 0.21 0.64 � 0.22 0.00 2.34 2.34H � 1–0 Q(5) 2.4547 0.85 S01 1.44 � 0.48 1.56 � 0.51 0.00 4.77 4.77H � 1–0 Q(6) 2.4755 0.85 S01 ! 2.63 ! 2.84 0.00 0.94 0.94H � 1–0 O(2) 2.6269 0.85 S01 6.20 � 1.23 6.64 � 1.31 0.00 2.29 2.29H � 1–0 O(3) 2.8025 0.85 S02 9.39 � 0.99 9.96 � 1.05 0.00 8.58 8.58H � 1–0 O(4) 3.0039 0.85 S02 1.26 � 0.42 1.33 � 0.44 0.00 2.46 2.46H � 1–0 O(5) 3.2350 0.85 S02 2.87 � 0.73 3.00 � 0.77 0.00 4.99 4.99H � 1–0 O(6) 3.5008 0.85 S01 ! 2.29 ! 2.39 0.00 0.92 0.92H � 1–0 O(7) 3.8074 0.85 S01 1.32 � 0.43 1.36 � 0.45 0.00 1.28 1.28H I Hu � 12.3719 1.15 S01 ! 6.23 ! 6.42 0.01 – –H I Hu � + H7 � 7.5083 0.85 S02 ! 3.29 ! 3.34 0.00 – –H I Pf � 7.4600 0.85 S02 ! 3.63 ! 3.69 0.03 – –H I Pf � 4.6539 0.85 S02 ! 4.90 ! 5.03 0.02 – –H I Br � 4.0523 0.85 S02 10.97 � 3.00 11.31 � 3.09 0.10 – –H I Br � 2.6259 0.85 S02 9.61 � 1.41 10.29 � 1.51 0.06 – –�Fe I] ( ��� � – ���   ) 24.0424 1.15 S02 ! 1.83 ! 1.87 0.05 – –�Fe I] ( � �   – � � � ) 34.7135 2.01 S02 ! 1.04 ! 1.05 0.02 – –�Fe II] ( ��� ��� � – ��� � � � ) 17.9363 1.15 S02 0.52 � 0.17 0.53 � 0.18 0.97 0.00 0.97�Fe II] ( � � ��� � – �
 � � � � ) 25.9882 1.15 S02 1.85 � 0.61 1.88 � 0.62 3.37 0.00 3.37�Fe II] ( � � � � � – �
 � � � � ) 35.3491 2.01 S02 4.23 � 1.40 4.28 � 1.41 1.21 0.00 1.21�Ni II] ( � � � � � – � �  �� � ) 6.6360 0.85 S01 ! 8.15 ! 8.27 5.86 0.00 5.86�Ar II] ( �  �� � – � � � � ) 6.9853 0.85 S01 9.38 � 1.72 9.51 � 1.75 – 0.00 –�Ne II] ( �  �� � – � � � � ) 12.8135 1.15 S01 28.14 � 7.15 28.88 � 7.34 29.36 0.00 29.36�S I] (   � –   � ) 25.2490 1.15 S02 4.09 � 1.28 4.16 � 1.30 2.99 0.31 3.30�Si II] ( � � � � – �  �� � ) 34.8152 2.01 S02 12.59 � 4.16 12.72 � 4.20 11.69 0.00 11.69�O I] (   � –   � ) 63.1850 16.3 L01 230.6 � 16.1 231.5 � 16.2 233.2 0.80 234.0�O I] (   � –   � ) 145.535 8.82 L01 ! 14.9 ! 14.9 5.00 0.05 5.05�C II] ( � � � � – �  �� � ) 157.741 11.6 L01 10.60 � 0.74 10.61 � 0.74 5.22 0.00 5.22
 Model parameters:
 Component � [cm �   ] ��� [km s ��� ] � [10 � � sr]
 J-shock 5   10 � 100 0.03C-shock � 10 � 35 � 0.16
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CHAPTER 9. ISO SPECTROSCOPY OF SHOCKED GAS IN THE VICINITY OF T TAU
 Fig. 9.3. SWS (rectangles) and LWS (circle; beam average FWHM) aperture positionsfor our measurements of T Tau superimposed on a K
 �band image of the region (Ho-
 dapp 1994). The orientation of the SWS apertures is nearly identical for the differ-ent SWS observations. The rectangles indicate the apertures (in increasing size) forSWS bands 1A–2C (2.4–12.0 � m), 3A–3D (12.0–27.5 � m), 3E (27.5–29.5 � m) and 4(29.5–40.5 � m).
 9.2 Observations
 An ISO Short Wavelength (2.4–45 � m) Spectrometer (SWS; de Graauw et al. 1996)full grating scan (“AOT S01”, speed 4) of T Tau was obtained in ISO revolution 680(JD 2450717.411). In addition to this, deeper SWS grating scans on selected molecularand fine structure lines (“AOT S02”) were obtained in revolutions 681 and 861 (at JD2450718.778 and 2450897.973). Besides the SWS results, we present here the results of arelatively fast ISO Long Wavelength (43–197 � m) Spectrometer (LWS; Clegg et al. 1996)full grating scan (“AOT L01”, � = 776 s) obtained in revolution 672 (JD 2450709.675),while a deeper LWS spectrum is presented in Spinoglio et al. (1999). In this latter work,LWS off-source measurements on positions 80
 � �
 to the North, South, East and West ofT Tau were also made, whose results we anticipate here. They show that the [C II]157.7 � m line was the only one detected in the off-source positions.
 Data were reduced in a standard fashion using calibration files corresponding toISO off-line processing software (OLP) version 7.0, after which they were corrected forremaining fringing and glitches. To increase the S/N in the final spectra, the detec-tors were aligned and statistical outliers were removed, after which the spectra were
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9.2. OBSERVATIONS
 Table 9.2. Line fluxes (in 10 �� �
 W m �� ) for off-source measurements.
 Pos. � (2000.0) � (2000.0) AOT � [ � m] Line Flux
 Off-N 04 21 59.4 +19 33 46.5 L01 157.80 � C II] 7.9 0.9Off-S 04 21 59.3 +19 20 26.5 L01 157.79 � C II] 8.8 1.3Off-W 04 22 06.4 +19 32 06.0 L01 157.76 � C II] 8.8 1.1Off-E 04 21 52.4 +19 32 07.0 L01 157.74 � C II] 9.1 0.9
 rebinned to a lower spectral resolution. Figure 9.1 shows the resulting ISO spectra.Accuracies of the absolute flux calibration in the SWS spectra range from 7% in theshort-wavelength ( � 4.10 � m) part to � 30% in the long wavelength ( � 29 � m) part(Leech et al. 1997). The LWS absolute flux calibration is expected to be accurate at the7% level (Trams et al. 1997). Plots of all detected lines, rebinned to a resolution � � � �of 2000 with an oversampling factor of four (SWS), or with the data averaged (LWS),are presented in Fig. 9.2. Line fluxes for detected lines and upper limits (total flux forline with peak flux 3 � ) for the most significant undetected lines on the on-source po-sition are listed in Table 9.1. Detected lines in the off-source LWS spectra are listed inTable 9.2.
 For each complete spectral scan, the SWS actually makes twelve different gratingscans, each covering a small wavelength region (“SWS band”), and with its own opticalpath. They are joined to form one single spectrum (Fig. 9.1). Because of the variation ofthe diffraction limit of the telescope with wavelength, different SWS bands use aper-tures of different sizes. For a source that is not point-like, one may therefore see adiscontinuity in flux at the wavelengths where such a change in aperture occurs. Thiseffect is not seen in the spectra of T Tau, indicating that the bulk of the infrared contin-uum comes from a region that is small compared to the smallest SWS beam (14
 � �
 � 20� �
 ).Note that the same does not have to apply to the line emission.
 In the course of this chapter we will compare our ISO data of T Tau with measure-ments by previous authors. To do so accurately, we need to know the relative sizes andorientations of the beams used. Therefore we created a plot of the ISO SWS aperturesand LWS average beam size overlaid on a K
 �
 -band of the T Tau region (Hodapp 1994),shown in Fig. 9.3. As can be seen from this figure, all SWS apertures include both TTau N and T Tau S. They do not include Hind’s nebula. The LWS beam includes boththe central objects of the T Tauri system as well as Hind’s nebula. The fact that thefluxes measured by SWS agree well with those measured by LWS in the small regionof overlap, suggests that Hind’s nebula remains much fainter than the central objectsat wavelengths at least up to 45 � m.
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CHAPTER 9. ISO SPECTROSCOPY OF SHOCKED GAS IN THE VICINITY OF T TAU
 Table 9.3. Solid state absorption column densities for T Tau S.
 Species Wavelength � � ��� ��� � � � �
 [ � m] [cm molec ��] [cm �
 �] [cm �
 � ]
 H � O 3.0 2.0 10 �� �
 109 5.4 10���
 H � O 6.0 1.2 10 ���� � 10 � 8 10
 ���
 CO 4.67 1.1 10 ���� � 5 � 5 10
 ���
 CO � 4.26 7.6 10 ����
 12.2 1.6 10���
 CO � 15.2 1.1 10 ����
 1.2 1.1 10���
 CH � 7.67 7.3 10 �� � � 4 � 5 10
 ���
 Silicate 9.7 1.2 10 �� �
 218 1.8 10� �
 9.3 Solid-state features
 The SWS spectrum of T Tau (Fig. 9.1) consists of a smooth continuum with a number ofstrong absorption features superposed, in which we recognize the O–H bending modeof water ice around 3 � m, the 4.27 � m C=O stretch and the 15.3 � m O=C=O bend ofCO � and the familiar 9.7 � m absorption feature due to the Si–O stretching mode inamorphous silicates.
 By convolving the SWS spectrum with an � band (3.5 � m) transmission curve, wederive a synthetic � magnitude of 3 �
 � 4 for T Tau at the time of the observations. Thisvalue is within errors identical to the �
 �
 band measurement of Simon et al. (1996) inDecember 1994. Thus the fading of the infrared brightness of the system after the 1990–1991 flare (Ghez et al. 1991; Kobayashi et al. 1994) appears to have ceased before thesystem has returned to its pre-outburst magnitude. Synthetic 12, 25, 60 and 100 � mfluxes from the ISO spectra are 1.3–1.5 times those measured by IRAS in 1983. TheIRAS LRS spectrum is fainter and redder than the ISO SWS spectrum and does notshow a 9.7 � m feature in emission or absorption. The ISO SWS fluxes are about 1.4times less than those in the November 1993 ground-based 8–13 � m spectroscopy byHanner et al. (1998), in which the silicate feature also appears stronger.
 The spectrum obtained with ISO is the sum of the spectra of T Tau N and S. Al-though T Tau S is expected to dominate the continuum flux in the thermal infrared,T Tau N might also contribute significantly to the spectrum. In particular, absorptionfeatures from T Tau S might appear “filled in” with flux from T Tau N, especially inthe 9.7 � m silicate feature, which appears in emission in T Tau N, whereas it is in ab-sorption in the southern component (Ghez et al. 1991; van Cleve et al. 1994; Herbstet al. 1997). While the northern component does show variations in brightness in theoptical, all available literature data suggest that the infrared variability is limited to TTau S. We therefore attempt to isolate the contribution from T Tau S (plus the circumbi-nary envelope at the longer wavelengths) by subtracting an empirical model for T TauN, consisting of a sum of blackbodies + emission from amorphous silicate at 500 K
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9.4. GAS-PHASE MOLECULAR ABSORPTION
 (Dorschner et al. 1995) fitted to ground-based spatially resolved photometry of T TauN (Ghez et al. 1991; Herbst et al. 1997), from the data. This model and the resultingspectrum of T Tau S are also shown in Fig. 9.1. We note that it is possible to reproduceall existing infrared photometry and spectroscopy of T Tau in the literature by the sumof our empirical model of T Tau N and a multiplicative factor times the spectrum ofT Tau S. This means that the infrared variations of T Tau S are not caused by variablecircumstellar extinction, but must reflect variations in the intrinsic luminosity of thecentral source, e.g. by variations in the accretion rate.
 From the integrated optical depth �� � � � � � of a non-saturated absorption feature wecan compute a column density � using an intrinsic band strength � � . For H � O, CO,CO � and CH � ices, values of � � were measured by Gerakines et al. (1995) and Boogertet al. (1997). For silicates, � � is taken from Tielens & Allamandola (1987). Measuredintegrated optical depth and column densities for T Tau S of commonly observed icesare listed in Table 9.3. The derived value of 3.4 for the solid H � O/CO � ratio is at thelower range of values observed in the lines of sight towards low-mass YSOs (Whittetet al. 1996; Boogert 1999). Since the line of sight towards T Tau S might actually passthrough the outer edge of the T Tau N disk (Hogerheijde et al. 1997), this result mayimply that the solid H � O/CO � ratio in the outer disk is similar to those typically foundin the envelopes of low-mass YSOs.
 Since extinction in the continuum surrounding the 9.7 � m feature is small comparedto the extinction within this feature, the extinction � � at wavelength � across a non-saturated 9.7 � m feature can simply be obtained from the relation � � = � � �
 � $ % & � � � � � � .Using an average interstellar extinction law which includes the silicate feature (Flukset al. 1994), we can then convert these values of � � to a visual extinction, resulting in avalue of ��� = 17 �
 � 4 � 0 �� 6 toward T Tau S.
 9.4 Gas-phase molecular absorptionShiba et al. (1993) detected shallow absorption features in the spectrum of T Tau at 1.4and 1.9 � m, which they identified with warm ( � 2000 K) water vapour. They argueagainst a photospheric origin because this would be too hot (K type), and hence locateit in the inner disk. We inspected the ISO SWS spectrum for the presence of absorptionfrom the �
 � band of gas-phase water, readily seen towards other YSOs (Helmich et al.1996; van Dishoeck & Helmich 1996; Chapter 8). It is not detected in our T Tau spectra.The resulting upper limit for the H � O gas-phase column is 10
 � �cm �
 � , incompatiblewith the strength of the features observed by Shiba et al. If the dips observed by theseauthors are indeed real and due to water vapour, they must therefore either be stronglyvariable, or only occur in the inner disk of T Tau N, which dominates at 1.4 and 1.9 � m.
 In the AOT S02 ISO SWS spectrum of T Tau, a number of weak absorption lineswith maximum depth around 5% of the continuum level can be seen in the 4.7 � mregion (Fig. 9.4). These could be due to ro-vibrational lines of gas-phase CO. Althoughweak, some of the lines (especially the 4.717 � m line, which is also present in the AOT
 147

Page 154
                        

CHAPTER 9. ISO SPECTROSCOPY OF SHOCKED GAS IN THE VICINITY OF T TAU
 Fig. 9.4. SWS AOT S02 spectrum of T Tau in the 4.7 � m region, with the continuumnormalized to unity (top curve). The peak at 4.694 � m is the 0–0 S(9) transition ofmolecular hydrogen. Also shown (bottom curve) is a synthetic CO spectrum with � ���= 300 K, � = 5 km s �
 �and � (CO) = 3 10
 � �cm �
 � , shifted for clarity.
 S01 spectrum) appear clearly stronger than the noise level. We therefore consider theseabsorption features as a tentative detection of gas-phase CO in absorption. Followingthe procedure outlined in Chapter 8, we compared this spectrum with synthetic gas-phase absorption spectra, computed using molecular constants from the HITRAN 96database (Rothmann et al. 1996). Assuming a Doppler parameter � of 5 km s �
 �and
 excitation temperature of 300 K, typical for those observed towards YSOs (Helmich etal. 1996; van Dishoeck & Helmich 1996; Dartois et al. 1998), we derive a total columnof CO gas of 10
 � �–10
 � � cm �� for this line of sight.
 9.5 Hydrogen recombination linesIn the ISO SWS spectra of T Tau, the Br � and Br � lines are present and strong (Ta-ble 9.1). No lines from the higher series of H I were detected. The Br � and Br � lineprofiles appear broader than those expected for a point source (Fig. 9.2). We deducean intrinsic FWHM of � 300 km s �
 �, in good agreement with the ground-based Br �
 profile by Persson et al. (1984). The Br � line flux of 11.0 � 10 �� �
 W m �� measured by
 SWS in a 20� �
 � 14� �
 aperture is identical to that measured by Evans et al. (1987) in a 3 �� �
 5diameter aperture, suggesting that the infrared H I transitions arise in a compact area.Based on the similarity of their Br � line profile to H � , Persson et al. (1984) suggestedthat the infrared hydrogen recombination lines from T Tau arise in the optically visiblecomponent, T Tau N, and that any H I lines from T Tau S are obscured by many mag-nitudes of extinction. This is in agreement with spatially resolved images of the T Tausystem, in which the Br � flux is clearly seen to peak at the position of T Tau N (Herbst
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9.6. MOLECULAR HYDROGEN EMISSION
 et al. 1996).We observe a ratio of the Br � /Br � line flux of 1.1. Case B recombination line theory
 can only produce a range of 1.4–2.2 for this ratio (Storey & Hummer 1995). This meansthat these lines are not optically thin, as assumed in Case B, and that optical deptheffects play an important role in the radiative transfer. Therefore we can rule out apossible origin in an extended low-density region surrounding T Tau for the H I lines.A similar conclusion was already reached from the Br � /Br � and Br � /Pf � lines ratiosby Evans et al. (1987). We note that the optical Balmer and Paschen lines follow asimilar decrement with increasing quantum number � as the infrared recombinationlines. This, together with the similarity of the Br � and H � profiles noted by Perssonet al. (1984) brings us to the conclusion that the optical and infrared H I lines have asimilar origin; most likely a stellar wind with a mass loss rate of 3.5 � 10 �
 �M � yr �
 �
 (Kuhi 1964; Kenyon & Hartmann 1995).For an optically thick ionized wind, Simon et al. (1983) derive a simple relation
 between Br � line flux and free-free radio emission, which for T Tau predicts a flux of0.17 mJy at 6 cm. Observed 6 cm radio fluxes of T Tau N are a factor of five higher(Ray et al. 1997). One explanation for this discrepancy could be that we would haveunderestimated the extinction correction for the Br � line. However, if the optical andinfrared H I lines indeed come from the same region, this cannot be the case, since thiswould render the optical lines invisible. We therefore conclude that only part of theradio flux of T Tau N comes from the wind responsible for the H I lines. An additionalsource of radio emission must be present in the vicinity of T Tau N, possibly similarto the outflow shock model invoked to explain the non-thermal gyrosynchrotron radioemission from T Tau S (Skinner & Brown 1994; Ray et al. 1997).
 9.6 Molecular hydrogen emissionOne property that distinguishes T Tau from other T Tauri stars is the presence of strongUV and near-IR molecular hydrogen emission in its vicinity (Beckwith et al. 1978;Brown et al. 1981). H � emission is present throughout Burnham’s nebula, but is domi-nated by emission close to the central binary (van Langevelde et al. 1994b). The sourceof the central H � emission is controversial: Whereas Herbst et al. (1996) claim that bothT Tau N and T Tau S contribute about equally to the 1–0 S(1) flux, the adaptive opticsimages by Quirrenbach & Zinnecker (1997) seem to indicate that most of this bright H �
 emission arises in the vicinity of T Tau S. H � emission is also present in a bright knot 2–3� �
 northwest of the central stars (Herbst et al 1996, 1997) and in less intense knots andfilaments throughout the nebula. Previous authors argue that most of the observedH � emission must be collisionally excited, in shocks due to the accretion onto T Tau Sand the interaction of a collimated outflow with the surrounding medium. However,a fluorescent emission component seems also to be required. The source of the Ly �radiation required for the fluorescence mechanism remains unclear.
 In the SWS spectra of T Tau, we detected pure-rotational (0–0 transitions) emissionfrom H � up to S(9) and ro-vibrational (1–0 transitions) lines up to Q(5) and O(7). They
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CHAPTER 9. ISO SPECTROSCOPY OF SHOCKED GAS IN THE VICINITY OF T TAU
 Table 9.4. Extinction determinations from H � line flux ratios.
 Line ratio � � [ � m] �� [ � m] � �
 � �� �
 � [ � ] � � [ � ]
 1–0 Q(1)/1–0 O(3) 2.4066 2.8025 0.67 0.42 41 261–0 Q(2)/1–0 O(4) 2.4134 3.0039 � 0.19 0.75 � 9 341–0 Q(3)/1–0 O(5) 2.4237 3.2350 0.13 0.57 5 221–0 Q(4)/1–0 O(6) 2.4475 3.5008 � 3.0 � 971–0 Q(5)/1–0 O(7) 2.4547 3.8074 1.34 0.75 39 22
 are listed in Table 9.1 and shown in Fig. 9.2. All lines appear unbroadened at the SWSresolution, showing that they have a small ( � 200 km s �
 �) velocity dispersion and arise
 in a region much smaller than the beam size. Interestingly, we have detected four pairsof ro-vibrational lines which share the same upper energy level. The ratios of the fluxesfor these lines should only depend upon the ratio of the transition probabilities and onextinction. Using the relation � � � � � � � � � �
 � = � �� $�%'&
 � � � � � ��� ��� �� � � � ��� ��� � � , with � � � � the extinctionat wavelength � , � the measured line flux and � �� the Einstein A-coefficient, taken fromTurner et al. (1977), we can determine the difference in extinction. We then use theextinction law by Fluks et al. (1994) to convert these to a value of � � . The results ofthis procedure are listed in Table 9.4. The 1–0 Q(1)/1–0 O(3) and 1–0 Q(5)/1–0 O(7) lineratios give an extinction of about 40 magnitudes, whereas the 1–0 Q(2)/1–0 O(4) and1–0 Q(3)/1–0 O(5) line ratios yield much lower values of ��� . Most likely this is becausefor these ratios the conversion from differential extinction to a value of � � is erroneousbecause the 1–0 O(4) and 1–0 O(5) lines are located in the water ice band around 3microns, prominent in T Tau, which is not included in the Fluks et al. extinction law.However, from the 1–0 Q(3) line flux measured with SWS we compute that a slab of H �
 emitting gas hidden behind the � � = 40 � obtained from the 1–0 Q(1)/1–0 O(3) and 1–0Q(5)/1–0 O(7) line ratios produces a factor of five less intense 1–0 S(1) radiation thanwhat is observed from the ground. The only way to reconcile these conflicting resultsis to infer that in fact we are observing ro-vibrational H � emission from at least twodistinct regions, of which one is heavily embedded ( ��� � 40 � ), whereas the other onlysuffers little extinction. In view of the complex morphology seen in the ground-based1–0 S(1) images, a scenario with multiple components does not seem unreasonable.
 A useful representation of the H � data is to plot the log of � � � � � � , the apparentcolumn density in a given energy level divided by its statistical weight, versus theenergy of the upper level. This plot, in which the data have been corrected for ex-tinction values of � � = 1 �
 � 39 and 40 �� 0 and in which high temperature equilibrium
 relative abundances of 3:1 for the ortho and para forms of H � have been assumed, isshown in Fig. 9.5. For clarity the 1–0 O(4) and O(5) lines, which we were not ableto correct for extinction properly, are omitted from this figure. For a purely thermalpopulation of the energy levels, all apparent column densities should lie on a nearlystraight line in Fig. 9.5. The slope of this line is inversely proportional to the excita-tion temperature, while the intercept is a measure of the total column density of warm
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9.6. MOLECULAR HYDROGEN EMISSION
 Fig. 9.5. H � excitation diagrams for T Tau, with the data corrected for extinction with� � = 1 �� 39 (top) and � � = 40 �� 0 (bottom). For most measurements, formal errors areabout the size of the plot symbol. The dashed lines give the Boltzmann distributionfits to the two components of thermal H � emission. The solid line shows the sum ofboth components.
 gas. A higher column of H � in the lower energy levels of a certain series than pre-dicted by this straight line may be due to fluorescence by Ly � photons (e.g. Black &van Dishoeck 1987; Draine & Bertoldi 1996). Although this effect might also be ex-pected in T Tau, previous observations failed to distinguish this unambiguously fromthe shocked component. Careful inspection of Fig. 9.5 shows that in T Tau we havedetected two thermal sources of H � emission; one responsible for the lines with upperlevel energy higher than 3000 K and a much cooler component necessary to explainthe strong 0–0 S(1) emission. In addition to this, the third component necessary to ex-plain the ground-based near-infrared emission will also contribute to the lines below3 � m. From Fig. 9.5 it also becomes immediately evident that the 0–0 S(3) line, at awavelength within the amorphous silicate band, cannot suffer from great amounts ofextinction, provided that the obscuring material contains silicates. The deviation of
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CHAPTER 9. ISO SPECTROSCOPY OF SHOCKED GAS IN THE VICINITY OF T TAU
 the apparent column densities of the 1–0 O(2), O(3) and Q(1) lines from the straightline predicted by a purely thermal gas is clear evidence for the presence of the UVfluorescence mechanism.
 Following the procedure outlined in Chapter 7 we have fitted a Boltzmann distri-bution to the two thermal H � components, resulting in excitation temperatures of 440and 1500 K and column densities of 1.5 and 0.2 � 10
 � � cm �� , respectively. This corre-
 sponds to a total H � mass of 4 � 10 � � M � or 13 earth masses within the SWS beam.The total molecular cloud mass, as derived from CO observations, is several orders ofmagnitude larger (Momose et al. 1996; Schuster et al. 1997). Therefore we concludethat an additional H � source must be present in the T Tau system, whose emission wehave failed to detect because its temperature is much lower than the components wehave detected here. This component will also contain the bulk of the H � mass. Notethat this also implies that the bulk of the gas in the CO outflow must be very cool. Thisis consistent with the 40 K temperature of the outflow derived from ratios of CO linewings by Hogerheijde et al. (1998).
 Warm molecular gas can either occur in a photo-dissociation region (PDR) or canbe heated by shocks. A shock can either be a J-shock, sufficiently powerful to disso-ciate molecules, or be a C-shock, which cools mainly through molecular material. InChapter 7 we employed predictions of H � emission from simple, plane parallel, PDR,J-shock and C-shock models (Burton et al. 1992; Hollenbach & McKee 1989; Kaufman& Neufeld 1996) to determine the excitation temperature from the low-lying pure ro-tational levels as a function of density � and either incident far-UV flux � or shockvelocity � � in an identical way as was done for the observations presented here. Wearrived at the conclusion that the PDR and J-shock models allow a fairly small (200–540 K) range of excitation temperatures, whereas for C-shocks this range is much larger(100–1500 K). In the model predictions for shocks, � ����� does not depend much on den-sity, whereas for PDRs it does not depend much on � . Once the mechanism of the H �
 emission is established, it can therefore be used to constrain � � or � in a straightforwardway.
 This means that the 1500 K component can only be caused by a C- (i.e. non-dissociative) shock. From the correlation between excitation temperature and shockspeed derived in Chapter 7, we derive a shock velocity of � 35 km s �
 �for the C-shock.
 The density and the extent of the shocked gas are poorly constrained. The total columnof the 1500 K H � component is compatible with either a small ( � 5 square arcseconds)region of high ( � 10
 �cm �
 � ) density, or with a low-density ( � 10�
 cm �� ) region filling
 a significant fraction ( � 100 square arcseconds) of the SWS beam. The 440 K H � com-ponent falls in the parameter space allowed by either J-shock, C-shock and by PDRmodels. However, the uncertainty in the 440 K temperature is too large to be able toconstrain these models any further. Comparison of the absolute line intensities withthose predicted by PDR models (Black & van Dishoeck 1987; Draine & Bertoldi 1996)show that the 440 K component can be explained by photon heating if the PDR is lo-cated close to the system. These same PDR models are then also able to reproducethe observed UV fluorescence in a natural way. However, shock models can also pro-duce the 440 K component, although current shock models do not include the physics
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9.7. ATOMIC FINE STRUCTURE LINES
 necessary to take into account the UV fluorescence mechanism.
 9.7 Atomic fine structure linesIn the SWS and LWS spectra of T Tau we detected atomic fine-structure lines due to[Fe II], [Ar II], [Ne II], [S I], [Si II], [O I] and [C II]. All lines appear unbroadened at theSWS resolution, suggesting they have a velocity dispersion smaller than 200 km s �
 �
 and arise in a region that is compact compared to the beam size. The [O I] 63 � m linewas previously detected in T Tau from KAO observations (Cohen et al. 1988). TheLWS line flux agrees with that measured by these authors in a 47
 � �
 aperture. In theLWS spectrum of T Tau, a line is present at the position of [O I] 146 � m, but in view ofthe strength of other CO lines in the spectrum we attribute most of the line flux to CO� =18–17 and only report an upper limit to the [O I] 146 � m line flux in Table 9.1. Thedeeper LWS spectrum of T Tau (Spinoglio et al. 1999) clearly separates the [O I] 146 � mline from the CO � =18–17 emission and a line flux of 8.2 � 10 �
 � �W m �
 � is derived.The observed infrared spectrum of T Tau can either originate in a PDR or in one
 or more shocks. The detection of strong [S I] 25.3 � m emission in T Tau is important,since it is predicted to be weak in PDRs (e.g. Tielens & Hollenbach 1985). It can onlyreach observable strengths in shock-excited gas. Also, the absence of PAH emissionin the SWS spectrum and the non-detection of [O I] emission in the LWS off-sourceobservations argue against a PDR origin of the emission lines. Therefore our workinghypothesis will be that the infrared fine structure lines are dominated by shocked gas.Ionized species like [Fe II], [Ne II], [Ar II] and [Si II] which we detected in T Tau cannotbe produced in a C-shock, so we will explain those as arising in a J-shock.
 We will try to determine the shock parameters by comparing the line fluxes listed inTable 9.1 with the J-shock models by Hollenbach & McKee (1989). From their Fig. 7 itcan readily be seen that the ratios of the [O I] 63.2 � m, [Fe II] 26.0 � m and [S I] 25.3 � mlines constrain the density well, whereas [Ne II] 12.8 � m is particularly sensitive toshock velocity. A � � fit of line fluxes ratios for T Tau to the Hollenbach & McKee J-shock models yielded a best fit shock velocity � � � 100 km s �
 �, and a density � � 5 �
 10�
 cm �� . We estimate the errors in these fit parameters to be smaller than 20 km s �
 �
 in velocity and smaller than 0.5 dex in density. To reproduce the absolute line fluxes,The J-shock needs to have an extent of 11 square arcseconds. This J-shock will alsoproduce H � emission with the strength observed for the 440 K component identifiedin the previous section. Therefore we infer that this H � component is also due to theJ-shock.
 The line fluxes predicted by the Hollenbach & McKee J-shock models for the bestfit parameters are also listed in Table 9.1. The fit gives satisfactory results, except forthe [C II] 157.7 � m, [O I] 145.5 � m, and the [Fe II] lines. The background-corrected [C II]flux of 2.0 � 10 �
 � �W m �
 � is only half of that predicted by the J-shock model. However,the emergent [C II] flux is strongly dependent on the shock velocity. A model with � � =80 km s �
 �would be able to reproduce the observed fine-structure spectrum, with the
 exception of [Ne II], which would then appear too strong. Since these differences are
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 within the error with which we think we can determine the shock velocity, we do notconsider them significant. The deconvolved [O I] 145.5 � m flux of 8.2 � 10 �
 � �W m �
 �
 is 1.6 times that predicted by the J-shock model. However, this line appears strongerthan model predictions in many regions where it is observed (e.g. Liseau et al. 1999),so the discrepancy might be caused by a poor knowledge of the atomic data and/or aninadequate understanding of the atomic processes of the oxygen atom. The mismatchof the J-shock model to the [Fe II] fluxes might be more worrisome. The Hollenbach &McKee models predict the 26.0 � m line to be the strongest of the three throughout theparameter space, whereas we observe the 35.3 � m line to be significantly stronger. Atpresent this result lacks a satisfactory explanation.
 9.8 Discussion and conclusionsFrom the previous sections a complex picture of the T Tau environment emerges. TheISO spectra presented here show evidence for a dusty disk or envelope, an ionized stel-lar wind, three distinct sources of H � emission, and warm atomic gas in dissociativeand non-dissociative shocks. What is the origin of all these phenomena? Literaturedata show that both T Tau N and T Tau S have a circumstellar disk or envelope con-taining dust and that a dusty circumbinary envelope is present as well. Clearly thecontinuum data presented here arise in the superposition of these phenomena, with TTau N dominating at the shortest wavelengths studied here, T Tau S dominant in mostof the spectrum, and a contribution of the circumbinary envelope that increases withwavelength. We have seen that the composition of the circumstellar material is by nomeans unusual: amorphous silicates, water and carbon-dioxide ice and gaseous CO infairly typical proportions. We derive an extinction of 17 �
 � 4 � 0 �� 6 in this dust shell. This
 result resolves the discrepancy between earlier determinations and the � � � 7 � fromthe non-detection of T Tau S in HST images (Stapelfeldt et al. 1998). We also found allinfrared data to be consistent with a scenario in which T Tau N is constant and T Tau Sshows strong wavelength-independent variations in brightness.
 The H I data presented in Section 9.5 point to T Tau N as the sole contributing sourceto these lines. Because our data on these recombination lines extend further to the in-frared than previous studies, this does have implications for the mechanism responsi-ble for the radio emission in T Tau S. A scenario in which the continuum radio flux of TTau S is due to an ionized wind, of which the H I lines are hidden by many magnitudesof extinction is now definitely ruled out by our non-detection of lines from the Pfundand Humphreys series. The outflow shock model to produce non-thermal gyrosyn-chrotron radiation (Skinner & Brown 1994; Ray et al. 1997) seems more likely and mayalso be responsible for part of the T Tau N radio flux.
 We have distinguished three sources of H � emission in our ISO spectra: A cool ( �
 440 K) component suffering little extinction, and two warmer ( � 1500 K) components,of which one suffers little extinction and the other probably is heavily extincted ( � � �40 � ). The far-infrared CO, H � O and OH emission from T Tau discussed by Spinoglio etal. (1999) show evidence for similar cool and warm temperature components (although
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9.8. DISCUSSION AND CONCLUSIONS
 100 AU
 T Tau S
 T Tau N
 shockC-
 J-shock
 J-shock
 Fig. 9.6. Schematic picture of the T Tau system with probable sources of C-shock (H � ,[S I]) and J-shock (H � , [S I], [O I], [Fe II], [Ar II], [Ne II], [Si II], [C II]) emission indicated.
 OH and H � O appear overabundant), supporting the picture outlined here. In Sections9.6 and 9.7 we showed that the cool component can be identified with a dissociativeshock or PDR, whereas the non-embedded warm component could be due to a non-dissociative shock. In studying the infrared images by Herbst et al. (1996) we note thatthe dominant region of [Fe II] 1.64 � m emission is around the H � knot T Tau NW. Thesize of this region is only slightly smaller than the size of 11 square arcseconds requiredby our J-shock. Therefore we identify T Tau NW as a J-shock in the outflow from T TauS. Most likely it is a knot in a non-steady outflow, similar to Herbig-Haro objects. Theremainder of the shocked ionized emission probably arises from the fainter H � /[Fe II]knot T Tau SE, which could be a similar knot in the other lobe of the same outflow. Thelow velocities of these components measured in CO, as well as the morphology andthe kinematics of the optical forbidden emission lines suggest that it has an orientationnearly perpendicular ( � � 79 � ; Solf & Bohm 1999) to our line of sight. It could also drivethe giant Herbig-Haro outflow HH 355 (Reipurth et al. 1997).
 The location of the C-shock is less clear. Both the “diffuse” and the “west jet” com-ponent distinguished by Herbst et al. (1996) have an extent that could produce the re-quired beam filling factor. By comparing the ground-based H � imaging results (Herbstet al. 1996; van Langevelde et al. 1994b; Quirrenbach & Zinnecker 1997) with the COmaps of the region by Momose et al. (1996), we note that the “diffuse” componentcan very well be due to the low-velocity outflow with small ( � 10 � ) inclination an-gle, presumably arising in T Tau N. Such an outflow could easily produce a C-shockwith a large beam filling factor. Therefore we tentatively identify our C-shock with the“diffuse” component, although some contribution from the “west jet” might also be
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 present. A schematic picture of the T Tau system in which we have identified the mostlikely sources of the detected infrared line emission is shown in Fig. 9.6.
 A remarkable result is the clear signature of the UV fluorescence mechanism in thero-vibrational H � lines. To explain this, an H � containing area that is seeing a fairlyhigh number of Ly � photons needs to be present in the T Tau system. However, thelow [C II] flux indicates that this area seems to be heated to lower temperatures thanpredicted by standard PDR models (e.g. Tielens & Hollenbach 1985). This could forexample be due to a depletion of small dust particles in the area, consistent with theabsence of PAH emission in the SWS spectrum.
 We have also found indications for the presence of H � emission from a warm, em-bedded source. In the T Tauri system, only T Tau S suffers significant amounts ofextinction, possibly because the line of sight towards T Tau S passes through the outeredge of the T Tau N disk. Therefore it seems likely that this H � component comes froma region in the envelope or disk of T Tau S. An interesting possibility is that we arepicking up emission from the shock caused by the impact of circumstellar matter ontothe circumstellar disk of T Tau S. If this picture is correct, future H � images in e.g. the1–0 O(5) line should show a morphology that is more concentrated towards T Tau Sthan the existing 1–0 S(1) data.
 The complex situation in the circumstellar environment of T Tau, with multipleoutflows and a multitude of shocks, is reminiscent of the situation in the intermediate-mass young stellar object LkH � 225 (Chapter 8). The infrared emission line spectrumof T Tau is also strikingly similar to that of LkH � 225. Interestingly, both LkH � 225and T Tau are young binary systems containing an optically invisible intermediate-mass component. It could therefore very well be that these properties that make the TTau system so unique are not so much related to the central sources, but more to theinteraction of the circumstellar disks and outflows with the accretion of matter througha circumbinary disk or envelope.Acknowledgements. This chapter is based on observations with ISO, an ESA project with in-struments funded by ESA Member States (especially the PI countries: France, Germany, theNetherlands and the United Kingdom) and with the participation of ISAS and NASA. The au-thors would like to thank M.R. Hogerheijde for useful discussions on the nature of T Tau. Weare also especially grateful to Th. de Graauw for his generous allocation of guaranteed anddiscretionary time for the ISO-SWS observations presented here.
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Chapter 10
 ISO Spectroscopy of PDRs and Shocksin Star Forming Regions
 M.E. van den Ancker, A.G.G.M. Tielens and P.R. Wesselius,A&A, to be submitted (1999)
 AbstractWe present the results of ISO SWS and LWS grating scans of pure rotational lines ofH � , as well as the infrared fine structure lines of [C II], [O I], [S I], [Si II], [Fe I] and[Fe II] towards galactic star forming regions. We find that intense H � emission is onlyobserved in the vicinity of stars with spectral type earlier than B4 or in the neighbour-hood of embedded YSOs associated with outflows. We interpret these lines as aris-ing in either a photo-dissociation region (PDR) near the early-type stars, or a shockcaused by the interaction of an outflow with the surrounding molecular cloud ma-terial. Molecular hydrogen excitation temperatures and fine structure line intensitieswere compared with those predicted by theoretical models for PDRs and dissociativeand non-dissociative shocks and to those observed towards regions known to containPDRs and shocks. It is shown that both shocks and PDRs show a warm and hot com-ponent in H � . The observed temperatures of the warm component appear in generaltoo high to be explained by current dissociative shock models. We find that the meredetection of [S I] 25.2 � m emission with ISO is an unambiguous sign of the presenceof shocked gas. Strong [C II] 157.7 � m can only be due to a PDR. An evolutionary sce-nario is suggested in which the circumstellar material around a young star changesfrom being heated mechanically by shocks into heated by radiation from the centralstar through a PDR as the star clears its surroundings.
 10.1 IntroductionThe infrared emission-line spectrum of Young Stellar Objects (YSOs) is dominated bythe interaction of the central object with the remnants of the clouds from which it
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 formed. The intense UV radiation generated by accretion as well as by the centralstar itself causes dissociation of molecular material close to the YSO and ionizes muchof the atomic material, giving rise to typical nebular and recombination lines. Thestrong stellar wind, often collimated into a bipolar outflow, will cause a shock waveas it hits the surrounding molecular cloud, heating the post-shock gas sufficiently tocause strong molecular and ionic emission.
 Neutral clouds irradiated by far-ultraviolet (FUV) photons are known as photodis-sociation regions (PDRs; see Hollenbach & Tielens 1999 for a comprehensive review).In these regions, heating of the gas occurs by collisions of photoelectrically ejected elec-trons from grain surfaces. Cooling of the gas occurs mainly through emission in atomicfine-structure and molecular lines, reaching intensities that should be easily observablein a wide range of astronomical objects. The gas in the surface regions of these PDRsreaches temperatures of typically 500 K (e.g. Tielens & Hollenbach 1985), making itpossible to collisionally excite the low-lying pure rotational levels of molecular hydro-gen, provided that the region has a sufficient density and incident FUV flux. Since thelowest ro-vibrational lines of H � have energy levels of the order of 5000 K, only theselow-lying pure rotational H � lines, hard to observe from the ground, can reliable probethe physical conditions of the dominant species and thus provide us with detailed in-formation of the physical conditions occurring in the PDR.
 The physical situation in shock waves is quite distinct: here the molecular gas isheated by compression of a supersonic wave moving through the gas. Shocks areusually divided into two distinct categories: J- or Jump-shocks, and C- or Continuous-shocks. In the J-shocks viscous heating of the neutrals occurs in a thin shock front inwhich radiative cooling is insignificant, and the post-shock gas is heated to severaltimes 10
 �degrees (e.g. Hollenbach & McKee 1989), dissociating all molecular material.
 In these J-shocks, the physical conditions (density, temperature) change from their pre-to post-shock values within one mean free path, causing an apparent discontinuity.Cooling of the post-shock gas occurs trough atomic fine-structure lines.
 C-shocks are magnetized, non-dissociative shocks in which ions and the magneticfield are compressed ahead of the shock front and are able to heat the neutral gas(containing only a trace fraction of ions) to a few thousand degrees. In C-shocks thephysical conditions change more gradually from their pre- to post-shock values andcooling is mainly through radiation from molecular material (e.g. Kaufman & Neufeld1996). If the temperatures in a C-shock become sufficiently high to start to dissociatemolecules, the cooling through the molecular lines goes down, and the shock tempera-ture increases until it turns into a J-shock. Shocks with a velocity larger than 40 km s �
 �
 are usually J-shocks, whereas slower shocks are usually of C-type (Chernoff et al. 1982).In this chapter we will study the infrared emission-line spectra of a sample of YSOs
 observed with the Infrared Space Observatory (ISO; Kessler et al. 1996). In order to in-terpret our observations as arising in either a PDR, C-Shock or J-shock, we comparemeasured line intensities with those predicted by theoretical models of such regions.Since the regions surrounding our target sources are often highly confused, and the ap-plicability of the simplified models to a complex physical situation is by no means sure,we will also compare our new ISO observations with those of relatively clean regions
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10.2. SAMPLE SELECTION
 Fig. 10.1. Hertzsprung-Russell diagram for the YSOs included in this study. Filledand open plot symbols indicate Class I and II sources, respectively. Also shown aretheoretical PMS evolutionary tracks (solid/dashed lines) and the birthlines for 10 �
 �
 (upper dotted line) and 10 � � M � yr ��
 (lower dotted line) by Palla & Stahler (1993).
 known to contain a shock or a PDR. We will show that the distinction between a shockand a PDR spectrum can be made with relative ease and the infrared lines are a gooddiagnostic tool for constraining the physical conditions in the material surroundingYSOs.
 10.2 Sample selectionYoung stellar objects are commonly divided into classes depending on their energy dis-tribution. Class I YSOs are heavily embedded, optically invisible, but usually infraredbright objects. Class II YSOs are already optically visible, but also still show excessinfrared emission above photospheric levels due to dust, heated by the central star, inthe direct circumstellar environment. Intermediate-mass (2–10 M � ) Class II YSOs areusually referred to as Herbig stars, whereas their lower mass counterparts are the TTauri stars. In the remainder of this chapter we will study the infrared emission linespectra in the vicinity of a sample of 10 Class I YSOs and 11 Class II sources. They arelisted in Table 10.1. Because of the brightness limitations imposed by the instruments
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 Table 10.1. Properties of programme stars.
 Source � (2000) � (2000) Region � Ref. Sp. Type ��� � Ref. Outflow �� ��   � � ��� ��� Age[pc] [K] [ �] [M� ] [yr]
 AFGL 490 03 27 38.6 +58 47 00 Cam OB1 900 (1) B1–6e 18000 (13)
 � � 31 3.57 � 8 –IRAS03260+3111 03 29 10.4 +31 21 58 NGC 1333 350 (2) 12000 (14) – � 20 2.45 � 4 –L1489 IRS 04 04 43.0 +26 18 58 L1491 140 (3) � Ke 4000 (15)
 � � 20 0.60 � 2 –L1551 IRS5 04 31 34.0 +18 08 04 Tau R2 140 (3) G–Ke 5500 (15)
 � � 19 1.37 � 3 –IRAS12496 �7650 12 53 16.0 �77 07 02 Cha II 180 (4) Ae 8600 (16)
 � � 14 1.68 � 2.5 –GGD 27-ILL 18 19 12.0 �20 47 31 IC 1318 1700 (5) B1 25000 (17)
 � � 20 4.29 � 14 –LkH � 225 20 20 30.4 +41 21 27 Cyg R1 1000 (6) A–Fe 9000 (18)
 � � 15 3.21 � 7 –S106 IRS4 20 27 26.6 +37 22 48 Cyg OB2 1200 (7) O6–O8e 37000 (19) – � 14 4.62 � 20 –AFGL 2591 20 29 24.6 +40 11 19 Cyg X 1700 (8) � O8 40000 (20)
 � � 30 4.78 � 25 –Cep A East 22 56 18.6 +62 02 00 Cep OB3 690 (9) B: 22000 (20)
 � � 62 3.65 � 9 –
 Elias 3-1 04 18 40.5 +28 19 17 L1495 140 (3) A6:e 8000 (21) – 7.83 1.32 2.0 3 � 10
 �
 T Tau 04 21 59.1 +19 32 06 Tau R2 140 (3) K0–1e 5200 (22)
 �
 1.39 1.22 2.5 � 10
 �
 HD 97048 11 08 04.6 �77 39 17 Ced 111 180 (10) B9.5Ve 10000 (23) – 1.27 1.50 2.5 � 3 � 10
 �
 HD 97300 11 09 50.6 �76 36 47 Ced 112 190 (10) B9V 10500 (24) – 1.33 1.42 2.4 � 3 � 10
 �
 HR 5999 16 08 34.2 �39 06 18 Lupus 3 210 (10) A5–7IIIe 7900 (25) – 0.47 1.96 3.2 5 � 10
 �
 R CrA 19 01 53.9 �36 57 10 NGC 6729 130 (11) A1–F7ev 8600 (10)
 �
 2.26 1.98 3.0 1 � 10
 �
 T CrA 19 01 58.8 �36 57 49 NGC 6729 130 (11) F0e 7200 (26)
 �
 1.64 0.88 1.5 1 � 10
 �
 WW Vul 19 25 58.6 +21 12 31 Vul R1 440 (12) A4IV–Ve 8400 (27) – 0.96 1.33 2.0 5 � 10
 �
 BD+40 4124 20 20 28.3 +41 21 51 Cyg R1 1000 (6) B2Ve 22000 (17) – 3.01 3.16 7.0 � 10
 �
 LkH � 224 20 20 29.2 +41 21 27 Cyg R1 1000 (6) A7e 7900 (28) – 2.98 2.27 4.0 1 � 10
 �
 HD 200775 21 01 36.8 +68 09 49 NGC 7023 430 (10) B2.5IVe 20400 (29)
 �
 1.92 3.36 9.0 2 � 10
 �
 References to Table 10.1: (1) Harvey et al. (1979); (2) Herbig & Jones (1983); (3) Kenyon et al. (1994); (4) Whittet et al. (1997); (5) Rodrıguez et al. (1980); (6) Shevchenko et al. (1991);(7) Rayner (1994); (8) Dame & Thaddeus (1985); (9) Mel’nikov et al. (1995); (10) Chapter 2; (11) Marraco & Rydgren (1981); (12) Voshchinnikov (1981); (13) Snell et al. (1984); (14)This chapter; (15) Kenyon et al. (1998); (16) Hughes et al. (1991); (17) Yamashita et al. (1987); (18) Hillenbrand et al. (1995); (19) Chapter 7; (20) Lada et al. (1984); (21) Zinnecker& Preibisch (1994); (22) Kenyon & Hartmann (1995); (23) Whittet et al. (1987); (24) Rydgren (1980); (25) Tjin A Djie et al. (1989); (26) Finkenzeller & Mundt (1984); (27) Gray &Corbally (1998); (28) Chapter 8; (29) Rogers et al. (1995).
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10.3. OBSERVATIONS
 used, the sample is biased towards infrared bright objects, either because they are in-herently anomalously luminous in the infrared or because they are located relativelynearby.
 To understand the occurrence of infrared emission lines due to PDRs or shocks inthe vicinity of the stars in our sample, it is useful to study their basic properties in aconsistent way. We have therefore made new estimates of the bolometric luminosityof each source by constructing spectral energy distributions (SEDs), using ultravioletto submm data compiled from literature. A fit consisting of the sum of a reddenedKurucz (1991) model for the stellar photosphere and a spline fitted to the excesses inthe infrared to submm range, extrapolated to infinity by a blackbody curve, was madeto the energy distribution for each source. Total bolometric luminosities were then de-termined by computing ��� � � � � � d � , with � the distance to the source and � � the SEDfit. The results of this procedure, as well as the distances and effective temperaturesused, are listed in Table 10.1. For the extincted sources the resulting values of � � ��� donot depend on the adopted value of � �! .
 From the results listed in Table 10.1 we have created the Hertzsprung-Russell di-agram (HRD) shown in Fig. 10.1. In this figure, we also have plotted the pre-mainsequence evolutionary tracks and the birthline by Palla & Stahler (1993). By compar-ing the location of a source in the HRD with these computations, we can determinestellar masses and ages for pre-main sequence stars. For single Class II sources the re-quired parameters (luminosity and temperature) can be determined fairly accurately.For the Class I sources, the temperature is usually not well determined, but since theluminosity of an intermediate-mass star stays relatively constant during its contractionto the zero-age main sequence, the evolutionary tracks can still be used to estimate itsmass. Resulting stellar masses and ages are also listed in Table 10.1.
 10.3 ObservationsUsing the Short (SWS: 2.4–45 � m; de Graauw et al. 1996) and Long Wavelength (LWS:43–197 � m; Clegg et al. 1996) Spectrometers on board ISO, we obtained spectroscopyof infrared transitions of H � , [Fe I], [Fe II], [S I], [Si II], [O I] and [C II] centered on thepositions of the 21 young stellar objects listed in Table 10.1. Most of the lines in theSWS wavelength range were scanned with the full grating resolution (“AOT S02”),although in some objects some were taken from lower resolution full grating scans(“AOT S01”). When the latter were available, we also report the flux in the 6.2 � m UIRband in Table 10.3. All lines in the LWS wavelength range were obtained from LWSfull grating scans (“AOT L01”). A full log of the ISO observations used in this study isgiven in Table 10.2.
 Data were reduced in a standard fashion using calibration files corresponding toISO off-line processing software (OLP) version 7.0, after which they were corrected forremaining fringing and glitches. To increase the S/N in the final spectra, detectors werealigned and statistical outliers were removed, after which the spectra were rebinned toa lower spectral resolution (SWS) or simply averaged (LWS).
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CHAPTER 10. PDRS AND SHOCKS IN STAR FORMING REGIONS
 Table 10.2. Log of ISO observations of programme stars.
 Object AOT Rev. Date JD � 2450000
 AFGL 490 SWS 02 863 27/03/1998 899.939LWS 01 623 31/07/1997 660.879
 IRAS03260+3111 SWS 01 659 05/09/1997 696.880LWS 01 848 12/03/1998 884.909
 L1489 IRS SWS 02 654 31/08/1997 691.635L1551 IRS5 SWS 02 668 14/09/1997 705.561
 LWS 01 668 14/09/1997 705.571IRAS12496 � 7650 SWS 02 141 06/04/1996 179.909
 LWS 01 115 11/03/1996 153.678GGD27-ILL LWS 01 148 13/04/1996 187.161
 SWS 02 149 14/04/1996 187.595SWS 01 149 14/04/1996 187.621
 LkH � 225 SWS 02 142 07/04/1996 180.996SWS 02 355 05/11/1996 393.306SWS 01 858 22/03/1998 894.889LWS 01 142 07/04/1996 181.017
 S106 IRS4 SWS 02 134 30/03/1996 172.705LWS 01 134 30/03/1996 172.726SWS 01 335 17/10/1996 373.740
 AFGL 2591 SWS 02 134 30/03/1996 172.577LWS 01 142 07/04/1996 180.737
 Cep A East SWS 02 220 23/06/1996 258.463LWS 01 566 04/06/1997 603.681SWS 02 566 04/06/1997 603.706SWS 01 843 07/03/1998 880.050
 Elias 3-1 SWS 02 667 13/09/1997 704.605T Tau LWS 01 672 18/09/1997 709.675
 SWS 01 680 25/09/1997 717.411SWS 02 681 27/09/1997 718.778SWS 02 861 25/03/1998 897.973
 HD 97048 SWS 01 141 06/04/1996 179.947LWS 01 261 04/08/1996 299.565
 HD 97300 SWS 02 141 06/04/1996 179.826HR 5999 SWS 01 289 01/09/1996 327.627
 SWS 02 289 01/09/1996 327.669R CrA LWS 01 495 25/03/1997 533.284
 SWS 02 704 19/10/1997 741.322SWS 01 704 19/10/1997 741.353
 T CrA SWS 02 141 06/04/1996 179.738SWS 01 689 04/10/1997 726.278
 WW Vul SWS 01 176 11/05/1996 214.507SWS 02 176 11/05/1996 214.541SWS 02 865 29/03/1998 901.889
 BD+40 4124 SWS 02 142 07/04/1996 181.037SWS 02 159 24/04/1996 197.635SWS 01 355 05/11/1996 393.283LWS 01 768 23/12/1997 805.525
 LkH � 224 SWS 02 142 07/04/1996 180.960SWS 01 858 22/03/1998 894.920
 HD 200775 SWS 02 143 08/04/1996 182.108SWS 01 339 21/10/1996 377.670LWS 01 339 21/10/1996 377.695
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10.4. MOLECULAR HYDROGEN EMISSION
 Scanned lines and measured line fluxes for the detected lines or upper limits (totalflux for line with peak flux 3 � ) for the undetected lines are listed in Table 10.3. In anumber of sources the H � 0–0 S(2) line was not detected because of strong fringing ofthe continuum in this part of the spectrum, either due to the continuum source beingspatially extended, or due to the continuum source not being in the center of the beam.The H � 0–0 S(6) line has a wavelength that puts it the middle of the H � O �
 � absorptionband, also hindering its detection in some sources (c.f. Chapter 8).
 Accuracies of the absolute flux calibration in the SWS spectra range from 7% in theshort-wavelength ( � 4.10 � m) part to � 30% in the long wavelength ( � 29 � m) part(Leech et al. 1997). The LWS absolute flux calibration is expected to be accurate atthe 7% level (Trams et al. 1997). The errors listed in Table 10.3 include both the errorin the line flux measurement itself and this absolute error. Note that the applied fluxcalibration is based on the assumption that we are looking at a point source. For anextended source, the diffraction losses will be underestimated and, in particular at thelong-wavelength part of the LWS, these corrections will exceed the quoted uncertainty.
 10.4 Molecular hydrogen emissionFrom the H � line fluxes � � � � listed in Table 10.3 it is possible to calculate the apparentcolumn densities of molecular hydrogen in the upper J levels, averaged over the SWSbeam, � � � � , using � � � � � � ����� ���
 ��� � , with � the wavelength, � Planck’s constant and �
 the speed of light. The transition probabilities � were taken from Turner et al. (1977).Line fluxes were corrected for extinction using the average interstellar extinction lawby Fluks et al. (1994) using the values compiled in Table 10.1.
 A useful representation of the H � data is then to plot the log of � � � � � & , the apparentcolumn density for a given J upper level divided by the statistical weight, versus theenergy of the upper level. The resulting excitation diagrams are shown in Fig. 10.2.For a Boltzmann distribution, the points in Fig. 10.2 should form a nearly straight line.The slope of this line is inversely proportional to the excitation temperature, while theintercept is a measure of the total column density of warm gas. Since the � coefficientsfor the H � lines are quite small, these lines are optically thin and, because the criticaldensities are low, the excitation temperature will be close to the kinetic temperature ofthe gas.
 The statistical weight � is a combination of the rotational and nuclear spin com-ponents. For this, we have assumed the high temperature equilibrium relative abun-dances of 3:1 for the ortho and para forms of H � (Burton et al. 1992a). From Fig. 10.2 itis apparent that for most sources, the H � points below 5000 K do indeed form a straightline in the excitation diagram. The fact that the points for ortho and para H � lie on thesame line proves that our assumption on their relative abundances is correct.
 Using the formula by Parmar et al. (1991) and the rotational constants by Dabrowski(1984), we have fitted Boltzmann distributions to the low-lying pure rotational lines.For a number of sources, the pure rotational lines at the higher energy levels can be
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 Table 10.3. Observed and extinction-corrected line fluxes (in 10 � �� W m � � ).
 Line � Beam AFGL 490 IRAS03260+3111 L1489 IRS L1551-IRS5 IRAS12496 �7650[ �m] [10 � � sr] Obs. Ext. corr. Obs. Ext. Corr. Obs. Ext. Corr. Obs. Ext. Corr. Obs. Ext. Corr.
 H � 0–0 S(0) 28.2188 1.64 39.9 40.3 5.65 5.71 5.59 5.64 20.6 20.8 7.89 7.97H � 0–0 S(1) 17.0348 1.15 16.9 17.2 16.6 3.6 16.9 3.6 1.07 1.09 1.94 1.97 1.11 0.36 1.13 0.37H � 0–0 S(2) 12.2786 1.15 52.3 53.5 33.0 9.4 33.7 9.7 21.1 21.7 16.2 16.6 20.1 20.5H � 0–0 S(3) 9.6649 0.85 3.77 1.24 3.99 1.32 21.7 5.5 22.9 5.8 2.03 2.15 1.97 2.08 2.51 0.83 2.70 0.89H � 0–0 S(4) 8.0251 0.85 15.9 16.2 10.2 2.7 10.4 2.8 2.81 2.87 3.04 3.10 2.96 3.02H � 0–0 S(5) 6.9095 0.85 9.62 2.43 9.72 2.45 20.1 3.8 20.4 3.8 2.75 2.78 2.77 2.80 4.96 5.01H � 0–0 S(6) 6.1086 0.85 23.0 23.2 50.2 50.8 – – – – 12.0 12.1H � 0–0 S(7) 5.5112 0.85 30.7 31.1 17.3 17.6 13.5 13.7 10.0 10.1 13.0 13.2H � 0–0 S(8) 5.0531 0.85 – – 7.70 7.82 – – – – – –H � 0–0 S(9) 4.6946 0.85 27.8 28.2 8.67 8.82 – – – – 59.4 60.5H � 0–0 S(10) 4.4099 0.85 9.50 9.69 5.07 5.16 – – – – 12.8 13.1H � 0–0 S(11) 4.1813 0.85 10.7 10.9 11.0 11.2 – – – – 7.56 7.72
 �
 Fe I] (
 �  �� –
 �  �� ) 24.0424 1.15 24.2 24.6 5.06 5.13 – – – – 1.47 1.49
 �
 Fe I] (
 �  �� –
 �   � ) 34.7135 2.01 7.25 7.30 12.4 12.5 5.72 5.76 7.22 7.27 4.58 4.62
 �
 Fe II] (
 � ��� � � –
 � ��� � � ) 17.9363 1.15 3.44 3.51 2.36 2.41 – – – – 0.62 0.20 0.63 0.21
 �
 Fe II] (
 �   � � �–
 �   � � � ) 25.9882 1.15 24.3 24.6 3.31 3.35 – – – – 0.75 0.25 0.76 0.25
 �
 Fe II] (
 �   � � �–
 �   � � � ) 35.3491 2.01 7.63 7.69 7.30 7.35 – – – – 5.15 5.18
 �
 S I] (
 � � � –
 � ��� ) 25.2490 1.15 9.91 10.0 6.97 7.06 2.05 2.08 8.26 8.37 2.56 2.59
 �
 Si II] (
 � ��� � � –
 � �� � � ) 34.8152 2.01 5.64 1.86 5.68 1.87 27.2 9.0 27.4 9.1 7.20 7.26 20.1 6.6 20.3 6.7 5.37 1.77 5.41 1.79
 �
 O I] (
 � � � –
 � �� ) 63.1850 16.3 222.0 15.5 222.7 15.6 1083 76 1086 76 – – 111.2 7.8 111.6 7.8 43.0 3.0 43.1 3.0
 �
 O I] (
 � ��� –
 � ��� ) 145.535 8.82 26.9 4.6 26.9 4.6 190.8 13.4 190.9 13.4 – – 18.7 18.7 3.10 0.80 3.10 0.80
 �
 C II] (
 � ��� � � –
 � �� � � ) 157.741 11.6 62.1 5.5 62.2 5.5 323.1 22.6 323.2 22.6 – – 19.1 19.1 4.00 1.00 4.01 1.00
 UIR (C–C stretch) 6.22 0.85 – – 1327 99 1359 102 – – – – – –
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 Table 10.3. (Continued)
 Line � Beam GGD27-ILL LkH � 225 S106 IRS4 AFGL 2591 Cep A East[ �m] [10 � � sr] Obs. Ext. corr. Obs. Ext. Corr. Obs. Ext. Corr. Obs. Ext. Corr. Obs. Ext. Corr.
 H � 0–0 S(0) 28.2188 1.64 � 12.1 � 12.3 � 13.8 � 14.3 � 15.8 � 16.7 � 124.2 � 125.5 � 36.2 � 36.9H � 0–0 S(1) 17.0348 1.15 5.57 �1.84 5.68 �1.87 7.76 �2.56 8.23 �2.72 5.76 �1.75 7.54 �2.29 17.9 �4.7 18.3 �4.8 2.73 �0.90 2.84 �0.94H � 0–0 S(2) 12.2786 1.15 � 41.5 � 42.5 21.8 �7.2 23.3 �7.7 11.8 �4.9 16.1 �6.6 � 189.9 � 194.3 12.7 �4.2 13.3 �4.4H � 0–0 S(3) 9.6649 0.85 5.63 �1.86 5.95 �1.96 28.0 �7.3 33.1 �8.7 11.9 �3.9 25.5 �8.4 13.5 �3.7 14.3 �3.9 9.02 �2.98 10.1 �3.3H � 0–0 S(4) 8.0251 0.85 3.35 �1.10 3.41 �1.13 17.1 �4.6 18.1 �4.8 8.16 �2.69 10.5 �3.5 � 106.3 � 108.3 13.3 �3.3 13.8 �3.4H � 0–0 S(5) 6.9095 0.85 10.6 �2.2 10.7 �2.2 40.3 �6.3 41.6 �6.5 14.7 �4.8 16.9 �5.6 � 117.4 � 118.7 24.2 �4.3 24.7 �4.3H � 0–0 S(6) 6.1086 0.85 � 6.98 � 7.06 � 25.6 � 26.5 � 16.0 � 18.9 � 214.6 � 217.2 8.41 �2.78 8.62 �2.84H � 0–0 S(7) 5.5112 0.85 � 50.2 � 50.9 35.1 �7.9 36.6 �8.2 9.36 �3.09 11.3 �3.7 � 157.5 � 159.6 24.8 �6.2 25.5 �6.3H � 0–0 S(8) 5.0531 0.85 � 9.86 � 10.0 8.14 �2.69 8.53 �2.81 � 2.95 � 3.64 � 64.4 � 65.4 4.61 �1.25 4.75 �1.29H � 0–0 S(9) 4.6946 0.85 � 10.9 � 11.0 30.4 �10.0 32.0 �10.6 � 5.75 � 7.28 � 783.4 � 797.1 � 11.7 � 12.1H � 0–0 S(10) 4.4099 0.85 � 25.1 � 25.6 � 6.33 � 6.70 � 4.81 � 6.23 � 32.5 � 33.1 9.79 �3.23 10.2 �3.35H � 0–0 S(11) 4.1813 0.85 � 44.4 � 45.3 6.72 �2.22 7.15 �2.36 � 7.75 � 10.3 � 30.7 � 31.3 � 6.41 � 6.68
 �
 Fe I] (
 �� –
 �  ) 24.0424 1.15 � 53.3 � 54.0 � 5.80 � 6.05 � 10.1 � 12.2 � 45.9 � 46.5 � 11.9 � 12.3
 �
 Fe I] (
 �  –
 � ) 34.7135 2.01 � 5.38 � 5.42 � 14.5 � 14.8 � 59.9 � 67.3 � 33.9 � 34.2 � 47.4 � 48.1
 �
 Fe II] (
 � ��� � �–
 � ��� � � ) 17.9363 1.15 � 19.0 � 19.4 � 1.64 � 1.74 8.94 �2.63 11.9 �3.5 � 6.15 � 6.28 2.39 �0.65 2.49 �0.67
 �
 Fe II] (
 � � � �–
 � � � � ) 25.9882 1.15 � 1.84 � 1.86 3.33 �1.10 3.45 �1.14 52.7 �11.0 62.0 �12.9 � 62.1 � 62.8 6.42 �2.08 6.58 �2.13
 �
 Fe II] (
 � � � �–
 � � � ) 35.3491 2.01 � 12.7 � 12.8 � 9.22 � 9.43 49.4 �16.3 54.6 �18.0 � 39.4 � 39.7 � 40.1 � 40.7
 �
 S I] (
 � � –
 ��� ) 25.2490 1.15 � 3.35 � 3.39 5.75 �1.63 5.97 �1.69 � 29.6 � 35.2 � 59.8 � 60.6 7.02 �2.10 7.20 �2.15
 �
 Si II] (
 � ��� � � –
 � �  � � ) 34.8152 2.01 23.1 �7.6 23.3 �7.7 30.5 �10.1 31.2 �10.3 1523 �251 1687 �279 95.2 �31.4 95.9 �31.7 58.6 �4.1 59.4 �4.2
 �
 O I] (
 � �–
 ��� ) 63.1850 16.3 945.7 �66.2 948.5 �66.4 659.7 �47.8 665.5 �48.3 11253 �1138 11717 �1185 782.5 �54.8 784.8 �54.9 5348 �298 5380 �299
 �
 O I] (
 �� –
 ��� ) 145.535 8.82 189.5 �17.8 189.6 �17.8 � 94.8 � 95.0 2888 �290 2912 �292 225.7 �25.0 225.8 �25.0 � 284.4 � 285.0
 �
 C II] (
 � �� � � –
 � �  � � ) 157.741 11.6 294.6 �20.6 294.8 �20.6 625.4 �46.3 626.3 �46.4 1572 �159 1583 �160 395.3 �27.7 395.5 �27.7 2245 �232 2247 �232
 UIR (C–C stretch) 6.22 0.85 774 �58 792 �59 � 307 � 317 2214 �166 2267 �170 – – � 253 � 259
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 Table 10.3. (Continued)
 Line � Beam Elias3–1 T Tau HD 97048 HD 97300 HR 5999[ �m] [10 � � sr] Obs. Ext. corr. Obs. Ext. Corr. Obs. Ext. Corr. Obs. Ext. Corr. Obs. Ext. Corr.
 H � 0–0 S(0) 28.2188 1.64 � 4.72 � 5.12 � 4.67 � 4.74 � 5.83 � 5.91 � 2.33 � 2.37 � 4.97 � 5.00H � 0–0 S(1) 17.0348 1.15 � 4.10 � 4.78 1.80 �0.59 1.85 �0.61 � 2.07 � 2.12 – – � 1.50 � 1.52H � 0–0 S(2) 12.2786 1.15 � 19.9 � 23.7 � 9.68 � 9.99 � 5.40 � 5.56 – – � 20.0 � 20.2H � 0–0 S(3) 9.6649 0.85 � 2.29 � 3.54 6.81 �1.95 7.36 �2.10 � 1.83 � 1.97 � 3.06 � 3.29 � 0.59 � 0.61H � 0–0 S(4) 8.0251 0.85 � 3.44 � 3.97 3.17 �1.05 3.25 �1.07 � 2.20 � 2.25 � 2.15 � 2.20 � 4.22 � 4.25H � 0–0 S(5) 6.9095 0.85 � 6.26 � 6.79 13.6 �2.6 13.8 �2.7 � 6.17 � 6.25 � 5.91 � 5.99 � 4.60 � 4.63H � 0–0 S(6) 6.1086 0.85 � 9.12 � 10.0 � 8.07 � 8.21 � 10.2 � 10.3 � 9.19 � 9.34 � 10.6 � 10.7H � 0–0 S(7) 5.5112 0.85 � 9.66 � 10.7 11.0 �2.6 11.2 �2.7 � 9.28 � 9.45 � 15.7 � 16.0 � 16.2 � 16.3H � 0–0 S(8) 5.0531 0.85 – – � 4.52 � 4.62 � 4.53 � 4.62 – – � 12.2 � 12.3H � 0–0 S(9) 4.6946 0.85 – – 2.87 �0.95 2.94 �0.97 � 5.47 � 5.59 – – � 15.4 � 15.5H � 0–0 S(10) 4.4099 0.85 � 5.66 � 6.56 � 3.13 � 3.21 � 4.99 � 5.11 � 7.06 � 7.24 � 10.7 � 10.8H � 0–0 S(11) 4.1813 0.85 � 9.10 � 10.7 � 4.67 � 4.81 � 5.25 � 5.39 � 9.07 � 9.33 � 5.07 � 5.13
 �
 Fe I] (
 � � –
 � �� ) 24.0424 1.15 � 2.13 � 2.37 � 1.83 � 1.87 � 3.02 � 3.07 � 1.52 � 1.54 � 0.89 � 0.90
 �
 Fe I] (
 � �� –
 � � ) 34.7135 2.01 � 4.70 � 4.98 � 1.04 � 1.05 � 3.45 � 3.48 � 2.32 � 2.35 � 5.85 � 5.87
 �
 Fe II] (
 �� � � –
 �� � � ) 17.9363 1.15 – – 0.52 �0.17 0.53 �0.18 � 1.85 � 1.90 – – � 1.43 � 1.44
 �
 Fe II] (
 � � � � –
 � � � � ) 25.9882 1.15 � 2.29 � 2.51 1.85 �0.61 1.88 �0.62 � 2.86 � 2.90 � 1.41 � 1.43 � 1.26 � 1.27
 �
 Fe II] (
 � � � � –
 � � � � ) 35.3491 2.01 � 3.86 � 4.08 4.23 �1.40 4.28 �1.41 � 4.98 � 5.03 – – � 6.98 � 7.00
 �
 S I] (
 � � �–
 � ��� ) 25.2490 1.15 � 2.59 � 2.86 4.09 �1.28 4.16 �1.30 � 1.80 � 1.83 � 0.70 � 0.71 � 1.24 � 1.25
 �
 Si II] (
 � ��� � � –
 � �� � � ) 34.8152 2.01 � 6.32 � 6.70 12.6 �4.2 12.7 �4.2 � 3.80 � 3.84 � 2.24 � 2.26 � 2.63 � 2.64
 �
 O I] (
 � � � –
 � ��� ) 63.1850 16.3 – – 234.8 �23.5 235.8 �23.6 19.0 �3.0 19.1 �3.0 – – – –
 �
 O I] (
 � ��� –
 � ��� ) 145.535 8.82 – – � 14.9 � 14.9 – – – – – –
 �
 C II] (
 � �� � �–
 � �� � � ) 157.741 11.6 – – 10.3 �1.9 10.3 �1.9 7.01 �1.04 7.02 �1.04 – – – –
 UIR (C–C stretch) 6.22 0.85 – – � 161 � 164 440 �33 446 �34 – – � 293 � 294
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 Table 10.3. (Continued)
 Line � Beam R CrA T CrA WW Vul BD+40
 �
 4124 LkH � 224 HD 200775[ �m] [10 � � sr] Obs. Ext. corr. Obs. Ext. Corr. Obs. Ext. Corr. Obs. Ext. Corr. Obs. Ext. Corr. Obs. Ext. Corr.
 H � 0–0 S(0) 28.2188 1.64 � 11.4 � 11.7 � 6.04 � 6.14 � 1.78 � 1.80 � 6.60 � 6.81 � 9.51 � 9.81 � 6.04 � 6.17H � 0–0 S(1) 17.0348 1.15 � 10.7 � 11.2 3.96 �1.31 4.09 �1.35 � 0.75 � 0.77 5.37 �1.77 5.69 �1.88 10.1 �3.3 10.7 �3.5 � 3.24 � 3.37H � 0–0 S(2) 12.2786 1.15 � 46.0 � 48.3 5.58 �1.68 5.80 �1.74 � 9.84 � 10.1 7.12 �2.35 7.62 �2.51 12.7 �4.2 13.6 �4.5 � 5.32 � 5.56H � 0–0 S(3) 9.6649 0.85 � 6.40 � 7.25 � 2.09 � 2.29 � 0.95 � 1.01 7.74 �2.36 9.15 �2.79 9.81 �3.12 11.6 �3.7 � 2.13 � 2.37H � 0–0 S(4) 8.0251 0.85 � 20.3 � 21.2 � 3.14 � 3.23 � 4.34 � 4.42 1.02 �0.34 1.08 �0.36 6.89 �2.27 7.28 �2.40 � 2.75 � 2.85H � 0–0 S(5) 6.9095 0.85 � 28.9 � 29.6 � 4.04 � 4.11 � 1.65 � 1.67 2.45 �0.81 2.53 �0.83 11.7 �2.5 12.1 �2.6 � 5.22 � 5.33H � 0–0 S(6) 6.1086 0.85 � 19.5 � 20.0 � 20.1 � 20.5 � 5.05 � 5.11 � 7.96 � 8.25 � 6.26 � 6.49 � 7.65 � 7.83H � 0–0 S(7) 5.5112 0.85 � 25.9 � 26.7 � 10.7 � 10.9 � 14.7 � 14.9 � 8.10 � 8.44 � 13.0 � 13.5 � 12.2 � 12.6H � 0–0 S(8) 5.0531 0.85 � 12.3 � 12.7 � 6.76 � 6.93 � 15.7 � 16.0 � 18.3 � 19.2 � 35.5 � 37.2 � 7.06 � 7.27H � 0–0 S(9) 4.6946 0.85 � 17.6 � 18.3 � 4.86 � 5.00 � 15.5 � 15.8 � 11.6 � 12.2 � 25.5 � 26.9 � 17.3 � 17.9H � 0–0 S(10) 4.4099 0.85 � 35.2 � 36.8 � 6.10 � 6.29 � 7.37 � 7.50 � 4.17 � 4.41 � 4.15 � 4.40 � 10.3 � 10.7H � 0–0 S(11) 4.1813 0.85 � 30.0 � 31.5 � 6.70 � 6.93 � 10.5 � 10.7 � 7.37 � 7.85 � 10.8 � 11.5 � 18.4 � 19.2
 Fe I] (
 � � –
 � � ) 24.0424 1.15 � 5.02 � 5.18 � 0.68 � 0.69 � 1.26 � 1.28 � 1.72 � 1.79 � 1.46 � 1.53 � 2.05 � 2.10
 Fe I] (
 � � –
 � � ) 34.7135 2.01 � 8.35 � 8.49 � 4.14 � 4.19 � 3.90 � 3.93 � 4.00 � 4.09 � 4.86 � 4.97 � 3.89 � 3.94
 Fe II] (
 � ��� � � –
 � ��� � � ) 17.9363 1.15 � 3.96 � 4.15 � 0.89 � 0.92 � 0.85 � 0.86 � 0.97 � 1.03 � 1.86 � 1.98 � 1.10 � 1.15
 Fe II] (
 � �� � �–
 � � � � � ) 25.9882 1.15 1.33 �0.44 1.36 �0.45 � 1.14 � 1.17 � 1.10 � 1.12 0.69 �0.23 0.71 �0.23 � 2.23 � 2.31 � 1.89 � 1.93
 Fe II] (
 � �� � �–
 � � � � ) 35.3491 2.01 � 4.76 � 4.84 � 4.07 � 4.12 � 4.19 � 4.22 � 4.40 � 4.50 � 7.70 � 7.86 � 3.81 � 3.87
 S I] (
 � � � –
 � � � ) 25.2490 1.15 6.78 �2.05 6.97 �2.10 � 0.82 � 0.84 � 0.65 � 0.65 � 1.37 � 1.42 1.60 �0.52 1.66 �0.54 � 1.26 � 1.29
 Si II] (
 � ��� � � –
 � �� � � ) 34.8152 2.01 9.38 �3.09 9.54 �3.15 � 3.63 � 3.67 � 2.92 � 2.94 23.2 �7.7 23.7 �7.8 24.2 �8.0 24.8 �8.2 19.0 �6.3 19.3 �6.4
 O I] (
 � � �–
 � � � ) 63.1850 16.3 681.4 �47.6 684.9 �47.9 – – – – 703.6 �49.5 709.9 �49.9 – – 714.4 �72.8 718.5 �73.2
 O I] (
 � � � –
 � � � ) 145.535 8.82 � 40.0 � 40.1 – – – – 41.5 �4.0 41.6 �4.0 – – 297.4 �29.8 297.7 �29.8
 C II] (
 � ��� � � –
 � �� � � ) 157.741 11.6 35.7 �5.5 35.8 �5.5 – – – – 517.5 �36.4 518.3 �36.4 – – 329.6 �33.1 330.0 �33.1
 UIR (C–C stretch) 6.22 0.85 � 270 � 277 � 106 � 108 � 192 � 194 260 �20 269 �20 � 135 � 140 � 132 � 135
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 Table 10.4. Observed (Obs.) and extinction corrected (EC) data for shocks and PDRs from literature. Numbers in brackets indicatethe errors in the last digits.
 Orion BN/KL IC 443 RCW 103Line Obs. EC Beam Ref. Obs. EC Beam Ref. Obs. EC Beam Ref.
 [10 � � erg s � � cm � � sr � � ] [10 � � sr] [10 � � erg s � � cm � � sr � � ] [10 � � sr] [10 � � erg s � � cm � � sr � � ] [10 � � sr]
 H � 0–0 S(1) 17.03 �m 3.3(6) 4.0(7) 0.01 (1) 0.11(3) 0.12(3) 1.15 (13)H � 1–0 S(1) 2.122 �m 8.4(8) 18.0(17) 0.06 (2) 0.637(2) 1.172(3) 0.05 (7) 0.386(12) 0.544(17) 0.11 (14)H � 2–1 S(1) 2.248 �m 0.85(10) 1.67(20) 0.06 (2) 0.0547(5) 0.0937(9) 0.05 (7) 0.047(10) 0.064(14) 0.11 (14)
 �
 S I] 25.25 �m 3.9(6) 4.4(7) 2.45 (3) � 0.01 � 0.01 1.15 (13)
 �
 Si II] 34.82 �m 6.1(6) 6.6(6) 3.27 (3) 0.26(3) 0.27(4) 2.01 (8) 1.4(2) 1.4(2) 2.01 (13)
 �
 O I] 63.18 �m 56(20) 58(21) 2.15 (4) 2.26(19) 2.31(19) 2.51 (9) 0.44(5) 0.44(5) 15.3 (13)
 �
 O I] 145.5 �m 0.037(8) 0.037(8) 15.3 (13)
 �
 C II] 157.7 �m 3.9(5) 3.9(5) 7.24 (5) 0.39(8) 0.39(8) 2.61 (10) 0.54(6) 0.54(6) 15.3 (13)
 � [ � ] 10.0 (1) 8.0 (11) 4.5 (14)
 � [pc] 430 (6) 1500 (12) 6600 (15)
 Orion Bar NGC 2023 S140Line Obs. EC Beam Ref. Obs. EC Beam Ref. Obs. EC Beam Ref.
 [10 � � erg s � � cm � � sr � � ] [10 � � sr] [10 � � erg s � � cm � � sr � � ] [10 � � sr] [10 � � erg s � � cm � � sr � � ] [10 � � sr]
 H � 0–0 S(1) 17.03 �m 0.110(5) 0.121(6) 0.06 (16) 0.020(6) 0.022(6) 1.15 (24)H � 1–0 S(1) 2.122 �m 0.078(13) 0.114(19) 0.15 (17) 0.060(2) 0.067(2) 0.92 (21) 0.16(2) 0.22(3) 0.03 (25)H � 2–1 S(1) 2.248 �m 0.008(4) 0.011(6) 0.15 (18) 0.016(2) 0.018(2) 0.92 (21)
 �
 S I] 25.25 �m � 0.13 � 0.14 2.45 (10)
 �
 Si II] 34.82 �m 9.0(5) 9.3(5) 5.51 (19) 0.20(11) 0.20(11) 3.10 (22) 0.030(9) 0.032(9) 2.01 (24)
 �
 O I] 63.18 �m 54(5) 55(5) 2.15 (5) 3.62(10) 3.63(10) 2.61 (22) 0.33(10) 0.33(10) 15.3 (26)
 �
 O I] 145.5 �m 4.2(5) 4.2(5) 6.72 (5) 0.23(4) 0.23(4) 4.42 (22)
 �
 C II] 157.7 �m 3.4(5) 3.4(5) 7.24 (5) 0.68(4) 0.68(4) 4.22 (22) 0.35(11) 0.35(11) 15.3 (26)
 �  [ � ] 5.0 (20) 1.4 (23) 4.0 (24)
 � [pc] 430 (6) 475 (23) 910 (27)
 References to Table 10.4: (1) Parmar et al. (1994); (2) Brand et al. (1988); (3) Haas et al. (1991); (4) Crawford et al. (1986); (5) Stacey et al. (1993); (6) Warren & Hesser (1978); (7)Richter et al. (1995a); (8) Oliva et al. (1999a); (9) Burton et al. (1990b); (10) Haas (1997); (11) van Dishoeck et al. (1993); (12) Burton et al. (1988); (13) Oliva et al. (1999b); (14) Olivaet al. (1990); (15) Leibowitz & Danziger (1983); (16) Parmar et al. (1991); (17) Burton et al. (1990a); (18) Hayashi et al. (1985); (19) Haas et al. (1986); (20) Assumed; (21) Hasegawaet al. (1987); (22) Steiman-Cameron et al. (1997); (23) Jaffe et al. (1990); (24) Timmermann et al. (1996). (25) Carr (1990); (26) Emery et al. (1996); (27) Crampton & Fisher (1974).
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 seen to deviate strongly from this fit. In these cases, we have attempted to characterizethis behaviour by fitting a second Boltzmann distribution to the higher energy levelpopulations. The resulting excitation temperatures and derived column and mass ofmolecular hydrogen are listed in Table 10.5.
 In Fig. 10.2 we also show similar plots for six regions which have been quotedin literature as prime examples of shock- and PDR emission, peak 1 of the shockedH � emission in the Orion BN/KL region (Hasegawa et al. 1987; Brand et al. 1988;Parmar et al. 1994), the shock in the old supernova remnant IC 443 (Burton et al. 1989;Richter et al. 1995a, 1995b; Oliva et al. 1999a), the X-ray irradiated shock in the youngsupernova remnant RCW 103 (Oliva et al. 1990, 1999b), the Orion bar PDR (Burtonet al. 1990a; Parmar et al. 1991; Marconi et al. 1998), the NGC 2023 PDR (Hasegawaet al. 1987; Burton et al. 1992b; Steiman-Cameron et al. 1997) and the PDR S140(Timmermann et al. 1996). The ground-based observations of these regions revealspatial structure in the derived temperature on a scale which is small compared to theISO SWS beam. Basic parameters for these regions are listed in Table 10.4. As can beseen from Fig. 10.2, the excitation diagrams of these template regions show in generalthe warm and hot component also visible in some of our ISO sources. The results ofthe Boltzmann distribution fits are again given in Table 10.5.
 Employing predictions of H � emission from PDR, J-shock and C-shock models byBurton et al. (1992a), Hollenbach & McKee (1989) and Kaufman & Neufeld (1996), wedetermined the excitation temperature � � � � from the low-lying (from S(1) to S(5)) purerotational levels from these models as a function of density � and either incident FUVflux � (in units of the average interstellar FUV field G � = 1.2 � 10 �
 �erg cm �
 � s ��
 sr ��;
 Habing 1968) or shock velocity � � in an identical way as was done for the observa-tions. For PDRs, the total infrared flux � ��� is expected to be directly correlated to � bythe relation � = 0.5 � ��� � � � , with � the spatial extent of the PDR. We have computed� ��� for all our sources by the same procedure as was used to compute the bolometricluminosity in Sect. 10.2, but in this case only use the excess above the reddened Ku-rucz model to integrate � � . From these values of � ��� we then computed � , assuming abeam filling factor of one. The resulting � -values, listed in Table 10.6, were used to plotour observations directly in the parameter space of the PDR models (Fig. 10.3). Notethat if the extent of the PDR is smaller than the beam size, as might be expected forsome sources, our data points in Fig. 10.4 may be shifted along the direction indicatedby the arrows. However, for PDRs the resulting � � � � does not depend much on � (c.f.Fig. 7.8), so this does not introduce an additional uncertainty in our analysis.
 For the shocks such a direct comparison between theory and observation is morecumbersome. We have decided to plot the results of the � � � � fits from the J- and C-shockmodels versus the total flux observed in all lines (Fig. 10.3). Since [O I] 63.2 � m, [C II]157.7 � m and [Si II] 34.8 � m are expected to be the dominant coolants in the lines westudy here, we only plot this quantity in sources where these three lines were mea-sured. It is also given in Table 10.6. For shocks with velocities in excess of 20 km s �
 �,
 Ly � is also an important coolant, which we have neglected here. The total luminosityof the cooling in a shock is proportional to � � �� , so for the shocks plotted in Fig. 10.3 theordinate will no longer directly correspond to a single parameter in the models, and
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 Fig. 10.2. H � excitation diagrams for programme and comparison stars. Shown areapparent columns of H � in the pure-rotational (0–0) transitions (filled dots), 1–0 tran-sitions (open squares), 2–1 transitions (filled triangles), 2–0 transitions (open stars),3–2 transitions (open triangles), 3–0 transitions (filled squares), 4–3 transitions (opendiamonds), and 4–1 transitions (open crosses). Observational errors are smaller thanthe size of the plot symbol. The Boltzmann distribution fits are plotted as dashedlines. The solid lines show the sum of both thermal components for each source.
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 Table 10.5. Results of H � Boltzmann distribution fits.
 Object � � � � � � � � ��� � ���� �
 � (H � )[K] [cm �
 � ] [K] [cm �� ] [M � ]
 AFGL 490 1400 1.9 10� �
 – – 2 10 ��
 IRAS 03260+3111 600 1.2 10 ��� – – 2 10 ��
 IRAS 12496 � 7650 540 9.1 10� �
 – – 5 10 ��
 GGD 27-ILL 650 4.2 10� � – – 1 10 �
 �
 LkH � 225 720 6.7 10� � 2200 1.7 10
 � �8 10 �
 �
 S106 IRS4 560 8.7 10� � 3800 3.6 10
 ���8 10 �
 �
 AFGL 2591 390 2.2 10 ��� – – 2 10 ��
 Cep A East 730 5.0 10� � 5200 3.0 10
 ���3 10 �
 �
 T Tau 440 1.5 10� � 1500 2.1 10
 � �4 10 � �
 T CrA 770 2.7 10� � – – 1 10 �
 �
 BD+40 � 4124 490 4.8 10� � – – 5 10 �
 �
 LkH � 224 610 7.0 10� � – – 8 10 �
 �
 Orion BN/KL 390 6.1 10 � �3300 1.7 10
 � � 2 10 ��
 IC 443 400 � 1.0 10 � � 3400 1.4 10� �
 2 10 ��
 RCW 103 400 � 1.6 10 ��� 3600 5.5 10���
 9 10 ��
 Orion Bar 450 1.3 10 � �4500 9.1 10
 � �2 10 �
 �
 NGC 2023 – – 5900 6.0 10� �
 8 10 ��
 S140 480 1.9 10 ��� 8700 1.4 10���
 2 10 ��
 � Assumed temperature.
 instead of the simple lines for the PDRs, we get a grid of models with different shockparameters. We are also left with the additional uncertainty that the shock will likelynot fill the entire beam, so our data points must be shifted along a vector indicated inthe figures to take this into account.
 Comparing the excitation temperature of the template sources listed in Table 10.5with the ones plotted in Fig. 10.2, we note that for the relatively clean PDRs S140 andthe Orion Bar, the derived excitation temperature falls within the range predicted byPDR models. Although the Tielens & Hollenbach (1985) models do not predict a de-tailed ro-vibrational H � spectrum, competing PDR models (e.g. Black & van Dishoeck1987; Draine & Bertoldi 1996) also show the same hot component which we observein these PDR template sources. This hot PDR may reflect the combined effects of UV-pumped infrared fluorescence and the presence of a very warm, but thin, surface layer.
 The only shock template source for which we were able to derive a reliable � � � � ,Orion BN/KL peak 1, agrees well with the value expected for a J-shock. Note howeverthat all three of our template shock sources also show evidence for a hot H � component,
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 Fig. 10.3. Comparison of observed H � rotational temperatures to theoretical rela-tion between continuum fluxes and � � � � (PDR models) or summed intensity in allobserved lines and � � � � (shocks). Sources which show PAH emission are plotted assquares. Plot symbols are filled for Class I sources. The arrows show the direction ofbeam dilution.
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 which is not predicted by J-shock models. This probably means that even in theserelatively clean template cases, we do not observe a single J-shock, but a combinationof one or more J- and C-shocks. Possibly this reflects the presence of shocked clumpsof gas where the J-shock corresponds to the region around the point of impact whilethe C-shock emission originates from oblique shocks further away.
 The situation for the programme sources is distinctly less clear-cut. Except forGGD 27-ILL and IRAS 03260+3111, which appear somewhat warmer in pure rotationalH � than predicted by the models, all sources which show PAH emission and mighttherefore be expected to be dominated by PDR emission have excitation temperatureswithin the range predicted by the PDR models. Small differences between observationsand the models may reflect the fact that these observations spatially resolve the PDRwhile the models refer to integrated (i.e. averaged) values. Of the remaining sources,only AFGL 2591 has an excitation temperature compatible with the J-shock models.All are compatible with excitation temperatures expected for C-shocks. However, inthe next section we will show that the observed atomic fine-structure spectrum in thesesources does require the presence of a J-shock. This could either mean that the H � hasa stronger C-shock component than the template sources, or that the J-shock modelsof Hollenbach & McKee (1989) underestimate the temperature in the post-shock gas,where the H � emission originates in a J-shock. We will come back to this in the discus-sion and argue that the latter explanation is more likely.
 10.5 Fine structure linesIn order to interpret our observations as arising in either a PDR, a C-Shock or a J-shock, we compare our results with the line fluxes predicted by theoretical modelsof such regions (Tielens & Hollenbach 1985; Hollenbach & McKee 1989; Kaufman &Neufeld 1996). Since the Infrared Space Observatory offers the first possibility to confrontthe infrared spectrum predicted by these models with a wide range of astronomicalobjects, and the physics behind these models is still not completely understood, thereare significant uncertainties in such a procedure. Therefore we also again compare ourresults with observations from literature of the template sources containing shocks andPDRs.
 In Figs. 10.4–10.6 we have plotted the absolute line intensities predicted either againstthe � -values computed from the infrared luminosity (PDRs) or against the sum of allobserved lines fluxes (shocks), computed in the previous section. Note that since thequantities plotted on both axes of these plots depend on the beam filling factor, thepoints may be expected to shift along the arrows shown in the plots in case the PDR orshock is smaller than the beam size.
 By comparing the predicted line fluxes for the PDR, J-shock and C-shock modelswith our observations in Figs. 10.4–10.6 we can directly draw several interesting con-clusions. The predicted intensity in the [Fe I] and [S I] lines is orders of magnitudeshigher in the shock models than in the PDR models, because in the latter nearly alliron and sulfur will be ionized in the heated surface layer of a PDR. [Fe I] was not de-
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 Fig. 10.4. Comparison of observed fine-structure line intensities and continuum fluxto the PDR models. Sources which show PAH emission are plotted as squares. Thelarge arrows show the direction of beam dilution.
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 Fig. 10.5. Comparison of observed fine-structure line intensities to the J-shock models.Sources which show PAH emission are again plotted as squares. The large arrowsshow the direction of beam dilution.
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 Fig. 10.6. Comparison of observed fine-structure line intensities to the C-shock mod-els. Sources with PAH emission are plotted as squares. The large arrows show thedirection of beam dilution.
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 tected in any source within our sample. However, [S I] 25.3 � m emission was detectedfor seven sources. Comparing the location of these line fluxes in Fig. 10.4 with the PDRmodel prediction we see that the observed [S I] fluxes are too high to be compatiblewith a PDR origin, even for PDRs as dense as 10
 �cm �
 � . This means that the detectionof [S I] emission with ISO can only mean that a shock is present. Also note that the detec-tion of [S I] and PAHs appear mutually exclusive in our sample (Table 10.6), suggestingthat these may be a fast and relatively straightforward way to distinguish PDRs andshocks.
 By definition, C-shocks cannot produce ionized species like [Fe II], [Si II] and [C II].The last species may still be detected in such regions because it will also reach ob-servable strengths in PDRs illuminated by weak FUV fields (c.f. Fig. 10.4), such as thediffuse galactic background emission ( �
 � 1). Since the [C II] line fluxes listed in Ta-ble 10.3 are not corrected for background emission, the we cannot draw conclusionsfrom just the detection of [C II]. However, the mere detection of [Si II] or [Fe II] meansthat either a PDR or a J-shock must be present within the ISO-SWS beam. For mostsources in which we have detected [Si II] or [Fe II] emission, it can be well explainedby either the PDR or the J-shock models (Figs. 10.4–10.5). In only one case, S106 IRS4,is the observed [Si II] 34.8 � line intensity clearly too strong to be explained by eitherPDR or J-shock models. However, in Chapter 7 we found that the infrared spectrum ofthis source is dominated by its associated H II region, which will also contribute to the[Si II] and [Fe II] lines studied here.
 Although both the PDR and the J-shock models predict the presence of observableamounts of [C II] emission, the expected line strength in PDRs of moderate to highdensity ( � 10 � cm �
 � ) is more than an order of magnitude higher than in J-shocks. Mostof the sources with observed [C II] 158 � m emission have strengths that are too high tobe explained by the J-shock models. For these sources we can therefore immediatelyinfer that they must be due to a PDR. For the remainder of the sources, the [C II] 158 � mline strength becomes comparable to the one expected for the background, so a directcomparison of those values to J-shock models will yield inconclusive results.
 Intense [O I] 63.2 � m emission can be produced by PDRs, as well as J- and C-shocks.The observed [O I] 63.2 � m intensities are all within the range that can be reproducedby the models. The [O I] 145.5 � m line can also be produced by the PDR and C-shockmodels; the J-shock models predict less [O I] 146 � m emission than is observed. Also, innearly all the cases we study here, the PDR or C-shock model parameters found fromthe [O I] 63.2 and 145.5 � m lines do not agree with each other; either the [O I] 63.2 � mline appears too weak, or the [O I] 145.5 � m line appears too strong. Such a discrepancyis not unique to the sources we study here. It has also been observed in spatiallyresolved PDRs (Liseau et al. 1999), so it cannot be due to the different LWS beamsizes at 63 and 146 microns. One possible explanation would be that [O I] 145.5 � m isblended with the CO � =18–17 line. In view of the strength of other CO lines in our LWSspectra, this line is in general expected to be too weak to dominate the line flux, andthus cannot account for the observed anomaly. Another, more promising, explanationmay be that the [O I] 63.2 � m line intensity has been diminished by absorption bycool foreground material. [O I] 63.2 � m absorption has indeed been found in the line
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 Table 10.6. Results of fine-structure line analysis.
 Object ��� � ���� � PAH � [cm �  ] Type[W m � �] [G �] [erg cm � � s � � sr � � ] H � [Fe I] [Fe II] [S I] [Si II] [O I] [C II]
 AFGL 490 1.4 � 10 � � � 5.5 � 10
 
 – 4.1 � 10 � � – – – – ��� 10
 ��� 10
 – Shock?IRAS03260+3111 7.4 � 10 � � � 2.9 � 10
 �
 2.4 � 10 �   ��� 10
 �
 – – – ��� 10
 � � 10  � 10
 �
 PDRL1489 IRS 6.2 � 10 � � � 2.4 � 10
 �
 – – – – – – – –L1551 IRS5 3.9 � 10 � � � 1.5 � 10
 
 – 1.7 � 10 � � – – – – � 10  ��� 10
 
 – Shock?IRAS12496 �7650 4.3 � 10 � � � 1.7 � 10
 
 – 1.4 � 10 � � – – � 10
 �
 – � 10
 ��� 10
 
 – Shock?GGD 27-ILL 2.2 � 10 � � � 8.3 � 10
 �
 1.5 � 10 �   ��� 10
 �
 – – – � 10
 � ��� 10
 � 10
 �
 PDRLkH � 225 5.3 � 10 � � � 2.0 � 10
 
 – 3.4 � 10 �   � 10
 �
 – ��� 10
 � � 10� � 10
 � ��� 10
 �
 – ShockS106 IRS4 9.1 � 10 � � � 3.5 � 10
 � �
 2.2 � 10 � � � 10
 �
 – � 10�
 – – � 10
 � � 10
 
 PDRAFGL 2591 6.7 � 10 � � � 2.6 � 10
 �
 – 1.9 � 10 �   � 10
 �
 – – – � 10
 � 10
 ��� 10
 
 PDR?Cep A East 3.0 � 10 � � � 1.1 � 10
 �
 – 6.9 � 10 �   ��� 10
 �
 – � 10� ��� 10
 � � 10
 � ��� 10
 �
 – Shock
 Elias 3-1 3.3 � 10 � � � 1.3 � 10
 �
 – – – – – – –T Tau 2.2 � 10 � � � 8.5 � 10
 �
 – 7.7 � 10 � � ��� 10
 �
 – � 10
 � 10
 � 10
 � 10
 
 – ShockHD 97048 1.4 � 10 � � � 5.5 � 10
 � �
 4.0 � 10 � � – – – – – � 10
 �
 – PDRHD 97300 1.1 � 10 � � � 4.3 � 10
 � �
 – – – – – – –HR 5999 3.0 � 10 � � � 1.2 � 10
 
 – – – – – – – –R CrA 1.8 � 10 � � � 6.9 � 10
 
 – 5.7 � 10 � � – – ��� 10
 � 10
 � 10
 ��� 10
 
 – Shock
 T CrA 1.4 � 10 � � � 5.3 � 10
 �
 – – – – – – – –WW Vul 2.5 � 10 � � � 9.4 � 10
 �
 – – – – – – – –BD+40 !4124 9.0 � 10 � � � 3.4 � 10
 � �
 1.1 � 10 �   ��� 10
 �
 – � 10
 �
 – – ��� 10
 � " 10
 
 PDRLkH � 224 8.9 � 10 � � � 3.4 � 10
 �
 – – – – – – – Shock
 HD 200775 6.7 � 10 � � � 2.6 � 10
 
 – 1.2 � 10 �   – – – – ��� 10
 � ��� 10
 ��� 10
 
 PDR
 Probably not connected to optical source.
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 of sight towards a few sources (Poglitsch et al. 1996; Kraemer et al. 1998), lendingcredence to the suggestion that this may also be the case in our sources. Note that ifthis suggestion is correct, this means that the observed [O I] emission in all our sourcesmust come from either PDRs or C-shocks, since the [O I] 145.5 � m line fluxes are toohigh compared to the J-shock models.
 10.6 Notes on individual objectsAFGL 490 (IRAS 03236+5836) is a luminous infrared source, powering a strong bipolarCO outflow with an extent of � 100
 � �
 (Lada & Harvey 1981). The central peak in AFGL490 is believed to be an embedded intermediate-mass YSO and the driving source forthe molecular outflow (Minchin et al. 1991; Haas et al. 1992). Ground-based H � 1–0 S(1) images (Davis et al. 1998) show several knots of shocked molecular gas in theAFGL 490 outflow as well as diffuse H � emission, suggesting a composite origin for theemission lines detected with ISO. The temperatures derived from the H � 0–0 S(3) andS(5) lines can only be explained by a non-dissociative shock. However, the detectionof strong [Si II] and [O I] emission show that either a PDR or a fast J-shock must bepresent as well.
 IRAS 03260+3111 was found to be a candidate for a class of objects making thetransition between Class I and II YSOs by Magnier et al. (1999). Strong PAH-emissionin the SWS spectrum suggests that it has a significant PDR contribution. The linesdetected confirm this hypothesis: The [Si II], [O I] and [C II] are strongly suggestive ofa PDR origin. The temperature of the H � is somewhat higher than that expected fora PDR, but this may be influenced by an apparent discontinuity between the 0–0 S(2)and S(3) lines, where SWS uses apertures of different sizes.
 L1489 IRS (IRAS 04016+2610) is a Class I source in an extended molecular gas corein the Taurus star forming region. It powers a low-velocity molecular outflow adjacentto the source (Myers et al. 1988; Hogerheijde et al. 1998) and has been suggested as thepowering source of a more extended molecular outflow (Terebey et al. 1989; Moriarty-Schieven et al. 1992). Recent HST NICMOS images of the source reveal a bright near-infrared nebula crossed by a dark lane, interpreted as an optically thick disk seen insilhouette (Padgett et al. 1999). Ground-based images in the H � 1–0 S(1) line revealstrong H � emission from the HH 360a knot in the molecular outflow (Gomez et al.1997). No emission lines were detected with ISO, suggesting that the shocked materialin the region is confined to these small knots.
 L1551 IRS5 (IRAS 04287+1801) is one of the best studied embedded YSOs. Thebipolar molecular outflow emanating from L1551 IRS5 was the first to be discovered(Snell et al. 1980), and it remains a text-book example of a Class I source. It illuminatesthe reflection nebula HH 102, and drives both a strong molecular outflow as well as ahighly collimated jet, as traced by a number of Herbig-Haro objects with high propermotions (Mundt et al. 1991; Staude & Elsasser 1993). Interferometry of L1551 IRS5 atmm wavelengths (Keene & Masson 1990) reveals the source to consist of two distinctcomponents: an envelope with radius � 12
 � �
 and a compact structure of � 0 �� �
 3, presum-
 181

Page 188
                        

CHAPTER 10. PDRS AND SHOCKS IN STAR FORMING REGIONS
 ably an accretion disk of a similar size as the solar system. Diffuse H � 1–0 S(1) emissionin the L1551 region was observed by Yamashita & Tamura (1992), and later shown tohave a patchy structure by Davis et al. (1995), which may be due to gas which is shock-heated by the strong wind from IRS5. No compact H � knots similar to those observedin the surroundings of other YSOs were found in the large-scale surroundings of L1551IRS5 (Gomez et al. 1997), suggesting the presence of shocks sufficiently powerful to de-stroy the dust required to re-form molecular hydrogen in post-shock gas. Only [Si II]and [O I] emission was detected with ISO. In view of the previous discussion it seemslikely that this will be shock excited.
 IRAS 12496 � 7650 (DK Cha) is an embedded active young stellar object located inthe Chamaeleon II dark cloud. It is associated with a weak molecular outflow (Knee1992) and possibly drives a collimated jet (Hughes et al. 1991). It is associated with theHerbig-Haro objects HH 52–54, some of which are also included in the ISO beam. If theH � ortho-/para-ratio in these objects is smaller than the high-temperature equilibriumvalue of 3, as suggested by recent ISO spectroscopy of HH 54 (Neufeld et al. 1998), ourestimate of the H � mass (Table 10.5) will be too low. The ISO [O I]/[C II] ratio suggests astrong shock component to be present in the infrared emission-line spectrum. In viewof the detected [Fe II] and [Si II] emission, this shock must be of J-type.
 GGD27 (IRAS 18162 � 2048) is a small reflection nebula containing six point-like in-frared sources, interpreted as a small group of massive YSOs (Yamashita et al. 1987;Stecklum et al. 1997). The object GGD 27-ILL (Aspin et al. 1991) is the probable illu-minating source of the nebula and might also power the bipolar outflow seen in CO(Yamashita et al. 1995). The emission lines observed with ISO appear dominated byPDR emission rather than trace a shock driven by the outflow. The ISO emission-linespectrum is also indicative of a PDR origin, although the H � temperature falls outsidethe range predicted by the PDR models.
 LkH � 225 (IRAS 20187+4111) is an embedded source in the BD+40 � 4124 region. Thesource was shown to be a triple system oriented north-south by Aspin et al. (1994). Itis associated with a H � O maser source and drives a CO outflow (Palla et al. 1994).The detection of [S I] emission shows that a shock must be present in the region. InChapter 8 we studied the ISO spectra of LkH � 225 in more detail and concluded thatthe emission line spectrum can be well explained as arising in the combination of aC-shock produced by a slow ( � 20 km s �
 �) outflow and a J-shock. In addition to this,
 we found absorption due to solid water ice and to gas-phase H � O, CO and CO � inthe line of sight towards LkH � 225, with unusually high gas/solid ratios. The extreme[O I]/[C II] ratio found at the position of LkH � 225 suggest that a PDR might be presentthroughout the region as well.
 S106 IRS4 (IRAS 20255+3712) is a massive young stellar object believed to be thepowering source for the well-known bipolar nebula S106. Apart from the centralsource IRS4 (Gehrz et al. 1982), S106 also contains an embedded cluster of about 160stars, as well as an expanding ring of molecular material (Hodapp & Rayner 1991;Loushin et al. 1990; Staude & Elsasser 1993). In Chapter 7 we made a more detailedstudy of the ISO SWS and LWS spectra of S106 and concluded that the emission linespectrum could be well explained as arising from the superposition of an extended H II
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 region with a density of about 10 � cm �� surrounding an O6–8 star, and a PDR of much
 higher density (10 � –10�
 cm �� ). Since it is implausible that such densities would exist
 throughout the PDR, the PDR must be clumpy in nature.AFGL 2591 (IRAS 20275+4001) is one of the rare examples of a relatively isolated
 massive young star. Located in the obscured Cygnus X region, it is invisible in theoptical, although it is one of the brightest YSOs at infrared to submm wavelengths.It is associated with a powerful bipolar molecular outflow (Lada et al. 1984) and issurrounded by an envelope of which part might be in free fall collapse onto the star(van der Tak et al. 1999). Tamura & Yamashita (1992) discovered a bipolar outflow-likestructure extending over 90
 � �
 in ro-vibrational H � emission, suggesting a shock originfor the spectral lines detected with ISO. This would also explain the absence of PAHemission. The [O I]/[C II] flux ratio is more suggestive of a PDR origin, though.
 Cep A East (IRAS 22543+6145) is the eastern lobe of an energetic, complex molec-ular outflow (Bally & Lane 1982), believed to be powered by the deeply embeddedsource HW-2 only visible at radio wavelengths (Hughes & Wouterloot 1984). Cep AEast is the site of a fast jet, as well as a number of Herbig-Haro like objects, whereasthe western lobe of the Cep A outflow contains a number of distinct shells (Hartigan etal. 1996; Goetz et al. 1998). ISO SWS observations of the western lobe were discussedby Wright et al. (1996), who modelled the emission line spectrum as the combinationof several C-type shocks with a planar J-shock of 70–80 km s �
 �. In Chapter 7 we dis-
 cussed the entire SWS and LWS spectra of Cep A East in detail and concluded that thecontinuum radiation at near-infrared wavelengths is dominated by emission from theembedded source IRS 6A (Casement & McLean 1996), whereas another, more lumi-nous, component only becomes visible in the far-infrared. We explained the infraredemission line spectrum as the superposition of a 20 km s �
 �C-shock and a 60 km s �
 �
 J-shock arising in a dense (10�
 cm �� ) medium.
 Elias 3-1 (IRAS 04155+2812) is an embedded luminous object which is believed tobe a young Herbig Ae star. It illuminates a cometary-shaped reflection nebula, in whichan east-west oriented elongated structure is visible at near-infrared wavelengths, in-terpreted by Haas et al. (1997) as two lobes of a cone-like structure. One feature thatdistinguishes Elias 3-1 is that it is one of the only three sources known that shows the3.43 and 3.53 � m infrared emission bands, as well as the other infrared emission fea-tures usually attributed to PAHs (Schutte et al. 1990). No infrared emission lines weredetected.
 T Tau (IRAS 04190+1924) is a young binary system, consisting of an optically visibleK0–1e classical T Tauri star with an embedded ( ��� = 17 �
 � 4), more luminous, compan-ion. Both stars are surrounded by a compact nebula as well as spatially separated arc-shaped cloud 30
 � �
 to the west. The ISO SWS observations presented here only includethe compact nebula, whereas the LWS observations also include the more extendedcloud. Both the optically visible and embedded components of the T Tau system driveseparate molecular outflows, whereas the embedded source might also power a stringof Herbig-Haro objects as far away as 38 arcminutes (1.55 pc) from the source (Edwards& Snell 1982; van Langevelde et al. 1994; Reipurth et al. 1997). In the previous chapterwe studied the complete ISO SWS and LWS spectra of T Tau in more detail and came
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 to the conclusion that the observed molecular and atomic fine structure emission linespectrum can be well explained as arising in the superposition of a C-shock with aspeed of � 35 km s �
 �and a much faster ( � 100 km s �
 �) J-shock arising in a fairly dense
 (5 � 10�
 cm �� ) medium.
 HD 97048 (IRAS 11066 � 7722) is a fairly typical late B-type Herbig Ae/Be star lo-cated in the Chamaeleon I dark cloud. Wesselius et al. (1984) discovered the sourceto have a strong infrared excess, which was interpreted in terms of a flattened shell ordisk of dust particles heated by the central star by The et al. (1986). One feature thatdistinguishes HD 97048 is that it is one of the only three sources known that shows the3.43 and 3.53 � m infrared emission bands, as well as the other infrared emission fea-tures usually attributed to PAHs (Schutte et al. 1990). Although extended mid-infraredemission around HD 97048 has been reported from multi-aperture photometry (Prustiet al. 1994), unpublished � band imaging by the authors with the TIMMI instrumentat the ESO 3.6 m telescope show the source to be point-like (diameter � 1
 � �
 ), suggestingthat the extended emission might be limited to the PAH bands. Only weak [O I] and[C II] emission was detected. If we assume that this emission comes from the sameregion as the PAH emission, it is compatible with an origin in the surface layer of acircumstellar disk surrounding HD 97048, acting as a PDR.
 HD 97300 (IRAS 11082 � 7620) is a B9 star located in the Cha I complex. The absenceof H � emission and infrared excess at wavelengths shortwards of 5 � m suggests thatit is a relatively evolved object within the group of Herbig Ae/Be stars (The et al.1986). HD 97300 is located near (or is seen projected on) the reflection nebula Ced112, in which Siebenmorgen et al. (1998) discovered a ring of PAHs with ISOCAM. Noemission lines were detected with SWS.
 HR 5999 (IRAS 16052 � 3858) is one of the best studied Herbig Ae stars. In the visual,it shows irregular large-amplitude photometric variations due to variable amounts ofcircumstellar extinction (Tjin A Djie et al. 1989; The et al. 1996). HR 5999 is locatedin the pre-main sequence instability strip, and also shows regular pulsations similarto those observed in the evolved � Scuti stars (Kurtz & Marang 1995; Marconi & Palla1998). In the infrared, HR 5999 is a fairly isolated point source (Siebenmorgen et al.1997), suggesting the star has cleared most of its wide stellar environment. This is inagreement with the non-detection of infrared emission lines with ISO.
 R CrA is a well studied Herbig Ae star at the apex of a cometary nebula in theCorona Australis cloud. In the visual, it shows strong photometric variations, whileits visual absorption line spectrum is also variable, suggesting it may in fact be a com-posite system (Bibo et al. 1992; Chapter 3). Several strong molecular outflows con-taining knots of shocked gas have been detected in the vicinity of R CrA, but recenthigh-resolution continuum and molecular mappings of the region have shown thatthe driving sources of these are the embedded sources IRS7 and HH100-IR rather thanthe optical Herbig stars in the region (Harju et al. 1993; Anderson et al. 1997; Chap-ter 6). The detection of [S I] shows that a shock must be present within the SWS beam.Most likely, this is due to the outflow of IRS7.
 T CrA is a late-type Herbig star located in the tail of a cometary nebula in theCorona Australis cloud. It shows strong photometric variations in the visual, prob-
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 ably due to variable amounts of circumstellar extinction (Bibo et al. 1992). Based onoptical spectro-astrometric measurements, Bailey (1998) suggested T CrA to be a bi-nary system. Ward-Thompson et al. (1987) reported the presence of a jet associatedwith T CrA, but more recent papers suggest that this may in fact be part of the east-west molecular outflow from the source IRS7 in the region around R CrA (Canto etal. 1986; Harju et al. 1993; Anderson et al. 1997). The H � emission detected by ISO issuggestive of a C-shock which may be attributed to this same outflow.
 WW Vul (IRAS 19238+2106) is a prototypical Herbig Ae star showing large ampli-tude photometric variations due to variable circumstellar extinction (Friedemann et al.1993), as well as evidence for the presence of evaporating solid bodies (Grinin et al.1996). It shows a large infrared excess, indicative of the presence of a dusty circum-stellar disk or envelope. WW Vul is located in relative isolation, which is confirmed byour non-detection of infrared emission lines.
 BD+40 � 4124 (V1685 Cyg) is the most massive member of a small cluster of youngstars, commonly known as the BD+40 � 4124 group (Hillenbrand et al. 1992). It is theionizing source of a low-density ( � 10 � cm �
 � ) H II region, surrounded by a dense ( �10 � cm �
 � ) PDR (Chapter 8). The lines detected with ISO are indicative of PDR emission.In view of the luminosity of BD+40 � 4124 and the strong [C II] emission detected at theposition of LkH � 225, it seems likely that the PDR is more extended than the ISObeam and may in fact produce observable PDR emission lines throughout the opticalreflection nebula.
 LkH � 224 (V1686 Cyg) is a fairly typical Herbig Ae star located in the BD+40 � 4124region. In the optical it shows large variations in brightness due to variable amountsof circumstellar extinction (Wenzel 1980; Shevchenko et al. 1991). One remarkableaspect about LkH � 224 is the complete absence of a 10 � m silicate feature, either inabsorption or emission in its spectrum (Chapter 8). In Chapter 8 we also studied theinfrared emission line spectrum of LkH � 224 and concluded that it is most likely due tonon-dissociative shock produced by a slow ( � 20 km s �
 �) outflow arising from LkH �
 225.HD 200775 is the illuminating star of the well-known reflection nebula NGC 7023
 (IRAS 20599+6755). A biconical cavity of � 20� �
 diameter surrounds the star, outside ofwhich the nebulosity shows a highly filamentary structure (Rogers et al. 1995; Lemaireet al. 1996; Gerin et al. 1998). Observations with ISOCAM and ISOPHOT revealedthe nebulosity to show strong emission bands due to Polycyclic Aromatic Hydrocar-bons (Cesarsky et al. 1996; Laureijs et al. 1996). The SWS observations shortward of12.0 � m only include the central star and the cavity, whereas the SWS data at longerwavelengths as well as the LWS spectrum also cover part of the PDR. The [O I]/[C II]ratio clearly reflects this PDR nature. Fuente et al. (1999) have analyzed ISO SWSobservations centered on parts of NGC 7023 and concluded that they arise in a PDRwith temperatures in the range 300–700 K, and with an ortho/para ratio of H � of 1.5–2.Our observations suggest the PDR to have a density of � 10 � cm �
 � , much higher thanthe modelling results of the NGC 7023 PDR by Chokshi et al. (1988). Most likely thelines we have detected are dominated by a few of the high density clumps reported byMartini et al. (1997).
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 Fig. 10.7. Comparison of the sum the fluxes of all observed lines with � values asderived from the infrared continuum flux. Plots symbols have the same meaning asin Fig. 10.3. Lower limits are shown for objects in which one or two of the majorcoolants ([O I] 63 � m, [C II] 158 � m, [Si II] 35 � m) were not observed. Also shown arelines of equal � (ratio of gas heating to far-ultraviolet absorption rate of grains andPAHs).
 10.7 Discussion and conclusionsIn the previous sections we have seen that based on the observed H � and atomic fine-structure lines we can make a distinction between PDRs and shocks with relative ease,and derive the physical properties in the emitting region, provided that key lines like[S I], [O I] and [C II] and the low-lying pure rotational molecular hydrogen lines weredetected. The mere presence of [S I] is a sure way to recognize a shock, whereas the [O I]63.2 � m/[C II] 157.7 � m ratio is able to distinguish PDRs of average to high densityfrom shocks.
 An interesting question which we have not yet addressed in the previous sections iswhether the heating efficiency assumed in the theoretical models is confirmed by theobservations presented here. This efficiency will determine the absolute line fluxes,and could also influence the detailed structure of PDRs and shocks. For PDRs, themodel parameter which determines the efficiency is the ratio of gas heating to the far-ultraviolet absorption rate of dust grains and PAHs, � . On theoretical grounds, it isexpected that the maximum allowed value of � would be 3–5% (Bakes & Tielens 1994).This efficiency decreases when the PAHs are charged up and hence decreases withincreasing � (ionization rate) and decreasing � � (recombination rate; Bakes & Tielens1998). Since for most sources in our sample the lines which we have detected includethe major PDR coolants [O I] 63.2 � m, [C II] 158 � m and [Si II] 34.8 � m we are able todirectly derive a value of � for our PDR sources. For this reason, we we have plot-ted the summed intensity in all detected lines against the values of � derived from
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 the infrared continuum flux derived listed in Table 10.6. From this plot (Fig. 10.7), inwhich we also show lines of constant � , it can be seen that most of our PDR sources (asidentified from the associated PAH emission) have � of a few times 10 �
 � . This estimateis nearly independent of the beam filling factor. Although somewhat lower than as-sumed in most PDR models, this value agrees well with those observed towards PDRsin different astrophysical environments (see e.g. Hollenbach & Tielens 1999).
 As a final note to this chapter, let us now wonder how to put our main results,that both shocks and PDRs are observed near Class I YSOs, whereas Class II YSOsonly show PDR emission, in context. In the previous sections we have seen that thedetection of [S I], indicative of shocks, and PAH-emission, indicative of PDR activity,appear mutually exclusive. To illustrate this mutual exclusion of [S I] and the PAHemission and to illustrate its dependence on the evolutionary state of the YSO, wehave created plots of the luminosity in the [S I] 25.3 � m line and in the 6.2 � m PAHband, normalized to the bolometric luminosity, against the visual extinction � � for thesources in our sample (Fig. 10.8). We can see here that the Class I sources for whichwe have detected [S I] emission, LkH � 225 and Cep A East, are also among the sourceswith higher values of � � . However, apparently the mere embeddedness of a sourcedoes not guarantee that strong [S I] is present, as evidenced by some of the upper limitsplotted in Fig. 10.8. Note that the three Class II sources in whose vicinity we havedetected [S I] emission, T Tau, LkH � 224 and R CrA, are all located near Class I sourcesdriving a strong bipolar outflow. We associate the observed [S I] emission in these threesources with the embedded instead of the optical star.
 PAH emission was observed in both Class I (IRAS 03260+3111, GGD 27-ILL, S106IRS4) and Class II (BD+40 � 4124, HD 97048) sources. The range in fraction of the to-tal luminosity coming out in the 6.2 � m C–C stretch mode does not appear differentbetween the two groups, although the cooler stars in both groups appear to have ahigher ������� � � � ��� than the hotter stars. The values of � � used in Fig. 10.8 are those forthe associated continuum source; the lines do not necessarily have to suffer from thesame amount of extinction. Because a young star is expected to clear its circumstellarenvironment as it accretes mass, these values of ��� may be taken as a rough indica-tion of evolutionary status. Geometry is however also important in interpreting theseresults as exemplified by S106 IRS4 where our direct view of the YSO is inhibited byan optically thick circumstellar disk but the gas along the poles is photoionized by thestar (Chapter 7).
 It is interesting that the most embedded source in our sample, Cep A East, also hasthe highest [S I] luminosity, and that all Class I sources which show PAH emission areonly moderately embedded. This is exactly what one would also expect: as a star hasjust formed, it is heavily embedded and any PAH emission arising in a PDR close tothe star will be completely obscured. As long as the young star accretes matter it willalso drive a bipolar outflow, which can power a shock as it interacts with the ambientmedium. As this process proceeds, the surroundings of the star are cleared and the UVradiation from the newly formed star can escape to illuminate a PDR. The intensity ofthe PDR emission is mainly determined by its spatial extent. As the material in thewide circumstellar environment is slowly cleared by the still strong stellar wind and
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 Fig. 10.8. Comparison of flux emitted in [S I] 25.3 � m (top) and 6.2 � m PAH band(bottom) with estimated visual extinction towards the associated source. Plot symbolshave the same meaning as in Figs. 10.4–10.6.
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Chapter 11
 Conclusions and Outlook
 11.1 IntroductionIn the previous chapters we recovered several well-known results from literature, aswell as made new conclusions as to the intricacies of the star formation process and itimplications for planet formation. In this concluding chapter we will briefly recapit-ulate the main results of this thesis, outline the new questions that these results haveproduced, and discuss the ways in which these problems may be solved in the future.
 11.2 Herbig Ae/Be starsIn Chapters 2–5 we have studied the properties of Herbig Ae/Be stars (HAeBes) us-ing a variety of techniques. In Chapter 2 we have studied the basic stellar propertiesof a small sample of HAeBes using newly obtained astrometric data from the Hippar-cos mission, which allowed us, as the first ones, to compute the location of a sampleof HAeBes in the Hertzsprung-Russell diagram without making any a priori assump-tions about a physical association with a star forming region, as was necessary in allprevious studies. The basic conclusion from this study, as well as the more extensivestudy done in Chapter 3, is that most HAeBes in our sample must indeed be pre-mainsequence stars. This is an important basic conclusion, which has entered into moststudies of HAeBes implicitly in the past, but is now rigorously proven. However, thesample of stars for which we were able to obtain reliable distance estimates in Chap-ters 2 and 3 has strong observational biases. Because the nearest site of the formationof massive stars, the Orion complex, is located too far away for the Hipparcos missionto yield a reliable parallax for individual stars, we only have a reliable distance esti-mate for one early B-type star, HD 200775, whose location in the HRD has proven tobe somewhat deviant; it appears above the zero-age main sequence whereas such abehaviour would not be expected for a massive young star. With the present data wecannot decide whether this one star in our sample is representative of all Herbig Bestars. The development of a successor to the Hipparcos mission which would also beable to observe the parallaxes of the early-type HAeBes out to 2 kpc, such as currently
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 planned by the European Space Agency, would be a chance opportunity to investigatethis question and put the stellar pre-main sequence evolutionary models for massivestars to a rigorous test. For now, we conclude that for masses up to 5 M � , the basicstellar data and the models agree well.
 In Chapters 2–5 we not only studied the Herbig Ae/Be stars themselves, but mainlyfocussed on the dust in their direct circumstellar environment. In Chapters 3 and 4 westudied this dust through its effect on the light of the central star as it moves in and outof our line of sight. We showed that such an effect can only be seen towards HerbigAe/Be systems with a central star of spectral type A0 or later, which we explained asbeing due to the evolutionary effect that Herbig Be stars are not optically visible whilestill contracting towards the zero-age main sequence. The current view in literatureof this effect of variable circumstellar extinction in Herbig Ae stars is that it is causedby patchy dust clouds located in the circumstellar disk. In this view, the presence ofvariable circumstellar extinction could be interpreted as a sign of seeing the systemedge-on. However, in this thesis we have presented several facts that are hard to rec-oncile with such a scenario. The remarkable photometric behaviour of the Herbig Aestar V351 Ori, discussed in Chapter 4, seems to indicate that a large fraction of all Her-big Ae stars may be alternating between a state in which they do show evidence forvariable circumstellar extinction and one in which they do not, whereas the total dustmass in the inner disk, as traced by the near-infrared excess, remains constant. This,as well as the lack of periodicities found in the photometric events and the lack ofcorrelation of the stellar ��� ��� � with level of photometric variability, discussed in Chap-ter 3, leads us to question the presence of patchy dust clouds located in a circumstellardisk as the cause of the variable circumstellar extinction. A more viable way of ex-plaining this may be to think of the photometric events as being due to the passageand breaking-up of large comet-like bodies orbiting the system. These comet-like bod-ies, whose existence was already inferred from gas-phase absorption-line studies, neednot be necessarily confined to the equatorial plane of the system and may explain allvariable extinction phenomena discussed in this thesis. A study relating these two phe-nomena of gas-phase and dust absorption in HAeBes is badly needed and should beable to confirm or disprove our suggestion that the two have the same cause, infallingevaporating comet-like bodies, with relative ease.
 Although the presence of patchy dust clouds moving in and out of our line of sightmight be dubious, there is no question that a dusty circumstellar disk must be presentin Herbig Ae/Be systems. This disk will be responsible for the excess emission seen atinfrared wavelengths. Probably the central issue in the study of Herbig Ae/Be stars inthe years to come will be how this circumstellar disk is transformed into a planetarysystem. In Chapter 2 we suggested a simple evolutionary scenario in which a gap isopened in the disk due to the formation of a large, possibly planet-like, body, afterwhich the inner disk will gradually be accreted, either on the central star or on planet-like bodies, and only the outer disk will remain. There is no doubt that the formationof a planet will indeed cause the phenomena described above. However, a questionwhich is still open is whether a dip in the spectral energy distribution around 10 � m,as we found for a number of stars in Chapter 2, can be equated to such a gap in the disk
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 or can also be caused by other phenomena such as optical depth effects on the disk’stemperature structure. Further theoretical work on the structure of disks surroundingHAeBes should be able to give the answer to the latter question within the next fewyears and thus show whether the evolutionary scenario outlined in Chapter 2 remainsviable. Observationally, the presence of disk gaps in the sources for which we foundenergy distribution dips around 10 � m can be tested when infrared instrumentationof higher angular resolution, such as the interferometer on ESO’s Very Large Telescope(VLT), become available.
 In Chapter 5 we looked in more detail at the thermal emission from dust in the disksof two comparable Herbig Ae systems, AB Aur and HD 163296, using data from the In-frared Space Observatory (ISO). We saw that in the dust in both these systems, significantgrain growth has already occurred. However, the degree in which this has happened,as well as the degree in which the dust has crystallized, differs greatly between thesetwo systems of identical mass and age. This conclusion should not come as a great sur-prise, since studies in the past have shown that for pre-main sequence stars in youngclusters, the presence of a disk itself is poorly correlated with stellar age. Clearly otherparameters than stellar mass and age determine the dissipation speed of a circumstel-lar disk. Further research to find out what these other parameters are (influence of thewide circumstellar environment? presence of low-mass, perhaps planetary, compan-ions?) is clearly needed. Another, more unexpected, conclusion reached in Chapter 5is that the processes of grain growth and crystallization are poorly correlated. We haveonly briefly investigated the causes of grain growth and crystallization in this thesis.Because the physical mechanisms behind these processes are still poorly understood, itremains unclear what the poor correlation noted in this thesis tells us about the phys-ical processes occurring in the circumstellar disks of HAeBes. It also remains unclearwhat the better tracer of the evolutionary state of the disk is: grain growth or crystal-lization? In the next few years, the answers to these questions may come from newtheoretical work. In the more distant future, more sensitive infrared spectrometers,such as those on board SIRTF and SOFIA, but also Vizier on the VLT, will open up theopportunity to investigate these questions by not only studying the dust compositionof the infrared brightest HAeBes, as was possible with ISO, but also study the wealthof HAeBes in the Orion complex. These new instruments will also push the amount ofthermal emission required to do these studies down, so it will also be possible to studythe more evolved systems with less circumstellar dust and trace the evolutionary pro-cesses described in this thesis to a later stage in the formation of planetary systems.
 Another way to study the amount and dissipation of dust around Herbig Ae/Bestars would be through submillimeter photometry. In Chapter 6 we have followed thisapproach to study the dust in the star forming region associated with the Herbig stars Rand T CrA, using 450 and 850 � m maps obtained with the newly installed SubmillimeterCommon User Bolometer Array (SCUBA) at the JCMT. An important conclusion fromthis chapter is that extended emission is present throughout the region at both 450 and850 � m. Our SCUBA maps do not show an enhanced intensity at the positions of theHerbig Ae/Be stars R CrA and T CrA, showing that their intrinsic submm flux mustbe smaller than previously thought. In Chapter 6 we did find six point-like submm
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 sources in the R CrA region. Two of these could not be identified with a near-infraredsource, making them valid new candidates for Class 0 sources. In view of the smallextent of the mapped region, this number of at least two is surprisingly high. This leadsus to conclude that either Class 0 sources cannot be unambiguously identified withprotostars, or that protostellar collapse must be slower than predicted by the models.
 11.3 Emission line studies of star forming regionsIn Chapters 7–10 we studied the infrared emission line spectra of a number of starforming regions using data obtained with the Infrared Space Observatory, and concludedthat the infrared atomic fine structure lines and the molecular emission lines are domi-nated by emission from photodissociation regions (PDRs) and/or shocks. In Chapters7–9 we looked in some detail at individual star forming regions, of different mass andage, whereas in Chapter 10 we focussed more on the physical processes occurring inthe sample as a whole.
 The most striking aspect of the environment of the two massive young stars studiedin Chapter 7, S106 and Cep A East, is how different the two are in terms of the emis-sion line spectrum and the solid-state absorption. We concluded that it is not possibleto explain the differences between the two in terms of a different orientation and thedifferences must be understood in terms of evolution, in which Cep A East, with anemission line spectrum dominated by shocks, is the more embedded, younger, of thetwo, and S106, with an emission line spectrum caused by the combination of its H II re-gion and the adjoining PDR, is a more evolved young star seen nearly edge-on. In fact,if we would have observed the S106 system at a smaller inclination angle, it might haveappeared as the more massive counterpart of the Herbig Be star BD+40 � 4124, studiedin Chapter 8. In this chapter we saw that this star may have produced a low-densityH II region in its wide circumstellar environment, whereas smaller patchy clouds in itsneighbourhood may have escaped photoionization and remain observable as a PDRtoday.
 In Chapter 8 we have also studied two other YSOs in the BD+40 � 4124 region, theHerbig Ae star LkH � 224 and the embedded YSO LkH � 225. The most remarkableaspect of LkH � 224 is its smooth infrared spectrum, devoid of any solid-state features.If we compare this spectrum with the rich solid-state emission spectra of the Herbig Aestars AB Aur and HD 163296, studied in Chapter 5, this featureless infrared spectrumis even more striking. In Chapter 8 we explained this absence of dust features in LkH �224 as being due to the presence of an optically thick disk. Yet it remains unclear whatthe evolutionary connection between the disks of these three systems is. A systematicstudy of the infrared spectra of a larger sample of HAeBes using the newest generationof infrared spectrometers will very likely give new clues to the answer of this question.
 Another important new result reached in Chapter 8 is based on the ISO spectra ofthe embedded YSO LkH � 225. The emission line spectrum of this source could be wellexplained as arising in a shock driven by its outflow. The molecular absorption linespectrum of this source remains puzzling, however. We found that the line of sight
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 towards this object sets a new record for the gas to solid ratios of CO � and H � O. TheCO � gas/solid ratio is at least a factor 100 higher than that found in any other line ofsight so far. With the data presented in this thesis we were unable to infer whether thisunexpected result is because the molecular core in which LkH � 225 is located is moreevolved than that towards other sources, or that this core is heavily disrupted by itsvicinity to BD+40 � 4124. The answer to this question is of potentially great importance,because if it is found that this system is located in the most evolved molecular coreknown to date, it holds the potential to further our knowledge of the poorly under-stood physical and chemical processes involved with core collapse. The answer maycome within the near future by studying gas/solid ratio’s in the line of sight towardsweaker infrared sources in the vicinity of LkH � 225, for which ISO lacked both thesensitivity and spatial resolution, with an instrument like Vizier on the VLT.
 Another approach to finding out the reason of the anomalous solid/gas ratio inthe line of sight towards LkH � 225 would be to perform similar studies on seeminglysimilar systems. One of the classical young stellar objects, the binary system of T Taustudied in Chapter 9, might be a prime example. This system also serves to illustratehow complex and confused the surroundings of YSOs can be. We found that to explainthe emission line spectrum observed with ISO, we needed at least three sources of H �
 emission, probably all of them shocked gas driven by outflows from the two compo-nents of T Tau. A not well understood phenomenon is why the two components of TTau seem to have a different orientation, whereas they are obviously physically con-nected. To extend the analogy with the multiple system LkH � 225, it would be worth-while to study the kinematics of the gas in this latter system in more detail as well, tosee whether the same enigmatic non-parallel orientations also occur here and thus tellus something the formation history of these highly unusual young stellar systems.
 The most rigorous test of our interpretation of infrared emission line spectra asarising in PDRs and shocks was done in Chapter 10. Here we used ISO to study thecircumstellar environment of 10 embedded YSOs and 11 Herbig Ae/Be stars. We foundthat the distinction between PDRs and shocks can be made with relative ease usinginfrared spectroscopy using the presence of [S I] emission (indicative of the presence ofa shock), strong [C II] emission (PDR) and PAH emission (PDR). Based on these resultswe suggested an evolutionary scenario in which the circumstellar material around ayoung star changes from being heated mechanically by shocks into heated by radiationfrom the central star through a PDR as the star clears its surroundings.
 In Chapter 10 we also tested current models in literature for PDRs and shocks bycomparing their predicted infrared emission-line spectra with those observed withISO. Qualitatively, we found good agreement between the observed emission line spec-trum and that predicted by PDR models. However, the models appear to underesti-mate the temperatures reached in the H � emitting region. The results presented herealso confirm earlier suspicions that the commonly observed [O I] 63.2 � m line can suf-fer from self-absorption in many regions where it is observed and hence should beused with caution to constrain PDR model parameters.
 For shocks we also found qualitative agreement between the observed emissionline spectrum and that predicted by models. However, the H � emission invariably
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 seems to produce two thermal components, whereas the plane-parallel J- and C-shockmodels we used for comparison only predict one such component. This need for a two-component structure was also found from the analysis of the atomic infrared fine struc-ture lines. Clearly the employed simple shock models are too simplified to be used fora quantitative analysis and models that correctly describe the two-dimensional struc-ture of a shock are needed to explain our observations.
 11.4 Concluding RemarksAs the results presented in this thesis have shown, the development of new astronom-ical instrumentation like the ISO and Hipparcos satellites has rapidly increased ourknowledge of the processes leading to star formation. Although the new results in-variably raise new questions, we have come closer to the solutions of old problemsand mysteries. Progress in understanding our own origins has been made.
 In the foreseeable future many new instruments will be developed to study theorigins of planetary systems like our own. With these future developments, it seemslikely that the rapid progression of our knowledge of young stars will continue andremain to make the field of star formation one of the most exciting in astrophysics fordecades to come.
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Nederlandse Samenvatting
 Sterren worden gevormd uit grote wolken van stof en gas die in de interstellaire ruimtevoorkomen. Zo’n wolk stort uiteindelijk onder de invloed van zijn eigen zwaartekrachtin elkaar tot het een bol van gas (het stof verdampt of blijft rond de ster zitten) heeftgevormd waarin in de kern de druk zo hoog is opgelopen dat waterstof in helium kanworden omgezet: een ster. Als een ster net gevormd is, bevindt zich rond de jonge sternog materie uit de oorspronkelijke wolk. Dit proefschrift gaat over waarnemingen vandit circumstellaire materiaal (gas en stof) rond jonge sterren. Het is van belang om ditte bestuderen omdat we denken dat uit dit materiaal uiteindelijk planetenstelsels ron-dom andere sterren worden gevormd en we op deze manier wellicht te weten kunnenkomen of die andere planetenstelsels lijken op het onze of juist helemaal niet en we ookmeer kunnen leren over hoe ons eigen zonnestelsel is gevormd. In deze Nederlandsesamenvatting zal ik proberen op ook voor leken begrijpelijke wijze uit te leggen watwe hierover hebben geleerd door middel van het onderzoek wat ik de afgelopen vierjaar heb gedaan.
 Dit proefschrift is voornamelijk gebaseerd op waarnemingen gedaan met twee satel-lieten van de Europese ruimtevaartoganisatie ESA, Hipparcos en het infrarood ruimte-observatorium, ISO. De eerstgenoemde satelliet was in staat om heel nauwkeurig deposities van sterren aan de hemel te meten. Omdat de aarde om de zon draait, li-jkt het of alle sterren aan de hemel elk jaar een klein stukje heen en weer bewegenals je ze vanaf de aarde of een satelliet als Hipparcos die om de aarde heen draait be-kijkt. De grootte van die beweging, de zogenaamde parallax, vertelt je hoe ver zo’nster van ons verwijderd is. In Hoofdstuk 2 en 3 van dit proefschrift heb ik deze paral-laxgegevens van een aantal Herbig Ae/Be sterren, massieve jonge sterren die voor heteerst bestudeerd zijn door de Amerikaanse astronoom George Herbig in de jaren zes-tig, en de gegevens over de helderheid van deze sterren die Hipparcos ook opleverdegeanalyseerd. Hieruit blijkt dat als je hun gemeten helderheid corrigeert voor afstand,Herbig Ae/Be sterren helderder zijn dan sterren van gelijke temperatuur die niet zojong meer zijn. Dit is een resultaat wat ook verwacht werd omdat we denken dat dezejonge sterren nog aan het samentrekken zijn. Ze zijn dus nog groter dan de ouderesterren en omdat ze een groter stralend oppervlak hebben zijn de ook helderder. Nukunnen we dus stellen dat de helderheid van een jonge ster, in combinatie met de tem-
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 peratuur van de ster, een maat is voor hoe oud zo’n ster is en in Hoofdstuk 2 en 3 zijnvan een aantal sterren leeftijden bepaald. Nu was van deze sterren al bekend dat zeook nog een schijf bestaande uit stof en gas om zich heen hebben. Het stof in zo’n schijfwordt verwarmd door de centrale ster, en begint dan infrarood- of warmtestraling uitte zenden. Door de bestaande gegevens over de infraroodstraling van de bestudeerdejonge sterren te combineren met de nieuw bepaalde leeftijden, kon ik in Hoofdstuk 2laten zien dat er op een gegeven moment in de evolutie van een jonge ster eerst minderinfraroodstraling met een golflengte rond 10 � m lijkt te worden geproduceerd, waarnaook infraroodstraling van kortere golflengte afneemt. Dit kan verklaard worden dooraan te nemen dat bepaalde stukken uit de schijf lijken te verdwijnen, bijvoorbeeld do-ordat in dit gedeelte van de schijf zich een planeet heeft gevormd.
 In Hoofstuk 3 heb ik ook beter gekeken naar de helderheid van de Herbig Ae/Besterren die door de Hipparcos satelliet zijn gemeten. Het blijkt dat van meer dan 65%de helderheid niet constant is, maar variaties vertoont. Verder bleek dat grote variatiesalleen voorkomen bij relatief koele sterren. Deze grote variaties worden waarschijnlijkveroorzaakt door grote wolken van stof die zich in en uit onze gezichtslijn naar dester bewegen en daardoor het licht van de ster verzwakken. Tot nu toe werd gedachtdat deze stofwolken zich in de schijf rond de ster bevinden. In Hoofdstuk 3 toon ikaan dat dit effect alleen het al dan niet voorkomen van die variaties in helderheid nietkan verklaren. In Hoofstuk 4 kijk ik in meer detail naar de variaties in helderheid vaneen jonge ster, V351 Ori, gebruik makend van waarnemingen die gedurende 10 jaarzijn vergaard op de Europese Zuidelijke Sterrenwacht (ESO) in Chili. Het blijkt dat ditobject gedurende de tijd dat wij hem hebben waargenomen veranderd is van een sterdie wel grote variaties in helderheid vertoont in een ster die vrijwel constant is, terwijlde hoeveelheid infraroodstraling die we van deze ster ontvangen in de tussentijd nietveranderd is. Ook dit gedrag valt moeilijk te verklaren met obscuratie van sterlichtdoor de stofwolken in de schijf rondom de ster.
 Hoofstuk 5 is het eerste hoofdstuk in dit proefschrift waar we waarnemingen ana-lyseren gedaan met ISO. Deze satelliet is gebouwd om voor het eerst nauwkeurig dehoeveelheid infraroodstraling die we ontvangen van objecten aan de hemel als func-tie van golflengte te kunnen meten. Dit kan niet vanaf de aarde gebeuren omdat dedampkring een groot gedeelte van deze straling blokkeert. In Hoofstuk 5 analyseer ikmet behulp van ISO gegevens het stof in de schijf rond twee jonge sterren, AB Aur enHD 163296. Volgens de met Hipparcos uitgevoerde studie in Hoofdstuk 2 en 3 zoudendeze twee sterren als twee druppels water op elkaar moeten lijken. We vinden echterdat het stof rond AB Aur bestaat uit silicaten, ijzer-oxide en polycyclische aromatis-che koolwaterstoffen (PAHs), hele kleine koolstofrijke stofdeeltjes, terwijl het stof rondHD 163296 bestaat uit silicaten, ijzer-oxide en ijs. Verder vinden we dat de silicatenin AB Aur een amorfe (de atomen zijn niet netjes geordend in een rooster) structuurhebben, terwijl een klein gedeelte van de silicaten in HD 163296 uit kristallen bestaat.Ook blijken de stofdeeltjes rond HD 163296 gemiddeld veel groter te zijn dan die rondAB Aur. Het blijkt dus dat de leeftijd en massa van de centrale ster (die voor dezebeide sterren gelijk is) ons niet alles verteld over wat er is gebeurd met de stofdeeltjesin de schijf. Ook blijkt dat de processen van kristallisatie en de groei van stofdeeltjes,
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 waarvan we denken dat die ook in ons eigen zonnestelsel hebben plaatsgevonden toenhet nog jong was, niet noodzakelijkerwijs gekoppeld zijn.
 In Hoofstuk 6 analyseer ik veel kouder stof op een plek waarvan we denken dat erop dit moment sterren worden gevormd, het R CrA gebied, met behulp van kaartendie ik op een golflengte van 450, 800 en 850 � m van dit gebied heb gemaakt met behulpvan de James Clerk Maxwell Telescope (JCMT) op Hawaii. Het blijkt dat het hele gebiedstraalt op deze hele lange golflengtes, waar we naar heel erg koud stof zitten te kijken.Er zijn echter ook minimaal zes compacte bronnen, waarschijnlijk jonge sterren, in hetgebied die veel helderder stralen bij deze lange golflengtes. Daarvan zijn er zeker tweeniet zichtbaar in het optisch of infrarood. Normaal gesproken worden deze bronnendie alleen bij heel erg lange golflengtes zichtbaar zijn geıdentificeerd met heel erg jongesterren waarvan de vormende wolk nog bezig is in te storten. In het R CrA gebiedvind ik echter minimaal twee van deze bronnen, wat uitermate onwaarschijnlijk zoumoeten zijn omdat het ineenstorten volgens de theorie heel erg snel zou moeten gaan.Of de door de theorie voorspelde tijdschaal, of de identificatie van de alleen bij langegolflengtes zichtbare bronnen met zich vormende sterren moet dus onjuist zijn.
 In de hoofstukken 7 tot 10 keren we terug naar infrarood waarnemingen gedaandoor de ISO satelliet, maar nu kijken we naar infrarood straling van gas rondom jongesterren in plaats van emissie door stofdeeltjes. Het onderscheid tussen beide vormenvan emissie is eenvoudig te maken omdat stof op vrijwel alle infraroodgolflengtesstraalt, terwijl gas alleen maar straalt op scherp bepaalde golflengtes (een foton wordtdoor een atoom uitgezonden als een electron “van plaats veranderd”, en de quantum-fysica leert ons dat dat niet willekeurig kan gebeuren, maar altijd in bepaalde stapjes,waardoor de energie, en dus de golflengte, van het foton ook maar bepaalde waardenaan kan nemen). Om infrarood straling van gas waar te kunnen nemen met de instru-menten aan boord van ISO moet het gas een temperatuur bereiken van enkele hon-derden graden boven het absolute nulpunt. We kunnen drie mechanismen bedenkenwaardoor het geval zou kunnen zijn. Allereerst kunnen de energierijke fotonen vaneen hete ster electronen uit hun atoom bevrijden, waarna ze weer met andere deeltjeskunnen botsen en op die manier het gas verwarmen. Omdat de atomen in zo’n H IIgebied een gedeelte van hun electronen verliezen, krijgen ze een negatieve elektrischelading, of worden ze geıonisserd.
 Een tweede mogelijkheid om een gebied in de ruimte tot enkele honderden gradente verwarmen is door middel van het fotoelektrisch effect: Als een atoom door lichtwordt beschenen dat volgens de klassieke natuurkunde niet genoeg energie per fotonbevat om een electron los te maken, voorspelt de quantumfysica dat er een kans is datdit toch gebeurd. Dit fotoelektrisch effect is van belang omdat vrijwel al het gas in deinterstellaire ruimte bestaat uit de elementen waterstof en helium. Alle fotonen die ge-noeg energie bezitten om waterstof te ioniseren zullen dus bijdragen aan de vormingaan een H II gebied en niet kunnen ontsnappen. Fotonen met minder energie kunnenhet H II gebied echter ongestoord passeren, maar via het fotoelektrisch effect toch bij-dragen aan de verwarming van het gas in het fotodissociatie-gebied (PDR) daarbuiten.
 Een derde mogelijkheid om gas in de interstellaire ruimte te verwarmen is doormiddel van een schok. Jonge sterren winnen niet alleen massa door inval van materie
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 uit hun schijf, maar ze verliezen ook materie die via de polen van het stersysteem terugde ruimte wordt ingeblazen. Als deze sterk samengeperste “wind” met hoge snelheid(tot enkele honderden kilometers per seconde) op de omringende materie botst, kanook deze materie worden verwarmd en zo lijnstraling in het infrarood produceren.
 In Hoofdstuk 7 heb ik de ISO spectra van twee zware jonge sterren, S106 en Cep AOost, vergeleken en er bleek dat deze twee objecten een heel verschillend emissielijn-spectrum en heel veschillende absorpties door vaste stoffen vertonen. Het emisielijn-spectrum van S106 bleek te kunnen worden verklaard door een model voor een H IIgebied en een PDR, terwijl dat van Cep A Oost gedomineerd wordt door schokken. Deverschillen tussen deze twee jonge systemen kunnen eigenlijk niet verklaard wordendoor aan te nemen dat we ze onder verschillende hoeken zien, maar kunnen alleenverklaard worden door aan te nemen dat het ene systeem, Cep A Oost, jonger is danhet andere en uiteindelijk zal evolueren in een systeem dat lijkt op S106. Het systeemS106 zou mogelijk net zo geevolueerd kunnen zijn als dat van de minder massievejonge ster BD+40 � 4124, bestudeerd in Hoofdstuk 8.
 In Hoofdstuk 8 heb ik ook twee andere systemen in hetzelfde stervormingsgebiedals BD+40 � 4124 bestudeerd, de Herbig Ae ster LkH � 224 en het ingebedde jonge objectLkH � 225. Het emissielijn-spectrum van LkH � 225 kan goed worden verklaard alsveroorzaakt door geschokt gas. Het absorptiespectrum van deze ster is echter raad-selachtig. De verhouding van het gas in CO � en H � O tot het ijs in deze stoffen is veelhoger dan ooit in enige andere gezichtslijn is gevonden. Het zou kunnen dat de wolkwaarin LkH � 225 zich bevindt veel warmer is, en daarom meer geevolueerd, dan an-dere wolken. Een andere verklaring is dat de nabijheid van de massieve, hete jongester BD+40 � 4124 de buitenlagen van de wolk, waar zich het koudste materiaal bevindt,heeft verwijderd. Met de huidige gegevens kunnen we niet concluderen welke verklar-ing de juiste is, maar dit is een dusdanig belangwekkende ontdekking dat deze vraagin de toekomst zeker moet worden onderzocht.
 In Hoofstuk 9 heb ik het infrarode spectrum van waarschijnlijk de meest bekendejonge ster aan de hemel, T Tauri, bestudeerd. Hieruit leidde ik af dat in dit jong sys-teem, waarvan al bekend was dat het uit een dubbelster-systeem bestaat, er twee bron-nen van geschokt gas moeten zijn. Het blijkt dus dat waarschijnlijk beide sterren inhet T Tauri systeem een uitstroom van materie vertonen die vervolgens een schokveroorzaken als ze in aanraking komen met het omringende materiaal.
 In Hoofdstuk 10 tenslotte bestudeer in de ISO spectra van een grotere groep jongesterren. Ik vind hier dat we met de drie hierboven beschreven fenomenen, H II ge-bieden, PDRs en geschokt gas, elk spectrum kwalitatief goed kunnen verklaren. Quan-titatief echter lijken modelberekeningen de temperaturen die bereikt worden in PDRsen geschokt gas te onderschatten. Het onderscheid tussen gebieden gedomineerd doorPDRs en schokken, tot nu toe problematisch, blijkt met behulp van de ISO gegevenseenvoudig te maken. Met behulp hiervan suggereer ik in Hoofdstuk 10 een evolution-air scenario waarin het infrarood spectrum van jonge sterren eerst gedomineerd wordtdoor geschokt gas, waarna als de ster z’n omgeving schoonveegt het PDR dicht bij dester zichtbaar wordt en het spectrum gedomineerd wordt door straling van het PDR.
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